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Abstract 



Cosmic structure originated from minute density perturbations in an almost homo- 
geneous universe. The first stars are believed to be very massive and luminous, 
providing the first ionizing radiation and heavy elements to the universe and forming 
100 million years after the Big Bang. The impact from primordial stellar radiation 
is far reaching and affects subsequent star and galaxy formation. In this thesis, we 
present results from adaptive mesh refinement calculations of the formation of the 
first galaxies. We gradually introduce important physical processes, such as molecu- 
lar hydrogen cooling and stellar feedback, to base models that only consider atomic 
hydrogen and helium cooling. In these base models, we find that gas in dark matter 
halos with masses ~1O 8 M centrally collapse before multiple fragmentation occurs in 
a global disc. We then investigate the importance of molecular hydrogen cooling in 
early structure formation in the presence of a soft ultraviolet radiation background. 
We find that molecular hydrogen plays an important role in star formation in halos 
well below a virial temperature of 10,000 K even in the most extreme assumptions of 
negative radiative feedback. We also present results from the first radiation hydrody- 
namics calculations of early dwarf galaxy formation. We develop a novel technique, 
adaptive ray tracing, to accurately transport radiation from primordial stars. We find 
primordial stellar feedback alters the landscape of early galaxy formation in that its 
angular momentum is increased and baryon fractions are decreased. We also describe 
the metal enrichment of the intergalactic medium and early dwarf galaxies. Finally 
we explore cosmological reionization by these massive, metal-free stars and its effects 
on star formation in early galaxies. 
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Preface 



The purpose of this preface is to provide a synopsis of the original methods and 
applications developed by the candidate for the work presented in this thesis. I also 
describe the most important conclusions of the thesis that have not been demonstrated 
yet by numerical simulations. 

The first luminous objects are believed to have a profound impact on its sur- 
roundings and future star and galaxy formation. There have been numerous numeri- 
cal studies concerning (i) primordial star formation, (ii) primordial stellar feedback, 
and (iii) early galaxy formation. However, nobody has been successful in accurately 
simulating the evolution of ionized and heated regions around the first stars until 
the epoch of galaxy formation. In this thesis, I connect these three topics together. 
We approach this problem methodically through an extensive suite of adaptive mesh 
refinement simulations that focus on the formation of some of the earliest galaxies in 
the universe while including important physical processes, such as molecular hydrogen 
cooling and radiation transport. 

Chapter 2, "The Number of Supernovae from Primordial Stars in the Universe", 
describes results from a semi-analytic model of star formation and feedback that was 
developed by the candidate. Although such models are widespread in the literature, 
our approach includes a time- dependent and self-consistent approach to include neg- 
ative feedback. It considers a soft ultraviolet radiation background that is generated 
by ongoing star formation, which in turn suppresses future star formation by requir- 
ing a larger dark matter halo mass to form primordial stars. The critical halo mass 
is generally set to be constant in many semi-analytic models that focus on primor- 
dial star formation and reionization. This aspect sets our approach apart from other 
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studies. This chapter was published in the The Astrophysical Journal, 2005, Volume 
629, 615. 

Chapter 3, "The Virialization of Baryons in Protogalaxies" , shows that baryons 
experience an analog of violent relaxation that happens in the virialization of colli- 
sionless dark matter. Some groups assume that pre-galactic gas clouds rotate like 
solid bodies that collapse into galactic discs. This assumption dates back to Crampin 
& Hoyle (1964), who showed that the rotation curves of spiral galaxies could be ex- 
plained by a uniform rotating spheroid. We show that virialization stirs turbulence 
to become supersonic. In other words, turbulent velocities dominate the rotational 
ones. The properties of a turbulent collapse differ greatly from a solid body rotator 
and should affect calculations that rely on these idealized initial conditions. This 
chapter has been submitted to The Astrophysical Journal for publication. 

Chapter 4, "Central Gas Collapse of a Atomic Hydrogen Cooling Halo", applies 
theories of rotational bar-like instabilities to the context of a collapsing cosmological 
halo. The instabilities are secular in that turbulent viscosity amplifies perturbations 
created when rotational energies are large enough. We were the first to demonstrate 
that these instabilities occur in the gaseous collapse of turbulent clouds in numerical 
simulations. I interpreted and confirmed that our data exhibited such an instability. 
These bars transport angular momentum outward so that only the gas with the 
lowest specific angular momentum falls to the center. This partially alleviates the 
difficulties imposed by angular momentum conservation during a gaseous collapse to 
a dense central core if one considers the initial gas cloud as a solid-body rotator. This 
scenario is also applicable to star formation in galactic molecular clouds. 

Chapter 5, "Suppression of H2 Cooling in the UVB" , strengthens the importance 
of molecular hydrogen cooling in dark matter halos with masses well below the ones 
associated with galaxy formation. We show that molecular hydrogen cooling cannot 
be neglected when studying structure formation in the early universe. 

Chapter 6, "The Nature of Early Dwarf Galaxies", and Chapter 7, "How Massive 
Metal- Free Stars Start Cosmological Reionization" , focus on the radiative feedback 
from primordial stars and its impact on early galaxy formation and the beginning of 
cosmological reionization. We have developed a novel technique, adaptive ray tracing 
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(Abel & Wandelt 2002), to accurately compute radiation transport from point sources. 
Tom Abel originally integrated this method into a single-processor version of the 
AMR code enzo. The radiative transfer is coupled with the hydrodynamics, energy, 
and chemistry solvers in enzo. I then created and tested routines to automatically 
create primordial star particles, whose luminosities and lifetimes are determined from 
primordial stellar models, in overdensities that will form such a such as shown by 
Abel et al. (2002) and Yoshida et al. (2006b). The star particles are treated as point 
sources of radiation in our adaptive ray tracing scheme. 

More importantly, I developed a massively parallel version of the adaptive ray 
tracing method that is functional on distributed and shared memory machines. The 
code is dynamically load-balanced so it runs efficiently on many processors and min- 
imizes inter-processor communication of the "photon packages". It is necessary to 
optimize this method because approximately 10 6 photons are traced through ~10 7 
grid cells per timestep per point source. Currently the radiation transport consumes 
the same amount of computing time as the hydrodynamics solver and increases the 
run time by approximately 50%. This additional time is a small cost to pay compared 
to the benefits of the accurate depiction of radiative feedback in our simulations. This 
code is one of two cosmology radiation hydrodynamics codes that is parallelized and 
optimized for radiative feedback studies with enough resolution to resolve Pop III 
hosting halos. This is the first time that a radiation hydrodynamics code has self- 
consistently followed the formation of tens of primordial stars and their associated 
H II regions to the formation of an early dwarf galaxy. 

We first demonstrated our code in the article "The H II Region of a Primordial 
Star" that was authored by Tom Abel, John Wise, and Greg Bryan in The Astrophys- 
ical Journal: Letters, 2007, Volume 659, L87. Before the publication of our results, 
I thoroughly tested the radiative transfer against analytical models of H II regions 
that propagate through, e.g., a uniform medium or a radially decreasing density pro- 
file. I further tested the star formation and feedback algorithm with cosmological 
initial conditions. For this publication, I conducted the simulation and analysis in its 
entirety. 

Additionally, I am involved in a collaboration with Ralf Kahler, developing a 
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photo-realistic volume Tenderer on graphics hardware for astrophysical applications. 
I created an accurate colormap generator that is based on the blackbody spectrum of 
the temperature of the rendered gas, which is then convolved with telescopic filters. 
This method is generalized so that any type of intrinsic spectrum, e.g. Ha, [O III], 
can be passed through an arbitrary set of filters. This effectively mimics an actual 
"observation" of our simulation data. It provides a good physical basis and standard 
for imaging numerical datasets instead of using an arbitrary colormap. Data can 
be easily compared between groups with this method. This work was published 
in the refereed article, "GPU-Assisted Raycasting of Cosmological Adaptive Mesh 
Refinement Simulations" by Ralf Kahler, John Wise, Tom Abel, and Hans-Christian 
Hege in the Proceedings of Volume Graphics 2006, in which I authored the sections 
that describe the astrophysical basis and possible applications of our method. 
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Chapter 1 
Introduction 



"When judging a physical theory, I ask myself whether I would have made 
the Universe in that way had I been God" 
— Albert Einstein 

Pulchritudo splendor veritatis. (Beauty is the splendor of truth.) 

It is human nature to be inquisitive of nature, which is the basis of science in 
general. Countless people have asked the long-standing question, what is the origin 
of our world? Philosophers dating back to ancient times have pondered this exact 
question in detail. As evidence grew that the universe is not geocentric, the scope of 
this stimulating question then grew to the origin of the Milky Way, which is ultimately 
influenced by the nature of the universe. This progression to the largest scales leads 
us to the topic of cosmology, the study of the universe in its entirety. 



1.1 The Foundation of Galaxy Formation Theories 

Galaxy formation plays an important role in any cosmological theory that must ex- 
plain the observed dynamics and structures in the local and distant universe. We 
begin with a historical overview^ of cosmological, in particular galaxy formation, 



The majority of the references in this overview originate from I.TonesI (|l97fil ). 
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theories because it is beneficial to understand how the succession of scientific ad- 
vancements influences future scientists, which clarifies its current status. 

There were two main documented views of cosmology in ancient Greece. Even 
two thousand and three hundred years later, the following philosophies have modern 
counterparts. The Epicurean view entailed the universe beginning chaotic from which 
order arose by some means, which parallels with the cosmic turbulence theory of 
galaxy formation. Aristotle pictured the universe as initially uniform and orderly, 
and departures from this state increase with time. This philosophy is strikingly 
similar to the gravitational instability theory of galaxy formation. 



Perhaps the birth o 



Lord Rosse 



: the stu dy of galaxies is the discovery of spiral structures in 
At the time, all nebulae were believed to exist 



(1850a 



nebulae by 

within the galaxy , so this instigated further work on the origins o: 
Alexander! ( 1852 ) realized that this observation was evidence for 



the sola r system. 



Laplacer s nebulae 



hypothesis (117991 ) that envisaged the Sun forming from a hot, t e nuous gas cloud that 



Aitken 



1906, for a review) 



is nearly spherical and rotating like a solid body (see 
Self-gravity causes a gravitational contraction that continues until the system is ro- 
tationally supported at its surface. He postulated that an equatorial ring was left 
behind at this stage, and the collapse continues. This repeats as neccessary to create 
several rings that are not in dyn amical equilibrium, and individual rings then ag- 
gregrate into planets. lAlexanderl also suggested that the initial angular momentum 
may differentiate "elliptical nebulae" and "spiral nebulae"; unfortunately, this did 
not spark any further investigations. 

The next spurring moment in the history of galaxy format i on models wa s the 



publication of the first photographs of galaxies ([Roberts! Il889l ; 



Keeler 



1900J) that 



incited many theories about the formation of the observed structures (e.g. Cham 
berlain, 



1901 



Jeans 



1902 



Sutherland 



191 lh. 



'he nebulae hypothesis was the main 
underlying of these works. This is where iJeand formulated the conditions necessary 



for a cloud to gravitationally overcome pressure forces, i.e. the Jeans length. Here he 
invoked his theory to suggest that the gas cloud fragments into planets. 

The last foundation established for galaxy formation w as the actual di scovery by 
Hubble of the extragalactic nature of these spiral nebulae (IHubble . 



1925a 



b 



a. 



Now 
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previous theories had to be reformulated to length scales five o r ders of magnitude 



larger and applied to billions of stars instead of one. iJeand (11918k 1192a ) now applied 
his theory of gravitational collapse to cosmological scales, theorizing that galaxies 
formed from gravitational instabilities in an initially uniform universe. This is the 
main foundation for the gravitational inst ability p i cture of galaxy formation that has 
dominated modern cosmology theories. iHubblel ( 19291 ) then discovered that more 
distant galaxies were receding faster than closer ones - indicative of an expanding 
universe . Although Jeans did not consider this scenario in his later works. Gamow 



& Teller (119391 ). who envisioned the universe as an enormous primeval gas cloud, 
generalized the collapse problem to an expanding universe, where material fragmented 
into galaxies that is the basis of modern galaxy formation theories. 



1.2 Galaxy Formation prior to Dark Matter Cos- 
mogonies 



he gravita tional instability picture of galaxy formation was established by 



Jeans 



(119181 . Il928l ). in which galaxies grow from initial density perturbations in the early 
universe. This line of research has dominated the field for the last sixty years. 

To illustrate Jeans' theory, consider an isolated, uniform gas cloud within a gravi- 
tational potential. The potential can be either be generated by the gas itself or some 
other concentric system (e.g. a dark matter halo). Jeans postulated for the system 
to collapse, its gravitational forces must overcome pressure forces. For this condition 
to be valid, we use the virial theorem of the system, neglecting any bulk motions or 
magnetic fields, 

(E) grav 

> -2(E) 

kin 

3 GM 2 



5 R 



> 3NkT 1.1 



where G and k are the gravitational and Boltzmann's constant, respectively. Here M, 
R, N = Mj fim-ft, and T are the mass, radius, total particle number, and temperature 
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of the system, where mn and \i is the mass of a hydrogen atom and mean molecular 
weight in units of ran, respectively. After some simple algebra and putting the mass 
in terms of radius and density p, we arrive at the length scale, 



15kT 



AnGpmiip' 



'1.21 



the Jeans' length, that a system becomes unstable to collapse. Similarly the Jeans' 
mass 



M 



Atx 



pl* oc T 3 /y 



1/2 



;i.3) 



is the critical mass of a system that gravitationally collapses. For collisionless dark 
matter, the temperature can be replaced by a term proportional to the velocity dis- 
persion squared, v 2 . 

Before further focusing on this preferred theory, we note that there was the par- 
allel effort of cosmic turbulence that attempted to explain galaxy formation from an 

ied to the formation of the s olar system, galac- 

& von 



Bonnor 



initial turbulent medium. It was app 
tic dynami cs, and galaxy formation (Ivon Weizsacker 
Wei zsacker, 
and 



1943 



1948; He isenberg 



19481) . However, there were some concerns expressed by iGamowl (119521 ) 



19561 ) about the necessity of ab initio turbulence. The cosmic turbu- 



lence theory model dropped out of favor in the 1950 's for the gravitational instability 



theory but ha d a brief resurgence a decade 
noi & Chernin, 



1968a 



Qzernoi Chibisov 



ater by the Ozernoi group fe.g. Ozer- 



1971 



) after the discovery of the cosmic 
microwave background (CMB). 

Now we focus back on the gravitational instability theory. There lies a difficulty 
in this theory in that there is no exact solution to this cosmological problem if there 
are no special symmetries. Nevertheless at early times in the universe, the growth of 
structure can be computed using linear perturbation theory that evolves the initial 
density fluctuations until they reach overdensities, 5 = p/p, approach unity, which 
we explore next. 
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1.2.1 Growth and Dampening of Perturbations 



The growth of a diabatic perturbations in an expanding universe was first calculated by 
Lifschitz il946). Two decade s later, the CMB was discovered and measured to be ~3.5 



K (IPenzias fe Wilson 



of 



1965 ") . This background was pr edicted in the seminal papers 



Gamowl (119461 ) and lAlpher. Bethe. fc Gamowl (119481 ). which outlined a cosmogony 



starting with a hot Big Bang. After this discovery, galaxy formation models and the 
associated grow th of perturbations were formulated in this new cosmological model 
(IPeeblesl . Il965l . being the first of many). 

The growth of structure can be understood by three scales. Firstly, the horizon 
length scale (Rn — ct) determines the amount of matter 



M H 



6 



Ttp(ctf 



that is causally connected. Secondly, the Jeans length scale (eq. 11.21) determines the 
scales that can gravitationally collapse. Lastly at I <C Lj, perturbations are subjected 
to dissipative forces, such as Thomson drag forces and viscosity, and act as acoustic 
modes. 

Ignoring any inhomogeneities on small scales, Einstein's general relativistic equa- 
tions can describe the dynamics of an isotropic and homogeneous universe, using the 
Robert son- Walker metric, 



ds 2 = dt 2 - a 2 {t) 



dr^ 



+ r 2 {d6 2 + sin 2 



;i.5) 



where a = (1 + z)' 1 is the scale factor that describes the expansion of the universe, k 
describes the curvature of the universe, and z is the redshift. Appropriate choices for 
k are 0, -1, and +1 for a flat, open, and closed universes. The solution to Einstein's 
equations with this metric is the Friedmann equation 



8ttG 



-Po - H y 



o • 



1.6) 



where the "0" subscripts denotes the present-day values, and H = a/a is the Hubble 
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constant. We can now apply this to the growth of structure. 

Before recombination and at sufficiently early times, an adiabatic perturbation will 
be larger than the horizon scale. The growth rate in this regime can be calculated by 
comparing a perturbed spherical region to the background universe. In this exercise, 
the background is a spatially flat Friedmann universe, i.e. k = 0, with a density p a . 
The perturbation can be treated like a closed k — 1 universe because the metric of a A; 
= 1 universe and a 3-sphere embedded in an abstract 4-dimensional Euclidean space 
are exactly equal. Its density pb is perturbed with a small and positive displacement 
5p from p a . From equation (11.61) . we have 

H 2 a = —p a , H 2 b +-2 = —p b . (1.7) 

To calculate the growth of the perturbation 5p, we compare the perturbation to its 
background when the expansion rates are equal, H a = at a given time. This 
results in the relation 

(Pb~Pa\ 3 



Pa J Pa SnGp a a 



We want the evolution of 5p in terms of a. We therefore state the density of the 
universe in terms of the scale factor. In a radiation dominated universe, p oc a -4 , and 
in a matter dominated universe, p oc a -3 . Combining these proportionalities with 
equation (II. 8p . we obtain 

(radiation dominated) ^ 
(matter dominated) 

Once the density perturbation enters the horizon scale, it can be suppressed by two 
processes. The first suppresses it by pressure support that was discussed previously. 
The system is pressure supported when t pre ssure > ^dyn or equivalently 
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Here the "dom" subscript denotes the dominant mass-energy component of the uni- 
verse at a given scale factor, and c s is the sound speed. If matter is non-relativistic, 
the velocity v decays as a -1 because of the redshifting of momentum; otherwise it is 
constant. The second process suppresses the growth when the expansion timescale, 
£ e xp ~ (Gpdom) -1 / 2 , is less than the collapse timescale, which is particularly true in 
the radiation dominated phase. 

Now we consider the case when a perturbation enters the horizon scale when the 
background is relativistic and radiation dominated. The Jeans length is first affected 
by the momentum redshifting when matter is relativistic, and afterwards it follows 
the growth in a radiation dominated universe, p oc a -4 . When it enters the matter 
dominated phase, p oc a~ 3 . Putting this all together, we have 



v 



a 2 (relativistic) 



Lj oc 1 j 2 oc < a (radiation dominated) . (1-H) 
' ' "" a 1 / 2 (matter dominated) 

Analogously the Jeans mass scales as 

a 2 (relativistic) 

Mj 

PdmLj oc ^ constant (radiation dominated) • (1-12) 
a~ 3 / 2 (matter dominated) 

Figure 11.11 shows the evolution of Mj and M# ■ 

Baryons behave similarly to dark matter with the major exception of a significant 
drop in Lj at recombination at z ~ 1100 when the temperature drops to 3000 K in 
approximately 20% of the Hubble time. After recombination, baryons are regulated 
by gas pressure instead of photon pressure. This causes the pressure to drop by a 
factor n 7 /n& ~ 10 9 , and the Jeans length decreases by a similar factor. 

Density perturbations come in two major types: adiabatic and isothermal. The 
former type retain a particular entropy and behave like sound waves with equal pho- 
ton and baryon fluctuations. These perturbations do not grow before recombination. 
Additionally they are damped below a mass scale ~1O 12 M because of Thomson 
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Fig. 1.1. — The evolution of a density perturbation in the early universe. The scale 
factors a nr , a en ter, and a eq denote when matter becomes non-relativistic, enters the 
ho rizon, and decouples from radiation. This figure has been adapted from figure 4.1 



in 



Padmanabhanl (119931 ). 



drag forces, i.e. photon viscosity (jSilkl . Il974l ). The latter type are density fluctua- 



tions immersed in a photon bath and do not conserve entropy. They cannot grow in 
amplitude before recombination because they are coupled with radiation. After re- 
combination, the Jeans mass is ~1O 5 M in a Einstein-deSitter (EdS) universe. Both 
types of fluctuations result in a smaller mass scales becoming non-linear earlier, which 
is represented by the baryon fluctuation spectrum 

oc M" 1 / 3 -"/ 6 . (1.13) 

V P J baryon 

But as stated before, mass scales below 1O 12 M are suppressed in adiabatic fluctua- 
tions. 

The physical picture painted by these two types of baryon fluctuations differ 
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WMAP 3yr ' 



WMAP 1 yr 



10 4 10 5 10 6 10 7 10 8 10 9 10 1 ° 10" 10 12 10 13 10 U 10 15 10 16 



M [M 1 



Fig. 1.2. — The variance of density fluctuations as a function of smoothing mass for 
first (black solid) and third (red dashed) year results from WMAP. 



greatly in nature. Adiabatic ones create a scenario of top-down structure forma- 
tion, in which objects that are large as galaxy clusters form first then fragment to 
fo rm galaxies through Jeans ins tabiliti es in "pancake" ove rdensitics (Doroshkevich et 
al.. Il974f ). Isothermal fluctuations produce a bottom-up scenario of structur e forma- 



tion, where smaller objects form first and combine to form larger entities (jPeeblesl . 
1974 ). An analysis of the covariance function of galax ies provides evidence fo r the 



latt er scenario because there is no preferred mass scale (ITotsuii fc Kihara 
bles, 



1969; Pcc- 



19741 ). Conversely, one would expect a strong feature at ~10 M for a Q — 1 



universe if structure had formed top-down. Furthermore, the three -point correlation 
funct ion of galaxies indicates that they are hierarchically clustered (jPeebles &: Groth . 
1975|)- 

Density perturbations may exist on all scales and follow a random Gaussian dis- 
tribution; therefore it is useful to consider the statistics of a smoothed density field. 
The power spectrum of perturbations P(k) that is extrapolated to z = is smoothed 
with a top-hat filter, whose Fourier transform is 



W(x) 



3(sinx — x cos a:) 



x 



;i.i4) 
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The resulting variance of the fluctuations at z = is 



a\R) 



2tt 2 



dk k 2 P{k)W 2 {kR). 



;i.i5) 



This is usually normalized to the variance of fluctuations as in a sphere with a radius 
8 h^ 1 Mpc that is derived from galaxy clusters and the CMB. Figure [L2l shows a(M) 
for cosmological parameters determined from the first and third year CMB dat a of 



the Wilkinson Microwave Anisotropy Probe (WMAP; ISpergel et al 



2003 



2006|). In 



linear perturbation t heory, a top-hat collapses to a point when the overdensity 5 C = 
1.686 (IPeeblesl . Il993l ) that can be extrapolated to redshift z by S CT i t (z) = 5 C /D(z), 
where D(z) is the growth factor for linear perturbations. It is customary to express 
the rarity of a collapse with 5 CT it(z) in units of cr(M), i.e. a 3a fluctuation being more 
rare than a typical la one. 



1.2.2 Tidal Torque Theory 

A previously outstanding problem in structure formation was the acquistion of an- 
gular momentum that results in the universal rotation in spiral galaxies. How did it 
arise from an expanding, almost uniform, universe in a way that angular momentum 
is conserved? Kelvin's circulation theorem states that an irrotational system must 
remain irrotational in the absence of dissipative forces, which is true when structure 
is growing linearly. During the collapse of protogalactic gas clouds, there are cer- 
tainly dissipative forces and thus Kelvin's theore m is inapplicable. T his is also true 
in relaxing stellar systems (i.e. violent relaxation; 



Lynden-Belll . Il96 



1 



Angular momentum must exist before galaxies formed . One might concl ude that 



Peebles 



there was an original vorticity field in the universe, but iHoyld ( 119491 ) and 
(119691 ) independently suggested that tidal torques from neighboring conglomerations 
induced galactic spins. Within the gravitational instability theory, tidal torques have 
its greatest influence on protogalactic clouds when they decouple from the Hubble 
flow ("turn-around"). When the overdensity turns around, the radius is largest and 
Sp/p = 1. The tidal torques do not violate angular momentum conservation as the 
two systems gain orbital energy that is equal and opposite of the induced spins. We 
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note , however, that both early analytic and numerical work by iPeeblesI (119691 . Il97ll ) 



and 



Efstathiou fc Jones! (119791 ) showed that there is a deficiency of a factor of 5 in 



the predicted amo unt of angular momentum in the Milky Way when compared with 



the observation of 



Innanenl (119661 ) 



Peebles ( 119691 ) predicted that the spin parameter, 



A 



\L\J\E 



GM b / 2 



;i.i6) 



which measures the net rotation of a halo, has a cosmological average of ~0.08. 
He verified this through numerical simulations of a cosmologically expanding system. 
Here L, E, and M are the angular momentum, energy, and mass of the object. During 
the clustering of systems, most of the angular momentum is acquired during its early 
assembly. Linea r perturbation theory predi cts that this angular mo mentum s cales 



as a 5 / 2 oc i 5 / 3 . 



Efstathiou &: Jones! (119791 ) confirmed the results of 



Peebles with 



higher resolution ra-body simulations and also concluded that galactic discs must have 
dissipated a large amount of energy during the collapse from a large initial radius . 
More recent w-body simu 



Steinmetz fc Bartelmann 



ations and analytical works (e.g. iBarnes fc Efstathiou . 



1987 



19951 ) have constrained (A) ~ 0.04, and later it was found 



to have a log-normal distribution 



p{X)d\ 



exp 



m 2 (A/A c 



dX 



;i.i7) 



where A = 0.042 ± 0.006 and a x = 0.5 ± 0.04 (e.g. iBullock et all . |200l|) in a 
CDM universe that has become the currently favored model. We discuss the nature 
of galaxy formation in such a universe next. 



1.3 Galaxy Formation with Cold Dark Matter 

By the 1980's, there was growing evidence that the universe was dominated by cold 
dark matter (CDM) that hierarchically assembles cosmic structure. CDM is collision- 
less and has a thermal velocity smaller than peculiar velocities and the Hubble flow 
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see Blumenthal et al.. 198 



s 



). The best candidate for CDM are weakly- interacting 
, whose radiation from an nihilation may be detected by 



Gehrels fc Michelso 



19991). 



massive particles (WIMPs 

the Gamma-ray Large-Area Space Telescope (GLAST; 

Previously popular theories of dark matter include hot DM that is composed of 
light neutrinos (m ~ 30 eV) and warm DM that is composed of more massive (m ~ 1 
keV) neutrinos. 

1.3.1 Observational Motivation and Evidence 

The ultimate goal of galaxy formation theories is to explain the origin and properties 
of all galaxi es. It is thus necessary to connect and test theories with observations. 
Joned (119761 ) gives a list of five broad characteristics of galaxies that can be tested 
against, which is still relevant 30 years later. 

1. The masses of galaxies, galactic internal dynamics, interacting galaxies, dynam- 
ics of groups, aggregation of galaxy clusters, galaxy luminosity function. 

2. The angular momenta and binding energies of galaxies 

3. The origin of different morphologies of galaxies 

4. The clustering of galaxies 

5. An explanation of how young galaxies, if not all galaxies, form early in the 
universe. 



Dark Matter 



Zwicky ( 119331 ) observed that the galaxies in the Coma cluster were moving faster 
than the velocity dispersion of a system, a 1 = GM/R, with a mass of the observed 
material. This prompted the "missing mass" problem in galaxy clusters. Further 
evidence accumulated whe n the rotation velocit y of M31 was observed to be constant 



with radius out to 24 kpc (IRubin fc Ford 



1970). Observations established that there 



For a recent review of detection techniques, see IWaH (I2007D 
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was a dark component to the universe, whereas its mass and nature can be constrained 
by comparing observations with galaxy formation models. 

Mass scales below 10 11 and 10 15 solar masses are suppressed in warm and hot DM 
cosmologies, respectively, because the neutrinos freely stream from the perturbation 
when it enters the horizon. To explain the multitude of galaxies below these scales, 
structure must have formed "top-down" as in the case of adiabatic perturbations. 
Hot DM models predict that galaxy clusters form first at z ~ 2 with smaller objects 
fragmenting from them, conflicting with the ages of globular clusters, stellar ages 
in galaxies, and dwarf galaxies. Warm DM models are slightly more successful in 
this respect but still cannot account for the properties and abundances of dwarf 
galaxies. In contrast, the "bottom-up" structure formation model of CDM explains 
the properties of galaxies and galaxy clusters over a mass range from 10 7 to 10 15 M Q . 



Galaxies 



Hubble (119261 ) first categorized the morphologies of galaxies into elliptical, spiral, SO, 
and irregular types. He also realized that the surface brightness of elliptical galaxies 
is approxima ted well by a decreasi ng function, J(r) = Iq/{1 + r/r ) 2 , where r is a 
scale length. Ide Vaucouleurd (119591 ) provided another good fit with an exponentially 
decreasing function that is proportional to exp(r 1//4 ). However, these fits deviated 
in th e cente rs of galaxies, and the surface brightness was dynamically modeled by 
King! (119661 ). who considered a Maxwellian velocity distri bution of the stars and a 
tidal cutoff radius. Combining all of the previous works, iFaber fc Jackson! (119761 ) 
then showed that the luminosity of elliptical galaxies L oc cr 4 , now referred to as the 
Fa ber- Jackson relation. A similar relation for spiral and SO galaxies was established 
by 



Tully fc Fisherl (119771 ) . L oc V*, where V c is the rotational velocity of the disk. 



However, there are peculiar outliers in galaxy catalogs that do not fit with any 
of the above categorizations. There are approximately 10 gal axies out of ~400 



Toomre fc Toomre 



NGC galaxies that are undergoing mergers or close encounters. 
(1 19721 ) proposed that there had been a total of ~500 collisions in the NGC sample 
throughout the history of the unvierse, based on their numerical simulations of spiral 
galaxy mergers that resulted in a elliptical object. From this, they suggested that 
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this could explain the ~400 ellipticals in the catalog. In the next section, we will 
discuss hierarchical clustering that induces these mergers. 

We can also use the abundances and clustering of galaxies to refine and develop 
galaxy formation models. For the former, the abundances of galaxies can be charac- 
terized with a luminosity function in the form, 



<!>(L)dL = $» ( — 



L\ dL 



where L is the luminosity of the galaxy, L« » 4 x 10 L Q , a ~ 



'1.181 



-1, and is the 



number of galaxies per Mpc -3 at the characteristic luminosity (ISchechterl . Il976l ) . This 
predicts that low-luminosity galaxies are extremely abundant with an exponential 
cutoff at high luminosities. This was first formulated for galaxies in rich clus ters, but 
later it has been confirmed to apply to all galaxies fe.g. 



et al.. 



Moore et al 



1993; Benson 



20031 ). The clustering of galaxies are explained by hierarchical assembly that 



is the next topic in the introduction. 



1.3.2 Hierarchical Structure Formation 

Structure in a CDM cosmogony forms h i erarch ically, and this was first proposed, 
albeit not in a CDM context, bv Ipeeblesl Jl965h . Smaller objects collapse first and 
merge with other objects to form larger cosmological halos, and matter or ganizes in 



White k Rees 



Jl978h 



were the 



a self-similar nature that grows with the scale factor, 
first to consider galaxies forming within a hierarchical clustering of "heavy halos", 
where the baryons are not the dominate source of gravity. During the initial collapse 
of the protogalactic cloud, baryons are shock-heated to the virial temperature, 



where 



Vr 



IGM 

r 200 



T 

1 V 



and r 20 o 



2k 



GM 



11/3 



100ficDMW# 2 W 



1.19) 



1.20) 
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4 5 

log T [K] 



Fig. 1.3. — The cooling function for atomic line cooling of metal-free gas (black solid) 
and cooling from H 2 formation in the gas phase (red dashed). The humps in the 
atomic cooling function at 10 4,3 K and 10 5 K are created by e xcitations of hydrogen 
and h eliu m, respectively . The cooling rates are taken from ISutherland fc Dopita 
fll993l ) and lGalli fc PaUal (119981 ) for the atomic and molecular cases, respectively. 



are the circular velocity of the halo and r 2 oo is the radius enclosing an average DM 
overdensity of 200. Here ^cdm is the mass-energy fraction of CDM in units of the 
critical density p c = 3Hq/8ttG. The first galaxies to form have T vir > 10 4 K because 
the cooling function of pristine atomic gas sharply rises by several orders of mag- 
nitude. At this temperature, the number of free elect rons ab l e to e xcite hydrogen 
greatly increases, and these excitations cool the gas (jSpitzerl . Il978l ). We plot the 
cooling function for pristine, metal-free gas in Figure fl~3l Only when the gas can cool 
efficiently (i dyn > t r nr ,i), the gas is ab l e to r adiate its energy away and rapidly collapse 
on a free-fall time (IRees fc Ostrikerl . 119771 ). Based on the same timescale argument, 
objects above 1O 13 M have virial temperatures 4 x 10 6 K, where the gas cannot cool 
within a Hubble time. This can explain the sharp cutoff in the galaxy luminosity 
function above 1O 13 M . Additionally this explains the hot, X-ray emitting gas in 
galaxy clusters. 

White & Rees (119781 ) also proposed that galaxies forming by hierarchical assembly 
will likely have an imprint on present-day galaxies. As halos merge together, they 
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suggested that the outer layers of low-mass halos are stripped during the virialization 
of the parent halo on a timescale greater than a dynamical time tdyn- Since low- 
mass galaxies merge together to form Milky Way type galaxies, the luminous cores 
of low-mass galaxies may survive to the present-day and exist in identifable stellar 
.y, so me fraction of dwarf galaxies may have formed in the early 



systems. Ad ditiona l 
universe (see Mateo. 



19981 ). Numerical calculations and cosmological simulations show 



that CDM models with hierarchical clustering can account for the abundances an d 
characteristics of both galaxies and clusters (e.g. iPeeblesl . 11982 ; ISpringel et all 120051 ). 



However, one must consider feedback effects in low-mass galaxies to correctly describe 
galaxies across the mass spectrum. 



1.3.3 Biased Galaxy Formation 



Dark matter constitutes more than 80% of matter in the universe (jSpergel et al.l . l2006l ) 
and dominates the gravitational potential field of large-scale structure and individual 
halos. It is important to quantify how galaxies and baryons trace these potential 
wells. There is a "bias" in ga l axies in that galactic properties depend on the formation 
environment (IDekel fc Reed . 119871 ). Higher a objects collapse earlier and form in a 
different environment than lower a peaks of the same mass. Since p(z) oc (1 + z) 3 , 
the timescales of the cooling and dynamical processes differ at higher redshift as they 
scale with p _1 and p -1 ^ 2 , respectively. Additionally for z > 10, Compton cooling can 
be dominant in ionized regions, in which the cooling time tc oc f~ l {l + z)~ A , where 
f e is the electron fraction. 

There is also bias in the suppression of galaxy formation from stellar feedback 
and intergalactic medium (IGM) heating. As low-mass galaxies (M ~ 1O 8 M ) are 
more suspectible to stellar feedback and outflow, the ultraviolet (UV) heating of the 
IGM from stellar sources may inhibit gravitational collapse and star formation in 
such galaxies. Earlier forming galaxies are affected less than their lower-a coun- 
terparts since the UV radiation background, which affects cooling rates and can 
photo-evaporate small gas clouds, steadily grows with time. The clustering of ha- 
los also biases galaxy formation, which is very relevant for the first stars and galaxies. 
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This creates biasing in most feedback processes in these first structures because there 
could be more nearby sta rs. This could l ead to the observed differences in the galaxy- 
environment correlation (IDekel k Reed . 1 198 71 ) . 



1.3.4 Semi-Analytic Models 



2000 



Cole et al. 



200(]) are an alternative to studying galaxy formation with 



Se mi-analytic galaxy formation models fe.g. ISomerville k Primacki. Il999l; Benson et 
al., 



explicit numerical cosmo 
nated from the works of 
and 



ogical simulations. The philosophy of their m ethods orig i 



White k Reesl fll978h . Iwhite k Frenki fll99lh . ICole! (1199lh 



Lacey k Silk! (119911 ) . They use simplistic models of baryon physics and star 



formation that are set in a dark matter merger tree that is usually produced by ex- 
tended Press- S diet cher formalism (IPress k Schechterl. Il974j; iBond et all Il99ll; Lacev 



k Cole, Il993l ). Density profiles and spins of dark matter halos in the merger tree 
are accurately represented statistically by results of numerical simulations f Navarro 
et al.. 



199 



7; 



Bullock et al. 



20011 ). Some of the simplifications are however justified as 



some processes, in particular star formation and feedback, are not well understood. 
Furthermore, most of the free parameters are tuned to match observations and ana- 
lytics, which allows the application of this method to other poorly understood galaxy 
populations. 

One main ingredient in semi-analytic models is disc formatio n. Motivated by the 



observation that the Mi 



and tidal torque theory (IHoylel . Il949l ; 



ky Way formed from a gas e ous collapse (lEggen et all Il962j ) 



Peebles 



1969h . lFall fe Efstathioul (|l980|) investi- 



gated the properties of disc formation in the collapse of a slowly rotating cloud within 
a "heavy halo", i.e. dark matter dominated. The system rotates like a solid-body, i.e. 
v oc r, in that all of the small-scale kinetic motions have been dissipated into heat, 
which is represented by the spin parameter A (eq. 11.161) . The resulting disc model 



agrees remarkably well with observations, in pa rticular t 
surface density. These models were improved by lMo et ai- 



r e exp onentially decreasing 



(1998) 



lapsing gas cloud in a more accurate dark matter density profile ( INavarro et al. 



, who embed t 



re col- 



19971 ) 



Furthermore, they only allow discs to form if they are dynamical stable against bar 
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formation (see 



Christodoulou et al. 



1995 



and references therein) that results in an 



excellent match wit h the Tully-Fishe r relation. Many modern semi-analytic models 
use the formalism of iMo et al.l (119981 ) for disc formation. 

Semi-analytic models of galaxy formation have been broadly successful in repro- 
ducing a large range of galaxy properties and their evolu tion. They have success fully 
reproduced (i) the local field galaxy luminosity function (IKauffmann et al.l . Il993t ). (ii) 
the slo pe and scatter of the Tully-Fisher relation and the formation of most stars at 
z < 1 j< 



Cole et al 



(Kauffmann et al 



(IKauffmann et al 



1994), (iii) the counts and redshift distribution of faint galaxies 



1994), (iv) a sharp decline in elliptical galaxies at high redshift 



199 6|), an d (v) the strong clustering of Lyman break galaxies at 



3 ( Wechsler et al. 



20011 ) . 



Despite their many accomplishments in galaxy formation, current implemenations 
may lose accuracy in the early universe when star and galaxy formation differed 
greatly from the properties observed at z < 6. In the early universe, the first stars 
form from metal-free gas, which affects the collapse dynamics of the parent gas cloud 
and results in a large stellar mass. Thus some of the smallest galaxies may be greatly 
affected by radiative feedback that originate from these stars. We focus on metal-free 
Population III (Pop III) star formation in the next section. 



1.4 Molecular Hydrogen Cooling in the Early Uni- 
verse 

Big bang nucleosynthesis mainly pr oduces hydrogen and helium wit h only trace 

1948; Wagoner et 



a mounts of deuterium and lithium (lAlpher. Bethe. fc Gamowl. 
al., 119671 ). The first stars in the universe must have been devoid of heavy elements. 
However, there is a metallicity floor of 1 0~ 4 of solar metallicity in Galactic halo stars, 



residing in the outskirts of the Galaxy (IBeers & Christliebl . 120051 ). This prompts the 
following questions: Where are the first stars? What are their properties? To answer 
these questions, we describe the collapse and cooling of their parent gas clouds. 
Galactic star forming regions condense through molecular hydrogen (H2) cooling 
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that mainly occurs on dust grains composed of carbon, silicon, oxygen, iron, and 
several other elements. This cannot be the case in metal-free, pristine gas. At low 
metallicities and t emperatures abo ve 1000 K, H 2 formation can occur in the gas-phase 
by two processes ([McDowell! Il96ll ): 



H + e" 
H + H 



H- + 7 
H 2 + e" 



;i.2i) 

'1.221 



or less efficiently 



H + IT 1 



H+ 



H 



H+ +7 
H 2 + H + . 



1.23) 
1.24) 



Saslaw & Zipoy ( 119671 ) were the first to realize that H 2 formation in the gas-phase 
was important in star formation in the early universe. They used the latter reactions 
to determine that H 2 cooling dominates the collapse of a pre-galactic cloud above 
number densities n of 10 4 cm" 3 . The s e high density regions can cool to ~300 K and 



continue to collapse. iPeebles &: Dickd (119681 ) suggested that globular clusters were the 
first bound objects in the universe with masses ~5 x 1O 5 M . In their calculations, 
they first compute the properties of these objects from linear perturbation theory 
and then follow the initial contraction of the cloud, including H 2 cooling (eq. II. 21\ 
11.221) . They find that molecular hydrogen cooling is indeed efficient enough to drive 
a free-fall collapse, in which only a small fraction of the total gas mass forms stars 
due to the inside-out nature of the collapse. The determination of the properties of 
Pop III stars ultimately relies on the mass scale on which the structure fragments. 
Gravitationally induced fragmentation can occur when 



fras " 1+ (d\np/dt) <4A 



1.25) 
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and thermal instabilities produce fragmentation when 



P 



'dV 



T 



'd_V 
dT 



+ L(p,T)>0, 



1.26) 



where L is the radiative cooling rate. lYoneyamal (119721 ) followed the evolutionary track 
of a collapsing primordial gas cloud and found that the central regions fragmented 
into 60 M & clumps (for cloud mass M = 1O 6 M ), in which he suggested that the first 
stars were massive. 



Molecular hydrogen is photo-dissociated by photons in the 



band, 11.26 - 13.6 eV flField et all Il966 : 
two-step Solomon process, 



Stecher fc Williams 



yman - Werner (LW) 



19671 ). through the 



H 2 + 7 — H; -> H + H, 



1.27) 



where is an electronically or vibrationally excited state that decays into the con- 
tinuum state, dissociating the molecule. In this energy band, the universe is optically 
thin with the exception of Lyman resonances, i.e. Lya, Ly/3, etc, resulting in non- 
local suppression of H 2 formation by a soft UV radiation background. Most Pop III 
stars will have to contend with such a background. The critical halo mass for a cool, 
dens e core to form increases with the LW radiation background intensity f Machacek 
et al., l200ll ) that is the main basis for the results of Chapter [2j We leave the details 



of stellar and associated supernovae (SNe) properties to the chapter introductions. 



1.5 Computational Techniques 

The astrophysical community have benefited from numerical cosmology simulations 
that have matured over the last two decades. They have improved our understanding 
of the nature of many astrophysical systems. Modern simulation techniques have 
advanced through both ingenious software algorithms and the continual increase in 
computing power. 

The first gravitational n-body simulation intriguingly was not performed on a 
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digital computer but by photocells and light bulbs, where the inverse- square law 
of radiati on emulated a g ravitational field, to study the interaction of two colliding 
galaxies (IHolmbergi . Il94ll ). After the advent of digital computers, the first n-body 
simulations that computed the dyn a mics of up to 100 p articles were performed in 



the early 1960's (jvon Hoerner 



1960 



1963 



Aarseth 



19631 ). A decade later, the first 



true cosmological simulations of structure formation were carried out to confirm an 
analytic framework that p redicted the abundances of bound objects in the universe 



( jPress fc Schechter 



1974]). Several advances in cosmology allowed the tremendous 



growth in activity in the following de cade, such a s (i) plausible dark models (e.g. 
CDM, hot DM), (ii) cosmic inflation (jGuthl . Il98ll ) provided an explanation for the 



generation of primor d ial density fluctuations a nd a scale- invariant Harrison-Zel'dovich 



spectrum (IHarrisonl. 



1970 



Zel'dovich 



19721 ). (iii) evolution of fluctuations during 



recombination (IPeebles &: Yul . Il970l ). and (iv) applications of random Gaussian fields 
and linear perturbation theory to density fluctuations. 

C DM became the favored c osmological model starting in the 1980's (e.g. 



Peebles 



1982 



Blumenthal et al. 



19841 ). and cosmological simulations could readily test this 



cosmogony and compare it with observations and expectations. In the following 
years, baryonic physics were added to the calculations, providing access to additional 
astrophysical problems. First we focus on the techniques to evolve gravity in these 
simulations. We then detail some hydrodynamics solvers in the suceeding section. 



1.5.1 Gravity Solvers 

Particle trajectories are evolved in time by solving Newton's laws written in comoving 
coordinates: 



~dt 



dv 
~dt 



+ #v = g, V • g = -4vrGa[p(x, t) - p(t)}, 



'1.28) 



where g is the gravitational potential field IPeebles! (119931 ). The t ime integration is 



usual ly calculated with a second-order accurate leapfrog method (jEfstathiou et al 



19851 ). which is more than adequate for cosmological applications. In practice, it is 
beneficial to use the time variable s = J a~ 2 dt instead of proper time because the 
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equation of motion (second equation in eq. [1.28] ) simplifies to d 2 x/ds 2 = ag. This 
allow s the use of a svmpletic integrator, i.e. phase space volume preserving fsee Quinn 



et al., Il997l ). For large numbers of particles, the direct summation of gravitational 
forces for all particle pairs is prohibitive for cosmological simulations. Several clever 
methods have thus been formulated to overcome this dilemma, which we describe 
below. 



• Barnes-Hut Tree Algorithm — This met 



rod re c ursively divides the volum e 



into cells that contain one or more particles (lAppell . ll985l ; lBarnes fc Hutl . Il986l ). 



The cells must be smaller than some solid angle, usually Sx/r < 1, where Sx 
and r are the cell size and distance. It is fully spatially adaptive. A low-order 
multipole expansion of these cells are used to calculate the gravitational field 
instead of direct summation. Its biggest advantage is speed, which scales as 
0(N log N), where N is the number of particles. However, its ma in shortcoming 
is the large memory footprint of ~25N words (IHernquistl . I1987T). This method 
is publicly available and fu 



19871 : 



Makino & Hut 



1989 



l y parallelized by many groups (e.g. 



Dubinski 



1996|)- 



Hillis fc Barnes 



Particle-Mesh (PM) Algorithm^] — The density field is mapped to a Carte- 
sian grid. The main mapping techniques used are (i) Nearest Grid Point that 
only considers particles inside the cell, (ii) Cloud-in-Cell that uses multi-linear 
interpolation to the surrounding eight cells, and (iii) Triangular Shaped Cloud 
that considers the nearest 27 cells in a higher-order interpolation scheme. Fast 
Fourier Transforms allow the efficient computation of the Poisson equation, 
which scales as 0(N 9 log N 9 ), where N g is the number of grid points. After the 
gravitational field has been calculated, the forces are interpolated back to the 
particles, using the same scheme to perform the first interpolation to reduce 
error propagation. The advantage in this method is its speed and light memory 
consumption, but the force resolution is poor for particle separations under ~5 
grid cells. 



3 For a review of PM and P 3 M, see lHocknev fc Eastwood] (|l988l ). 
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P 3 M and Adaptive P 3 M— This algorithm flEfstathiou fc Eastwood! . Il98lh 
combines the advantages of PM and direct summation methods. At long dis- 
tances, gravitational forces are calculated with the PM method, but contribu- 
tions from nearby particles are calculated by direct summation. The particle 
pair summations limit the speed in strong overdensities , bu t this can be over- 
come by u s ing t he tree algorithm at short distances (IXul . Il995f ) . However, 
Couchmanl (Il99ll ) devised a more elegant solution to adaptively place subgrids 
(adaptive P 3 M) that have isolated boundary conditions in overdensities. Then 
the PM method solves the Poisson equation in these subgrids. In the finest sub- 
grids, pair summation is only computed when the separation is less than a few 
cell widths, dramatically increasing the speed and accuracy of the calculation. 



Multi-resolution Mesh Methods — Some improved methods use the ideas of 
adaptive P 3 M in which the resolution of the calculation increases with overdensi- 
ties. These include (i) adaptive mesh refinement of the density field fe.g. Jessop 
et al., 



1994 



Kravtsov et al. 



( [Splinter! . Il996l ) , and 



19971 ). (ii) splitting of particles in overdensities 



at higher resolutions (IGnedinl . 



iii) a moving mesh that deforms to sample overdensities 



1995 



Pen 



19951 ) 



1.5.2 Hydrodynamics Solvers 



Almost twenty percent of matter in the universe is baryonic, some of which radia- 
tively cools and condenses to form stars an d galaxies. The hyd r odyna mics of cos- 
mological structures have been studied since iDoroshkevich et al.l (119781 ) studied the 
one-dimensional collapse of sheet-like structures (Zel'dovich pancakes). The difficulty 
of baryonic physics arises from the non-linearity and discontinuities in strong shocks. 
The solution of the fluid equations in an expanding universe is aided by rewriting 
them in comoving coordinates: the continuity equation, 



+ -V • v 6 

a 



0. 



1.29) 
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the momentum equation, 



u + -v b ■ Vv b + Hv b = Vp + 

ot a apt, 



1.30) 



and the energy equation 
du 



+ -w b ■ Vu = — ^-V ■ v, + -(r - A). 

ot a apb Pb 



;i.3i) 



Here p b , pb, v?,, u, p, T, and A are the gas density, mean gas density, peculiar velocity, 
specific energy, pressure, and heating and cooling rates per unit volume, respectively. 
For a perfect gas, the specific energy u = p/[(j — l)p&], where 7 is the adiabatic index. 
There have been three major approaches that we discuss next in solving these fluid 
equations. 

• Smoothed Particle Hydrodynamics (SPH)— Th is Lagrangian method 



( ILucyl . Il977l ; iGingold Monaghan 



1977 



Evrard 



1988) describes fluid parcels 



with particles that have gas properties, such as density, temperature, and chem- 
ical abundances. These quantities are calculated by smoothing over usually 20- 
30 of the nearest neighboring particles with a kernel. For example, the density 
at a particular position x is 



N 



1.32) 



i=l 



where W and h are the smoothing kernel and smoothing length. The kernel W is 
usually a spline with some cutoff radius proportional to h. Then a modified set 
of fluid equations using the kernel are solved. SPH benefits from the advances 
in collisionless particle algorithms because of its particle nature. It is inherently 
spatially adaptive but suffers from poor resolution in underdense regions. 

Eulerian Grid Algorithms — Grid algorithms with finite differencing have 



been uti 



Morton, 



ized to solve the fluid equations since the 1960's fsee Ritchmver & 



19671 . for an early review), who also established that additional terms 



(e.g. heating and cooling rates, gravity, cosmological expansion, etc.) could be 
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solved by operator splitting. In order to capture strong shocks, robust schemes 

jeen exten s ively test e d in the computational fluid 



Sod 



1985 



LeVequd . Il992l ). There are two main 



must be used, which have 
dynamics community (e.g. 
approaches for shock captures: the total- variational diminishing method (TVD) 
and the piecewise-parabolic method (PPM). TVD uses an approximation to the 
Riemann solution, is seco nd-order accurate outside of shocks, and can resolve 
shocks in two grids cells (IRyu et all Il993l ). PPM is a third-order accurate 
Godunov solution for the Riemann problem, which is solved using a quadratic 
interpolati on of the densities that minimizes post-shock oscillations f Colella & 
Woodward, 



198 



4; 



Woodward fc Colella 



198J). 



Adaptive Mesh Refinement (AMR) — Eulerian methods can capture shocks 
well but cannot follow high density regions well since it is constrained to a fixed 
grid. This drawback can be bypassed, however, by using AMR that dynamically 
places higher resolution grids in regions of interest (e.g. high densities, shocks, 
etc.). AMR ha s been successfully implemented in several cosmo l ogy co des (e.g. 



Anninos et al 



1994 



Bryan fc Normanl . 



199 



7; 



Kravtsov et al. 



19971 ) to date 



and has d emonstrated that i t can evolve systems over 12 orders of magnitude 



in length (IBryan et al. 



20011 ). 



1.5.3 Additional Physical Models 



The accurate treatment of gas dynamics involves not only gravity and hydrodynam- 
ics but also addition al physics such as heating and cooling, chemical reactions, and 
radiation transport. 



Cen et al. 



(119901 ) was the first to include radiative cooling in 
the form of a cooling function that considered equilibrium between recombinations 
and collisional ionization. Considering radiative cooling permits the simulation to 
follow the condensation of galaxies in virialized objects. However, the assumption 
of equilibrium chemsitry breaks down behind shocks and in dense cooling re gions . 
Here one must solve a rate equation network for non-equilibrium chemistry (jCenl . 



1992 



Haehnelt et al 



19961 ). These methods have also been successful in follwing 



the formation of the first objects with non-equilbrium solvers that include molecular 
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1993). 



hydrogen cooling (IHaiman et all 119 96; Ab el et all 119971; lAnninos et all 119971; Gnedin 
& Ostriker, 



Heating rates in cosmology emerge from stellar radiation, supernova explosions, 
and active galactic nuclei (AGN). These processes are usually included by a phe- 
nomenological method that represents stars or galaxies as collisionless particles that 
return thermal energy (and in some cases, metals) to the hydrodynamical grid or 
SPH particles Jcen fc Ostriker! . Il992h . 

Gas heating from stellar radiation can be represented better if one considers ra- 
diative transfer, an essential ingredient to most astrophysical scenarios. However, its 
solution is most difficult since it is a function of seven variables: position, frequency, 
direction, and time. This has not deterred the community from appropriate solutions, 
in which we note three effective methods. 



A spatially homogeneous and isotropic radiation field in the computational vol- 
ume can be used to study the effects of a radiation background. Addition- 
ally, one c an focus on the energy dependence of this background on structure 
formation fjCenl . Il992j ). This appr oach has also been exten ded to include an 
approximation to local absorption (IGnedin fc Ostrikerl . 119971 ) . 



Variable Eddington factors, the ratio of radiation stress to energy density, pro- 



vides accurate solutions 



regimes (IDucloux et al. 



or radiation transport in both optically 



1992 



;hin and thick 



Stone et al. 



1992 



Gnedin fc Abel 



200l|). 



Ray tracing from point sources of radiation accurate 
and regi ons through the computational volume fe.g. 
Wandelt. 



2002 



Mellema et all 



y tracks ionizatio n fronts 



Abel et al. 



1999; Abel & 



20061 ). However, to obtain well-sampled radiation 



fields at large distances, one must trace an obscene amount of rays originating 
from the source. Adaptive ray tracing avoids this problem by tracing only 



hundreds of rays from the source and sp 



from the source (lAbel fc Wandelt 



2002 



itting them as th ey propagate farther 



Abel et al 



20071 ) 



CHAPTER 1. INTRODUCTION 



27 



1.5.4 Applications 



The first true application of cosmological simulations tested various cosmology models 
and parameters, i.e. CDM, HDM, Q, Hq. They proved useful in refining the CDM 
model and ruling out the HDM model. In addition to that application, there have 
been other significant applications to astrophysics. We highlight four of them here. 

1. Galaxy clusters are the most recently vir i alized objects and provide a good 



Frenk et al. 



J9) 



1999), which have refined the re- 



problem for simulations (see 
lationships between mass, luminosity, and velocity dispersions. Furthermore, 
comparing the substructure, morphologies, and radial profiles of clusters found 
in simulations to observations can constrain cosmological parameters. 

They have constrained the nature of quasar absorption and Lya forest lines. 
Absorption in these lines occurs in a few different cases: well-defined clouds, 
filamentary and sheet-like structures, and velocity caustics. Cosmological simu- 



lations can accurate 



flZhang et all Il997l : 



y account for the colum n density distribution of Lya lines 



Bryan fc Normanl . Il999l ). 



A universal density profile of DM halos has been discovered using cosmological 
simulations (jNavarro et all 119971 ). The density p(r) oc [(r/r s )(l + r/r s ) 2 ] -1 , 
where r s is a scale radius, in all DM halos regardless of their formation redshift 
and mass, initial power spectrum, and cosmological parameters. 

Cosmological simulations have verified that structure forms in a self-similar way 
that evolves as a(t) a , where a = 2/(3 + n) and n is the spectral index of the 
density fluctuation power spectrum. 

5. Addi tionally, thev have fine-tuned the Press-Schechter mass function ( Jenkins 



4. 



et al.. l200ll) and veri fied the nature of galaxy clustering (IKravtsov et all 12004 ; 



Weinberg et al. 



2004 ) and the non-linear power spectrum of dark matter f Wech- 



sler et al.. l2006l ). Simulations have also investigated and confirmed the predicted 
halo mergi ng rates and ha l o accr etion histories from extended Press-Schechter 
formalism (IWechsler et all 120021 ) . 
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Clearly numerical simulations can be used as a powerful astrophysical tool. They 
will be the basis for this thesis, which we outline in the next section. 



1.6 Thesis Overview 



Recent developments have shown that the first luminious objects in the universe are 
metal-free massive [M ~ lOOM^) stars that form in dark matter halo s with masses 



1O 6 M flAbel et al. 



2002 



Bromm et al.l. 



2002 



Yoshida et al. 



2006bl ). These stars 



form at redshifts between 10 and 50. Closer to the present-day, galaxy formation 
models are well established and have made several successful interpretations about 
the nature of galaxy formation in the universe after reionization (z < 6). This thesis 
aspires to bridge the gap between theories of the first stars and galaxy formation. 
Hence its focus is the formation of the first galaxies in the universe, shortly after the 
birth of Pop III stars. 

Before delving into extensive numerical investigations, it is beneficial to determine 
whether Pop III stars play a significant role in the early universe through a semi- 
analytic model of reionization that utilizes Press-Schechter formalism and results of 
numerical simulations that study the negative feedback in the first bound objects. 
This is the subject of Chapter |2j 

Galaxy formation involves many physical processes outlined in §1.5.31 In order to 
isolate the importance of each process, we gradually introduce new physics into our 
simulations. All of the simulations in this thesis have the same initial conditions but 
consider different physical models. Chapter [3] shows the simplest models to which 
we compare all later simulations to assess the relevance of the added process. Here 
we study the baryonic virialization of cosmological objects through an analysis of the 
virial theorem of such objects, in particular the generation of turbulence. Here we see 
supersonic turbulence when radiative cooling is efficient. This can have applications 
to galaxy formation models and galactic molecular clouds that are supersonically 
turbulent. 

We next describe the collapse of halos with masses ~1O 8 M , undergoing atomic 
hydrogen cooling in Chapter HI These objects are usually considered as the first 
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galaxies and sources of radiation in galaxy formation models. We investigate this case 
to study the nature of the first galaxy under this assumption. We find that it centrally 
collapses before fragmentation occurs in a global disk. This may, however, never occur 
in nature because we neglect H2 formation and cooling and stellar feedback from Pop 
III stars. Nevertheless, it is a great testbed for theories of turbulent collapses that 
are ubiquitous in the universe. 

In Chapter \5\ we consider H ? form ation and cooling in the calculations. We 
extend the work of 



Machacek et al. 



(120011 ). who investigated the negative feedback of a 
Lyman- Werner background in H2 formation in the early universe. We add the models 
with no residual electrons from recombination, an essential part to H 2 formation in 
the gas-phase, from recombinat ion. We find that collis ional ionization in halos aids 



H2 formation and the collapse (IShapiro fe Kangi . 119871 ). These collapsing halos are 
three times less massive than previously thought, which translates into early galaxies 
being an order of magnitude more abundant. We conclude that H 2 plays an essential 
role in early galaxy formation and cannot be neglected. 

Finally we include radiative transfer, a vital component to simulations of early 
structure formation. This is the first time an accurate radiation transport scheme 
has been applied to galaxy formation at any epoch. We use adaptive ray tracing to 
compute the radiation transport from Pop III stars. In one simulation, we include the 
effects of pair-instability SNe from Pop III stars from which we track the propagation 
of the first metals in the universe. In Chapter [61 we study the global properties of 
early dwarf galaxies, including the metallicities of such galaxies and the IGM. The 
baryon fractions of such galaxies are reduced up to a factor of three, and the angular 
momentum is increased by a factor of two when considering the effects of stellar 
feedback from Pop III on early galaxy formation. Chapter [7] then focuses on star 
formation rates at redshifts greater than 15, the properties of star formation regions, 
and the start of cosmological reionization. 

We state the main conclusions of this thesis in Chapter [8j 



Chapter 2 

The Number of Supernovae from 
Primordial Stars in the Universe 

Cosmological structure assembles hierarchically. If one follows this logic, Milky Way 
type galaxies must have formed from the mergers of thousands of smaller entities 
over the history of the universe. This leads to the following questions: What are the 
smallest and first objects with luminous counterparts that eventually compose most of 
the present-day structure? What are their properties? Are they observable? 

These questions have aroused much interest in the formation of the first objects. 
It has been established by both analytical work and numerical simulations that the 
first stars form in dark matter halos with masses ~10 6 M Q . The gas in these objects 
condense by molecular hydrogen cooling and form a single, central massive star. Ob- 
servations of primordial stars are currently out of reach even by the most powerful 
telescopes. In this chapter, we investigate the feasibility of future observations of su- 
pernovae from primordial stars, in particular their magnitudes and rates on the sky. 
This work involves semi-analytic models of structure formation, which are less com- 
putationally intensive than explicit three-dimensional numerical simulations. This 
allows for a parameter-space study before proceeding to three-dimensional computa- 
tions of the formation of the first stars and its feedback on galaxy formation. 

This chapter was published in the The Astrophysical Journal, 2005, Volume 629, 
615. This paper is co-authored by Tom Abel, who guided me in the development of 



30 
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the semi-analytic code and the interpretation of its results. 



2.1 Introduction 



The properties of pre-reionization luminous objects are integral to our comprehension 
of the process of reionization and their effect on subsequent structure formation. 
Observations of distant (z = 6.28, 6.4) quasa rs depict the relics of reionization wit h 



their accompanying Gunn-Peterson troughs (IBecker et al. 



2002 



Fan et al. 



2002 ). 



Furthermore, Lyman alpha forest carbon abundances of ~10 2 Z and 10 3 7 Z Q 
observed at redshifts 3 and 5, respectively, indica te that numerous early supernovae 



1996 



Songaila 



(SNe ) enriched the intergalactic medium (IGM) (ISongaila fa Cowie 
200ll ). These early generations of stars are at least partly responsible for ionizing the 
Universe. A fraction of these stars lie in protogalaxies, but the other fraction of early 
stars are metal- free, form through mole cular hydrogen cooling, and are very massive 
(M ~ 1OOM ) flAbel et al. 



200 







20021 ). In ACDM cosmologies, these stars form at 



10 £j z <, 50. The Wilkinson Microwave Anisotropy Probe (WMAP) data further 
constrains the epoch of reionization from the measurement of the optical depth due 
to electron scattering, r es — 0.17 ± 0.04 (68% confidence), which corresponds to a 
re ionization redshift of 17 ± 5 when assuming instantaneous reionization f Kogut et 
al., 120031 ). However in this paper, we shall show this epoch is gradual and its effect 



on primordial star formation. 

In hierarchical models of structure formation, small objects merge to form more 
massive structures. Eventually, a f raction of halos are massive (~ 5 x 10 5 M<^ at 



20) enough t o host cooling gas ( Couchman fa Rees 



Abel et al. 



1998 



Fuller fa Couchman 



1986 



Tegmark et al. 



1997 



20011 ) . These halos do not cool through atomic 



line cooling since T vir < 10 4 ; however, primordial gas contains a trace of H 2 . Free 
electrons allow H2 to form, which acts as an effective coolant at several hundred de- 
grees through rotational and vibrational transitions. H2 is easily photo - dissoc iated by 

Stecher 



photons in the Lyman- Werner (LW) band. 11.26-13.6eV (IField et al 
fa Williams, 



1966 



19671 ). thus H 2 can be destroyed by distant sources in a neutral Uni- 



verse. Primordial stars produce copious amounts of UV photons in the LW band, 
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destroying the most effective cooling process at z ~ 20. This negative feedback from 
the UV background significantly inhibits the primordial star formation rate in the 
early Universe by requiring a larger potential well for gas to condense. Many groups 
have explored t he eff ects of a UV background on cooling and collapsing gas. Firstly, 
Dekel fc Rees Jl983) disc overed that H 2 can be dissociated from large distances. 

(119971 ) questioned how collapsing, homoge- 



Haiman et al 



Then more quantitatively, 
ne ous. spherical clouds are affected by a UV background. In more detail. Haiman et 
al. (120001 ) determined whether a gas cloud collapsed by comparing the cooling time 
with the current lifetime of the cloud, which was calculated in the presence of solv- 
ing the spherically symmetric radiative transfer equation along with time-dependent 
H 2 cooling functions. However, these studies only considered spherically symmetric 
cases while re alistically these halos are overdensities within filaments. To combat 
this problem, 



Machacek et al. 



(120011 ) employed a three-dimensional Eulerian adap- 
tive mesh refinement (AMR) simulation to determine quantitative effects of a UV 
background on gas condensation. 

We consider lower mass stars to form in more massive halos that may fragment 
via atomic line cooling as well as the metal lines from the heavy e lements expelled 
by ear lier generations of stars. We use the prescription outlined in lHaiman fc Loeb 
(119971 ) (hereafter HL97) to model the metal abundances and ionizing photon rates of 
these stars. 

With infrared s pace observatories, s uch as the Spitzer Space Telescope, Primordial 
Explorer (PRIME; Izheng et all I2OO3L and James Webb Space Telescope (JWST), 
sufficient sensitivity is available to detect the SNe from primordial stars. Although 
SNe remnants are bright for short periods of time, they may be the best chance to 
directly observe primordial stars due to their large intrinsic luminosities. If these 
events are recorded, many properties, such as mass, luminosity, metallicity, and red- 
shift, of the progenitors can be calculated using metal-free or ult ra metal-poor SN e 
models, which can validate or falsify simulations of the first stars (I Abel et all |2002| ) . 
To evolve our calculation through redshift, we need to retain information about the 
UV background and number densities of primordial stars, which can extend to de- 
termining such quantities as volume-averaged metallicity and ionized fraction of the 
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Universe. Our model is constrained with (a) the WMAP optical depth measurement, 
(b) primordial star formation and suppression in high resolution hydrodynamical 
simulations, and (c) local observations of dwarf galaxies that constrain high redshift 
protogalaxies properties. 

We organize the paper as follows. In §2.2[ we report the semi-empirical method 
behind our calculations, which incorporates effects from negative feedback and an 
ionized fraction and is constrained from the WMAP result and local dwarf galaxy 
observations. In §2.31 we present the number density of primordial SNe in the sky. 
We also explore the feasibility of observing these SNe by calculating their magnitudes 
and comparing them with the sensitivities of infrared space observatories. Then 
in §2.4} we discuss possible future observations and numerical simulations that could 
further constrain our model. Finally, §2.51 summarizes our results and the implications 
of the first observations of SNe from primordial stars. 



2.2 The Method 

We use several theories and results from simulations of structure formation and metal- 
free stars. We use a ACDM cosmology with Q A = 0.70, fi CDM = 0.26, = 0.04, 
h = 0.7, erg = 0.9, and n = 1. Oa, ^cdm, and fib are the fractions of mass-energy 
contained in vacuum energy, cold dark matter, and baryons, respectively, h is the 
Hubble parameter in units of 100 km s _1 Mpc^ 1 . n = 1 indicates that we use a 
scale-free power spectrum, and o"g is the variance of random mass fl uctuations in a 
sphere of radius 8h _1 Mpc. We use a CDM power spectrum defined in 



Bardeen et al. 



(119861 ) . which depends on as and h. 

The remaining parameters are the primordial stellar mass and the factors f esc and 
f*, which dictate the production and escape of ionizing photons. f esc is the photon 
escape fraction, and f* is the star formation efficiency 

To evolve the ionization and star formation behaviors of the Universe, we must 
determine the density of dark matter halos that host early stars. In T vir < 10 4 K 
halos (henceforth "minihalos" ) , H 2 cooling is the primary mechanism that provides 
means of condensation into cold, dense objects. However in T V i r > 10 4 K, which 
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corresponds to M vir > 1O 8 M [(1 +z)/10] 3 / 2 , halos, hydrogen atomic line cooling 
allows the baryons to fragment and cool into stars. 



2.2.1 Minihalo Star Formation 

The first quantity we need to begin our calculation is the minimum halo mass that 
forms a cold, dense gas core due to H2 cooling. Radiation in the LW band photo- 
dissociates H 2 , which inhibits star formation in minihalos. This negative feedback 
from a UV background does not necessarily prohibit the formation of primordial 
stars in minihalos, but only increases the critical halo mass in which condensation 



occurs, an d delays the star 



formation, 



Machacek et al. 



ormat ion. From their simulations of pre-galactic structure 
(120011 ) determined the minimum mass of halo that hosts 



a massive primordial star is 



M„ 



M 



exp (J^j (l.25 x 10 5 + 8.7 x lO 5 ^ 



0.47 

LW.-21) > 



(2.1) 



where M min is the minimum halo mass that contains a cold, dense gas core; f c d is the 
fraction of gas that is cold and dense; Flw is the flux within the LW band in units 
of 10~ 21 erg s _1 cm -2 Hz -1 . For our calculation, we consider = 0.02, which is a 
conservative estimate in which we have an adequate source of star forming gas. With 
our chosen f c d and no UV background, a 1.74 x 10 5 M halo will form a cold, dense 
core, which will continue to form a primordial star. In a typical UV background of J 
= 10~ 21 erg s _1 cm~ 2 Hz -1 sr -1 , the minimum mass is 4.16 x 1O 6 M . Additionally, 
minihalos can only f orm a star within neutral regions of the Universe since they are 
easily photo- ionized ( Haiman et alll^OOl ; Oh fc Haiman , and H I is a necessary 

ingredient for producing H2. 



Numerical simulations (e.g. 



Abel et al. 



2002 



Bromm et al. 



20021 ) illustrated that 



fragmentation within the inner molecular cloud does not occur and a single massive 
(M ~ 1OOM ) star forms in the central regions. These stars produce hard spectra 
and tremendous amounts of ionizing photons. For example, the ionizing photon to 
stellar baryon ratio n 7 ~ 91300, 56700, and 5173 for H, He, He + in a 2OOM star 
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(jSchaererl . 120021 ) . We calculate the ionizing photon flux by considering 



Q Ti 



life 



dpr, 



dz 



dz dt 



(2.2) 



where iV 7 is the total number of ionizing photons in the Universe; Q is the time- 
averaged photon flux; T«/ e is the stellar lifetime; and p m ini is the comoving number 
density of minih alos that we determine from an ellipsoidal yariant of Press-Schechter 



(PS) formalism ({Press fc Schechter 



1974 



Sheth &: Torme: 



20021 ) 



The primordial initial mass function (IMF) is unknown, therefore, we assume a 
fixed primordial stellar mass for each calculation. We run the model for primordial 
stellar masses, Mf s , of 100, 200, and 500 M Q an d use the time-a veraged emissivities 
from metal- free stellar models with no mass loss (jSchaererl . 12002). In our mo d < 
minihalo is quickly ionized and all photons escape into the IGM (IWhalen et al. . 
Furthermore, we use a blackbody spectrum at 10 5 K to approximate the spectrum of 
the primordial star since surface temperatures are virtually independent of mass at 
M > 8OM . 



200J) 



2.2.2 Star Formation in Protogalaxies 

In T vir > 10 4 K halos, baryons can cool efficiently through atomic line cooling, thus 
fragmenting and forming stars. As described in HL97, we parametrize the properties 
of these stars by a couple of factors. 



Star formation efficiency 

High redshift galaxies appear to have similar properties as local dwarf galaxies. We 



In these galaxies, f* ranges from 0.02 to 0.08 (1 Taylor et al 



(Tavlor et al.. 


1999; 


Walter et al. . 


2001) 



Using the orthodox Schmidt star formation law in local dwarf galaxies, iGnedinl (120001 ) 
estimated f* to be 0.04 if it were constant over the first 3 Gyr but can also be as low 
as 0.022. It should be noted that f* can be higher if star formation ceased after a 
shorter initial burst. 
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Analyses of metallicities in local dwarf galaxies reveal their prior star formation. 
Both Type la and Type II SNe contribute iron to the IGM, but Type II SNe provide 
most of the a-process elements (e.g. C, N, O, Mg) to the IGM. Type II SNe occur 
on timescales < 3 x 1 7 yr w hile Type la are delayed by 3 x 10 7 yr to a Hubble time 
( IMatteucci fc Recchil . 1200 ll ). Therefore, we expect an overabundance of a-process 
elements with respect to iron just after the initial starburst. [a/Fe] versus [Fe/H0 
plots help us inspect the evolution of the ISM/IGM metallicity. If the prior star for- 
mation is inefficient (i.e. spirals and irregulars), [a/Fe] is only shortly overabundant, 
which is characterized by a short plateau versus [Fe/H]. On the other hand, if the star 
formation is fast and occurs early in the lifetime of the galaxy, [a/Fe] remains in the 
plateau longer d ue to th e quick production of metals by Type II SNe (see Figure 1 in 



Matteucci. 



2002). Also, 



Venn et al 



(120031 ) discovered no apparent plateau in [a/Fe] 
versus [Fe/H] comparisons in dwarf spheroidal and irregular galaxies. They conclude 
that star formation must have been on timescales longer than Type la SNe enrich- 
ment, which hints at a low and continuous star formation rates in these protogalaxies 
when compared to recent star formation. 

These low star formation efficiencies are fur ther supported by the galaxies con- 



tained in the Sloan Digital Sky Survey (SDSS; I York et all I200CH ) . Star formation 
effici encies within low mass galaxies (M < 3 x 10 10 M^) decline as M 2 / 3 f Kauffmann 
et al. . 120031 ) . At high redshift and before reionization, most of the prot ogalaxies ten d 



to be few x 10 7 M & , which is comparable to many local dwarf galaxies ( Mated 1998 ). 
It should also be noted that no star formation history is alike within individual Lo- 
cal Group galaxies, but it is worthwhile to adopt a global star formation efficiency 
and observe the consequences on reionization and primordial star formation. With 
the stated con straints, we se t f* = 0.04 in our main model in concorda nce with the 
Schmidt Law (IGnedinl . I2OOO1 ) and stellar abundances (jVenn et all 120031 1 . 



1 We use the conventional notation, [X/H] = log(X/H) - log(X Q /Il0) 
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Table 2.1: Ionizing photon production per stellar baryon 
and luminosities for metal-poor IMFs 



z 




n 7) He 


n 7, He+ 


log £ 










[erg s" 1 M" 1 ] 


io- 7 


20102 


8504 


8 


36.20 


10~ 5 


15670 


5768 


0.2 


36.16 


0.0004 


13369 


3900 





36.28 a 



Stellar luminosities 



We consider multiple IMFs for star formation within protogalaxies. Our main model 
uses a Salpeter IMF with a slope a = -2.35, metallicity Z = 10~ 7 , 10~ 5 , and 0.0004, 



and (Mi ow , M up ) = (1, 100)M Q . We take the continuous starburst spe ctrum evo 
from these particular IMFs that were calculated with Starburst99 (jSchaerer . 



Leitherer et al. 



ution 



2003 



1999). To estimate the ionizing photon per stellar baryon ratio, n 



7) 

and luminosities of the IMF at a particular metallicity, we interpolate in logio space 
between the two adjacent IMFs. When Z < 10~ 7 , we consider the Z = 10~ 7 IMF. The 
properties of these IMFs are listed in Table 1. Note that more metal- rich starbursts 
result in a softer spectrum and less ionizing photons in which n 7) h decreases almost 
by a factor of 2. 

In the Z = 0.0004 IMF, we retain the luminosity from the Z = 10~ 5 and set n 7) # e + 



0. We choose to do so because of the theor etical uncertain ty o f hot Wo 



Schaerer 



f -Raye t 
J2OO3I), 



(WR) stars and their presence (for a review, see ISchaererl . I200CH ) . In 
the luminosity and spectral ha rdness increases due to the presence of WR stars at 

Smith et all (hooj ) calculate WR spectra that are 



higher metallicities. However, 
significantly softer. 

a See text for a discussion on values. 
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Ionizing photon escape fraction 

Radiation emitted by these stars have a probability f esc to escape from the proto- 
galaxy and ionize the IGM. The proto galaxy ISM dens i ty and composition plays the 
biggest role in determining this factor. 



Heckman et al. 



(120011 ) showed that local and 



distant starburst galaxies, including the gravitationally lensed galaxy MS 1512-cB58 
(z = 2.7), have f esc < 0.06. This result agrees with previous ana lyses of the f esc in 



the Lyman continuum (ILeitherer et al. 



1995 



Hurwitz et al. 



19971 ). However, Lyman 
break galaxies may have f esc > 0.2 (ISteidel et al.l . l200ll ). In conjunction with f* = 0.04 
and M fs = [100, 200, 5OO]M , the choice of f esc = [0.050, 0.033, 0.028], respectively, in 
our calculation results in the sa me optical depth from W MAP, r e . x = 0.17, thus w e use 



these values in the main models. 



Wood fe Loebl feoOQ ) and 



Ricotti k Shull 



J2OO0I ) 



have 



1995|) 



argued that the escape fraction may be very small due to the much higher densities 
at high redshift. However, the shallow potential wells and their sma ll size mak e them 
susceptible to photo-evaporation and effects of radiation pressure (IHaehnelt 
Other uncertainties such as dust content, metallicity, and whether the ISM density 
scales as (1+z) 3 blur our intuition about the escape of ionizing radiation. Therefore, 
we allow f esc to vary from 0.001-0.25 since it is unclear whether high- redshift, low- 
mass protogalaxies allow photons to escape due to self-photoevaporation or absorb 
the photons due to a higher proper gas density when compared to starburst galaxies. 



Ionizing Photon Rates 

These factors are multiplicative in the amount of radiation that is available from 
protogalaxies to ionize the IGM. The rate of photons emitted that can ionize species 
Xis 



Po 



fesc f* ^7,X dlpp ro to d,Z 
dz dt ' 



(2.3) 



proto ^ 

where /1 is the mean molecular weight; po — fi{,(3HQ/87rG); m p is the mass of a 
proton; ip pro to is the mass fraction contained in protogalaxies that is calculated by PS 
formalism. We restrict the product of f esc and to be in a range from 10 _4 -10~ 2 
since the resulting reionization histories fall within the measured r es error bars. The 
reionization epoch greatly depends on the factors f esc and /*. In order to explore 
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Fig. 2.1. — The dashed line is the gas clumping factor as calculated in our adiabatic 
hydrodynamical AMR simulation. Using equation (12.51) . we estimate the clumping 
factor in the ionized region to be solid line. 



the consequences of different values of r es and their resulting SNe rates, we vary the 
factors f Pqr and L. 



2.2.3 Clumping Factor 

Overdense regions experience an increased recombination rate. Overdensities are 
characterized by the gas clumping factor C = (n 2 H ) /(uh) 2 , and the recombination rate 
is increased by this factor. To calculate this parameter in our mode l, we utilize the 
same cosmological Eulerian AMR code enzo (IBrvan & Normanl.ll999r) as in Machacek 



et al. (l200ll ) in a 256 3 simulation with a comoving box side of 500kpc, eight levels of 
refinement, and the previously specified cosmological parameters. The top grid has a 
total (gas) mass resolution of 1013 (135) M Q , which is smaller than the cosmological 
Jeans mass, 



Mi « 10 4 



'Q M h 



-1/2 



0.15 



'tt b h r 
0.02 



-3/5 



1 + z 
11 



3/2 



M F) . 



(2.4) 
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Thus, we account for all collapsed halos in our clumping factor calculation. The 
simulation is purely adiabatic with no background radiation or atomic/molecular 
cooling. We show the clumping factor in our simulation, C sim , in Figure |2~T1 Cooling 
only affects localized regions of star formation and does not contribute greatly in 
the boosting of C. However, ioni zing radiation cause s photoevaporation of halos, 



which decreases C in the process ( IHaiman et all l200ll ). We correct for this process 



by considering all minihalos with Mj < M < M min are photo-evaporated in the 
ionized regions of the Universe. For simplicity, we assume the IGM has a clumping 
factor of unity although underdense regions in the IGM correspond to Ciqm ~ 1- 
We concentrate on the gas clumping factor in the ionizing regions since the goal is 
to calculate the increase in recombination rates. Consider an ionized region whose 
volume filling fraction F# is increasing. The evolution of the gas clumping factor is 

C — 1 

C = CgimFu • (2.5) 

The first term accounts for the expansion that will incorporate unaffected, clumpy 
material into the region, and the second term represents the photoevaporation of 
overdensities. Any overdensities in the ionized region will be photo-evaporated by a 
background UV flux in approximately a sound crossing time of the halo, 

where /3 is a normalization factor that accounts for the differences in halo densities 
at various redshift s and masses, and R „; r is the mean virial radius of a halo with 



Mj < M < M min (IHaiman et all 120011 ). Since (3 remains within ~15% of unity for 
minihalos, we infer (3 = 1. 

The effect from photoevaporation is illustrated in Figure 12.11 Overdensities that 
are engulfed by ionized regions cannot sufficiently increase the gas clumping factor 
to overcome the photoevaporation that occurs, and C remains within the range 1-3 
for the entire calculation in our main model. This equation is weakly sensitive to t p h 
since varying t p h by a factor of 6 alters C only by a factor of 2. In a later paper, we 
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shall computationally address the effect of radiation on the clumping factor. 



2.2.4 The Evolution of UV Background and Halo Densities 



We initialize the following method at z = 75 with no UV background, evolve the 
UV background at the questioned redshift, and repeat the described procedure until 
cosmological hydrogen reionization occurs. 

Given a minimum mass of a star-forming halo, we can exploit PS formalism to 
calculate number densities of these halos. For minihalos, we calculate their number 
densities for halos with masses above M min (eq. I2.ip and virial temperatures below 
10 4 K. Likewise, the protogalaxy mass fraction is calculated by considering all halos 
more massive than a corresponding T„j r = 10 4 K. 

We choose a variant of PS fo rmalism, which is an elli p soidal collapse mod el that 

Sheth 



is fit to n umerical s imulation s (ISheth &: Tormen 



1999 



Sheth et al 



& Tormen, 120021 ). This model is concisely summarized in iMo fc White! (120021 ) . In 



2001 



< E 



SNe, 



minihalos, it is reasonable to assume one star forms per halo since E&j„d 
where and E>sNe are the binding energy of the host halo and kinetic energy of 
the primordial SNe, respectively. The gas is totally disrupted in the halo and requires 
~100 Myr, which is approximately the Hubble time at cosmological reionization, to 
re-collapse (Abel, Bryan, & Norman 2002, unpublished). Therefore, 



dp* dp m i n i dt 
dz dt dz ' 



(2.7) 



where is the comoving density of primordial stars. 

We evolve the spectrum from early stars to investigate how the UV background 
behaves, particularly in the LW band, with the cosmological radiative transfer equa- 
tion, 



' d_ 
dt 



vE 



dv 



J 



-3HJ — ckJ 



(2.8) 



where H = H(z) = 100hE(z) is the Hubble parameter, and E(z) = + fi m (l + z) 3 . 
J = J(i>,z) is specific intensity in units of erg s -1 cm -2 Hz -1 sr _1 . k is the contin- 
uum absorption coefficient per unit length, and e = t{y) is the proper volume-averaged 
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emissivity in units of erg s 1 cm 3 Hz 1 ( iPeebled . Il993l ) . We define the luminosity of 
the objects as 



Up) 



AtiR 2 B u (T = 10 5 K) (mini) 

e e r> B V (T=23000K) i , \ 

J O-kJ *l~ Bv ( u =2.7kT/h p ; T=23000K) lP roto J 



where B u is a black body spe c trum, and C is listed in Table 1. R is the radius of 



the primordial s tar (jSchaererl . |2002| ). fo* is the fraction of stars in the starburst 
(jSchaererl . 120031 ). k and h p are Boltzmann's constant and Planck's constant, respec- 
tively. For the protogalaxies, T ~ 23000K because the spectrum in the LW band will 
be dominated by OB stars, and we weight the luminosity by this blackbody spectrum. 
Emissivity will be nearly zero above 13.6eV in the neutral Universe due to hydrogen 
and helium absorption. 

Photons from primordial stars and protogalaxies between 13.6eV and several keV 
ionize the surrounding neutral medium. Using the intrinsic >13.6eV ionizing photon 
rates from primordial stars (eq. 12.21) and protogalaxies (eq. 12 . 3[) . we calculate a 
volume-averaged neutral fraction. The change of ionized hydrogen comoving density 
due to photo-dissociation and recombination is 

^ = -<£ + Ck r Jl + zfn\ (l - 22»V , (2.9) 
at at V riff J 

where iihii and n# = 0.76/Oo/nip are the ionized and total hydrogen comoving density; 
dN 7 /dt is the rate of ionizing photons from primordial stars and protogalaxies; C is 
the clumping factor; and k rec = 2.6 x 10~ 13 s _1 cm" 3 is the case B recombination 
rate of hydrogen at T w 10 4 . 

In the case for once-ionized helium, k rec is approximately equal to the hydrogen 
case, but since the helium number density is less than hydrogen, less recombinations 
occur. Naively, this will result in a higher He + fraction than H + due to the hardness of 
the primordial radiation. Realistically when the ionizing photons reach the ionization 
front, they will ionize either helium or hydrogen since hydrogen still has a finite photo- 
ionization cross-section above 23.6eV. We consider the He + regions to be equal to the 
H + regions. Then we add N 7j He to N 7i h to compensate for this effect. We perform a 
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1 e-24 ^ , , 1 , , , , 1 , , , , 1 , ,— = 




Photon Energy (eV) 

Fig. 2.2. — The red dashed line is an example unprocessed spectrum of a continuous 
source of radiation. After being absorbed and re-emitted by Lyman-series transi- 
tions, it transforms into the "sawtooth" spectrum (black solid line). This particular 
spectrum is for z on = 30 and z Q b s = 20. 



similar analysis on doubly ionized helium in which k rec # e + = 1.5 x 10~ 12 s _1 cm -3 , 
but we evaluate equation (12 .9p directly with N 7jffe +. The absorption coefficient in 
equation (I2.8P is ignored since we take into account the Lyman series line absorption 
by the following procedure. Photons with 11.26eV < E < 13.6eV escape into the 
IGM, which will photo-dissociate H 2 . To calculate the flux within the LW band, we 
m ust consider the processing of photo ns by the Lyman series tran sitions (Haiman et 
al.. 119971 ). Before reionization, these transitions absorb all photons at their respective 
energies. These absorbers can be visualized as optically thick "screens" in redshift 
space, for which the photon must have been emitted after the farther wall in redshift. 
This process creates a sawtooth spectrum with minimums at redshift screens, which 
is illustrated in Figure 12.21 For instance, an observer at z = 20 observes photons 
at 12.5eV; it must have been emitted by the Ly7 line at 12.75eV at z — 20.4. The 
fraction of photons that escape from these walls during an integration step is 

l-[(l + z )/(l + Zscreen )]^ 
1 \-[{l + z)/{l + z + /\z)Y^ 1 ' ' 
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where a = -1.8 is the slope of a power-law spectrum (F u oc v a ) and 

^screen (1 %obs) 1- 

viyi is the nearest, blueward Lyman transition to v. Inherently, z screen must be 
between z and z + Az. 

Considering the processes described above, we finally evolve the UV background 
with the volume averaged emissivity, 

tmini(v) = Pmini X L(v) X ( 1 - — ^ ) , (2.12) 

V n H J 

e P roto(v) = v~ x pq ^ oto x L(u, (2.13) 

e(v) = (1 + zf [e mini (v) + e proto (v)] x f(u). (2.14) 



2.3 Results 

In this Section, we present the results of our calculation of the evolution of SNe rates 
and the UV background. We also present the variance of optical depth to electron 
scattering and SNe rates with different primordial and protogalaxy star formation 
scenarios. In Figure 12.31 we plot minimum halo masses that host primordial stars, 
densities of those halos, SNe rates, and the UV background in the LW band for the 
main models. 



2.3.1 Optical Depth to Electron Scattering 

Optical depth due to electron scattering, 

T es (z) = n e a T HC dz ' (2.15) 

where n e and oth are the proper electron density and Thomson cross-section, respec- 
tively, is a good observational test to determine the neutral fraction of the Universe 
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Redshift 

Fig. 2.3. — (Clockwise from upper right) Primordial SNe rates (yr _1 deg -2 ) per unit 
redshift; Cumulative primordial SNe rate (yr -1 deg -2 ); Specific intensity (erg s -1 
cm~ 2 Hz -1 sr _1 ) in the LW band; Comoving density (Mpc~ 3 ) of halos above the 
critical star formation mass in neutral regions; Critical halo mass (M Q ) for primordial 
star formation. The solid, dotted, and dashed lines correspond to calculations run 
with a fixed primordial stellar mass of 100, 200, and 500 M , respectively. 

before reionization. The WMAP satellite measured r es = 0.17 ± 0.04 at 68% confi- 
dence. 

To accurately calculate n e , we must consider all ionizations of primordial gas, 
which includes H + , He + , and He ++ . Therefore, the proper electron density is 

n e = (1 + zf (n H F H+ + n He F He+ + 2n He F He++ ) , (2.16) 

where F He +, and F He ++ are the ionized volume fraction of H + , He + , and He ++ , 
respectively. The effect of more luminous primordial stars is evident in Figure 12.41 as 
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they ionize the Universe faster at high redshifts. To match the WMAP result, less ion- 
izing photons are required from protogalaxies if the primordial IMF is skewed toward 
higher masses. Although these models have the same total r es , cosmological reion- 
ization occurs at z = 13.7, 11.6, 11.2 for Mps = 100, 200, and 5OOM , respectively. 
However, these reionization redshifts are not consistent with observed Gunn- Peterson 
troughs in z 



6 quasars flBecker et all 120021 ; iFan et all. 120021) an d the high IGM 
temperatures at z ~ 4 inferred from Lya clouds (IHui &: Haimanl . 120031 ). Perhaps 
portions of the Universe recombin e after comp lete reionization, which will match the 
most distant quasar observations ( Cenl . 2003b ). If this were true, the first reionization 
epoch has to be faster and earlier to compensate for this partial recombination and 
to match the WMAP result. This would lower our SNe rates slightly since primordial 
star formation will be further suppressed by the quicker reionization. 

The ionizing history of the Universe is directly related to the number of ionizing 
photons that are produced and escape into the IGM. If we fix r e 
f* and f esc to a power law 

fesc = B , 



0.17, we constrain 



(2.17) 



where B = [0.00307, 0.00239, 0.00217] and a = [0.906, 0.839, 0.806] for primordial 
stellar masses 100, 200, and 5OOM , respectively. The flattening of the power law 
with increasing Mp$ indicates the increasing ionizing contribution from primordial 
stars. 



Table 2.2: Gaussian fits to M min for the main models 



M A z a C 

100 1.67 ±0.01 10.0 ±0.2 21.9 ± 0.1 5.19 ± 0.01 

250 1.71 ± 0.00 10.5 ± 0.0 23.3 ± 0.0 5.16 ± 0.00 

500 1.72 ± 0.01 11.3 ± 0.2 23.5 ± 0.1 5.15 ± 0.00 



Note. - 



Coefficients are for the function log(M) = A x exp[-(z-z ) 2 /(2cx 2 )] ± C. 
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2.3.2 Primordial Super novae Rates 

The natural unit in our computation is comoving density, yet a more useful unit is 
observed SNe yr _1 deg -2 . First we assume these SNe are bright for 1 yr and then 
correct for time dilation. We consider the equation 

d 2 N dV r dp* . . -, , 
dtdz dz dt y ' y ' 

where the (l+z)" 1 converts the proper SNe rate into the observer time frame, and 

dVc -D ii±^Q (210) 
1z-- Dh E(z) n (2 ' 19) 

is the comoving volume element. Q (deg 2 = 3.046 x 10 -4 sr) is the solid angle of sky 
that we want to sample. Dh = c/Hq is the Hubble distance. Da = Dm /{I + z) is 
the angu l ar dia meter distance, and Dm = Dh Jq E~ 1 (z')dz' is the comoving distance 



( iPeebled . Il993l ). The above equations are only valid for a flat ACDM universe. 

Since we only allow primordial stars to form in neutral regions, SNe rates from 
these stars are highly dependent on the f esc and f*, but less sensitive to the stellar 
primordial mass, M/ s . In our main models, the SNe rate varies little with primordial 
stellar mass and is 0.34 yr -1 deg -2 . Even if we vary f* in a range 0.01-0.1 and fix 
r es , primordial SNe rates do not vary more than 10% from the main models when 
constrained by WMAP. As f esc increases, the SNe rates decrease due to a higher 
ionized volume filling factor. The effect of a higher f* squelches SNe rates by two 
processes, a higher ionized filling factor and higher UV background, which restricts 
primordial stars to form in more massive halos. 

The primordial SNe rate peaks at z ~ 14-20, earlier epochs for larger primordial 
stellar masses, and falls sharply afterwards due to the ensuing cosmological reion- 
ization. Primordial star formation ceases after z ~ 12-16. The combination of an 
increasing UV background, reionizing Universe, and disruption of minihalos from pri- 
mordial SNe suppresses all primordial star formation. For each main model, we fit a 
Gaussian curve to the minimum mass of a minihalo that can host a primordial star, 
and the parameters are listed in Table [2T21 and are valid for z > zq. 
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50 



Redshift 

Fig. 2.4. — Evolution of filling factors of ionized hydrogen (top) and doubly ionized 
helium (bottom). The legend is the same as Figure [231 



It is fascinating that some rare primordial SNe occur at z >, 40. As an exercise, 
we estimate the earliest epoch of minihalo star formation in the visible Universe with 
jy co nsidering it takes ~9.33 Myr for a halo to form a protostellar 



PS fo rmalism and 

core ( Abel et all |2002j). With PS formalism, the "first" epoch equals where the 
minihalo density is the inverse of the comoving volume inside z = 1000 (10523 Gpc 3 ). 
Then we include an additional 9.33 Myr for the ensuing star formation. The halo 
masses of 1.74 x 10 5 and 10 6 M correspond to formation times of z ~ 71 and 64, 
respectively. Another interesting event to calculate is when the SNe rate equals one 
per sky per year, which occurs at z ~ 51 when considerin g the collapse and star 
formation timescales. This epoch is in agreement with the iMiralda-Escudel (120031 ) 
estimate of z ~ 48. 

Furthermore using the proper minihalo density, we calculate the average light 
travel time between sources, which indicates when negative H 2 feedback first affects 
star formation. Star formation occurs ~9.33 Myr after halo formation, so radiation 
escapes into the IGM at a time t ra d = tH(zf orm ) + 9.33 Myr, where Zf orm is the halo 
formation redshift. These sources have a mean proper separation of d = p* ^ 3 / 
(1+z); therefore the time where radiation influences other halos is t ra< j + d/c. The 
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50 
Redshift 



Fig. 2.5. — The solid line is the mean proper separation between minihalos. The 
dashed line is the redshift where minihalos first receive radiation from neighboring 
sources forming at the same epoch. 



minimum of this time, corresponding to z = 54, is where radiation reaches other 
halos for the first time. We illustrate the mean proper separation and epoch of first 
radiation effects in Figure 12.51 



2.3.3 Magnitudes and Observability 



The magnitudes of primordial SNe are as important as their occurrence rates to catch 
these events unfolding in the distant universe. We exploit the 56 Ni output from metal- 
free SNe models to calcula te luminosities L(t) from the two-step decay of 56 Ni to 56 Fe 
(IHeger &: Woosleyl . |2002| ). We consider the emission spectrum to be a blackbody 
spectrum with a time-dependent temperature, 



T(t) 



' L(t)M~ 
8naEt 2 



1/4 



:i+z) 



(2.20) 



where M and E are the stellar mass and kinetic energy of the SNe, respectively, cal- 
culated using free expansion arguments. The temperature and luminosity of a 175, 
200, and 25OM primordial star SNe are depicted in Figure 12.61 For comparison, we 
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Fig. 2.6. — Using the decay of 56 Ni and Equation ( 12. 20ft . we calculate the luminosity 
of primordial SNe and their effective temperature. Heavy (top) lines with circles are 
luminosities and light (bottom) lines are temperature. The blue dashed line with fille d 
squares is a Type la luminosity evolution for comparison (jWoosley fc Weaverl . Il986l ). 
The lines from top to bottom ( dotted, solid, dashed) are for stellar masses 175, 200, 
and 250 M . 



plot the typical light curv e for a Type la SN. Kinetic energy is taken from the SNe 
models (jHeger fc Woosleyl . 120021 ). We consider the SNe remnant to be in free expan- 
sion for the first year because radiation from the primordial star should expel most of 
surrounding medium to create a low densit y, highly ionized regi on of approximately 
100 pc in size for a 120M Q primordial star (IWhalen et all 12004] ). 

In the upp er range (M > 200M^) o f pair-instability SNe, these events produce 1- 
57M of 56 Ni (jHeger & Woosleyl . 120021 ). which will produce tremendous luminosities 
when compared to typical Type II SNe outputs of only 0.1-0.4 Ma, f Wooslev & 



Weaver, Il986l ). However, uncertainty in the primordial IMF places doubt on the 
frequency of primordial star SNe with high 56 Ni yields. Using conventional Type II 
SNe parameters of L ~ 3 x 10 42 erg s" 1 , T = 25000K (2 days < t < 7 days), and T 
= 7000K (7 da ys < t <, 2 months') that are tuned by observed light curves. Miralda- 
Escude & Rees (119971 ) determine apparent magnitudes that are 1-3 mag lower than 
our values, which are brighter due to the greater nickel production of pair-instability 
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Fig. 2.7.— (Left to right) Magnitudes for M FS = 175, 200, 250 M . The dashed 
horizontal lines indicate limiting magnitudes of space infrared observatories. The 
heavy (top) and light (bottom) lines are SNe at z = 15 and 30, respectively. The 
magnitudes for the 175 M G and z = 15 case is not shown since it is too dim. The solid, 
dotted, dashed, and dash-dotted lines are for Spitzer wavebands centered at (3.56, 
4.51, 5.69, 7.96) /im. Note: The detection limits of Spitzer and PRIME Medium are 
not shown since they are too high at 24.5 and 25.6, respectively. 
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SNe models. Their model should apply to the pair-instability SNe with little 56 Ni 
ejecta. Furthermore, our temperatures are higher due to the greater amount of 56 Ni 
decay in pair-instability SNe. 

In typical Type II light curves, radio active decay d oes not significantly contribute 
to the luminosity in the plateau stage ( Popovl 1993 ). In primordial SNe, the 56 Ni 
decay may overwhelm the typical sources of energy within the expanding fireball and 
create a totally different light curve. We stress that our light curve is a very rough 
estimate of the processes occurring within a primordial SNe. 

In Figure 12.7} we compare maximum AB magnitudes of low- and high-mass pair- 
instability SNe at various redshifts and sensitivities of space infrared observatories. 
We consider the sensitivities of SIRTF at 3.5yum, PRIME medium and deep surveys, 
and JWST with exposure times of 100s and 10 5 s. Our simple estimate leads to very 
high predicted luminosities, and more detailed numerical models of these explosions 
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are clearly desirable. 



2.4 Discussion 



Other factors could alter the feasibility of observing primordial SNe. For instance, 
~ 2% of primor dial stars might die in c ollapsar gam ma-rav bursts fGRBs) f Heger et 



al. 



200 



Lamb! (119991 ) also provides a ratio of GRBs to Type Ib/c SNe rates that 
is ~3 x 10~ 5 (8b I lO -2 ) -1 , where 9b is the beaming angle. However, this estimate is 
for a normal Salpeter IMF, and as mentioned before, the primordial star IMF could 
be skewed toward high masses, which would increase the probability of a GRB. Zero- 
and low-metallicity massive stars outside the pair-instability mass range die as GRBs 
or jet-driven SNe, which are similar to GRBs but not as energetic and spectrally hard. 
If we consider a proportionality constant, faRB, and beaming angle, we estimate that 
the all-sky primordial GRB rate, 



GRB 



2.8 



7. 



0.01 



GRB 



0.02 



GRBs yr 



-i 



(2-21) 



InM < 14OM stars, a collapsar results when it forms a proto-neutron sta rs, cannot 
launch a supernova shock, and direc tly collapses to form a black hole in ~1 s (jWoosleyl . 



1993 



MacFadyen fc Woosleyl . 



19991 ). In M >, 26OM stars, it doe s not create a proto 



neutron star and directly collapses into a massive black hole (IFryer et al. 



2001 



)■ 

Afterwards, these bl ack holes can accrete gas and produce X-rays that can further 



ionize the Universe ( Ricotti fc Ostriker 



200 4bf). A few of these X-ray sources cou 



be detected in the Chandra deep field (IRicotti et al. 
In most GRB models (for an overview, see 



Meszaroe 



2005; 



I hood l 



Alexander et al. 



2003|). 



the radiation is beamed 



to small opening angles due to relativistic effects, which would render a fraction 
of GRBs to be unobservable in our perspective. Finally, gravitational lensing will 
significantly decrease the apparent magnitudes for selected primordial SNe for very 
small survey areas. How ever, the overall magnitude distribution i s slightly dimmed 



by gravitational lensing (iMarri Sz Ferrara 



1998: iMarri et al 



200(1 ) . 



Deviations in the amplitudes of fluctuations, erg, and a running spectral model 
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(jLiddle fc Lythl . 1 19921 . Il993l ) also affect primordial SNe rates. We ran a set of models 
with erg = 0.8, and predictably, the rates decreased by a factor of ~2.5 due to lesser 
powers at small mass scales. When we match r = 0.17, rates range from 0.12 to 
0.2 yr _1 deg~ 2 with the rates peaking earlier at z ~ 20, but now the redshift peaks 
are nearly independent of redshift with only fe « 1 separating the 100 and 500M Q 
models. If we keep the protogalaxy parameters from the main models, rates do not 
change; however, the rates peak later than our main models by 5z « 4, and r lowers 
to 0.14. According to inflationary models, the spectral index o f fluctuations should 



be slowly varying with scale. While analyzing WMAP data, iPeiris et al.l (120031 ) 
determined that the fluctuation amplitude is significantly lower at small scales. With 
lesser powers at small scales, primordial SNe rates decrease such as the case of a lower 
cr 8 . In principle, studying primordial SNe occurrences with respect to redshift could 
furnish direct constraints on the power spectrum at these small scales. 

We have demonstrated our model's dependence on the free parameters, f esc , 



and Mf s . We now suggest several observational and numerical methods in order to 
constrain our models. To constrain early star formation history of dwarf irregulars 
with the [a/Fe] versus [Fe/H] comparison, metal analyses of stars with [Fe/H] < -1.5 
are n eeded to determin e early star formation rates of particular systems (see Figure 
1.5 in 



Venn et al. 



20031 ) . Dwarf spheroidals exhibit greater variance in star formation 



histories from system to system, but a similar study will increase our knowledge of 
high redshift star formation in these small galaxies to further constrain /* at high 
redshifts. To improve on these studies, the advances in multi-object spectrographs 
(e.g. VIMO^J FLAMES§, and GMOqj) enable the gathering of many stellar spec- 
tra in one exposure. This will greatly increase the stellar population data of dwarf 
galaxies. 

Since some massive stars die as a long-duration GRB, these events can convey 
information from the death of Pop III stars. The propagation of the initial burst and 
afterglow provide information about the total energy, gas density in the vicinity, and 
the Lorentz factor of the beam. The host galaxy ISM properties will help constrain 



2 http: / /www. eso.org/instruments/vimos/ 
3 http: / /www. eso.org/instruments/flames/ 



http://www.gemini.edu/sciops/instruments/gmos/gmosIndex.html 
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the f esc in high redshift galaxies. As in the case of GRB 030329 (IStanek et all 120031 ) . 
the power-law spectra of the afterglow can be subtracted to obtain a residual that 
resembles a typical SN spectrum, which may be used to roughly determine the mass 



of the progenitor. Observing the afterglow is necessary to determine its redshi 
The prospect of observing prompt afterglows will be accomplished easier with Swif 
which can po ssibly detect GR B afterglows to z = 16 and 33 in the K and M bands 



1 



respectively (IGou et al 



2004] ) . Furthermore, >, 50% of GRBs occ ur earlier than z 



5, and 15% of those high redshift GRBs are detectable by Swift (IBromm fc Loeb . 



|2002| ). The comparison to nearby SNe can provide crucial information about the 
high redshift ISM. Finally, it is a possibility to explore the interv ening; absorption 



with the fast-pointing and multi-wavelen gth observations of Swift ( IVreeswijk et al. 



2003 



Loeb, 



2003 



Barkana fc Loeb. 



20041 ). This IGM absorption would constrain the 



reionization history of the Universe better, which may change the primordial SNe 
rates, but more specifically the rate per unit redshift, which would roughly conform 
to the filling factor evolution. 

The radiation from protogalaxies and primordial stars will not only ionize the 
Universe but also contribute to the near- infrared background (NIRB). Calculations 
have show n that primo r dial stars can provide a significa nt fraction of radiation to 



the NIRB flSantos et al. 



2002 



Salvaterra fc Ferrara. 



20031 ); however, the paradigm of 



early reionization set by WMAP was not considered at the time, f* of protogalaxies 
and densities of primordial stars can be further constrained if future studies of the 
NIRB consider the large emissivities of zero- and low-metallicity sources at z >, 15. 

Other outlooks include det ecting high redshift radio sources and searching for 
21cm absorption and emissio n (IHogan fc Rees 



1979 



Scott &: Rees. 



20031 : 



Furlanetto et al. 



19901 : 



Iliev et al. 



20041 ). By looking for 21cm signatures, observations would be 



directly probing the neutral regions of the Universe since the Gunn-Peterson trough 



saturates only at a neut ral filling 
redshift starbursts (e.g. 



actor of ~ 10 5 . Lastly, additional searches for high 



Ellis et al. 


2001; 


Pello et al. . 


2004) 



20041 ) in lensed fields will furnish 



an understanding of the characteristics of these objects and help tighten our models 
of early "normal" and primordial star formation. 



3 http://swift.gsfc. nasa.gov/ 
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Metal-free stars with masses between ~14O-26OM result in a SNe that is visible 
and eject heavy elements into the IGM. When a star is within this range, the stel- 
lar core has sufficient entropy after helium burning to create positron/electron pairs. 
These pairs convert the gas energy into mass while not greatly contributing to pres- 
sure. This creates a major instability, where the star contracts rapidly until oxygen 
and silicon implosive burning occurs. The n the star tota l ly disrupts itself by thes e 



nuclear explosions and leaves no remnant (IBarkat et al. 



1967 



Bond et al. 



1984 1 



Stars between ~1OO-14OM experience this instability. It is not violent enough to 
disrupt the star, but pulsations a nd mass loss occur until equilibrium i s reac hed and 



the hydrogen envelope is ejected (IBond et al. 



1984 



Heeer & Wooslevl . 120021 1 



Metal production from primordial stars cannot a ccount for the volume filling factor 
of metals as seen in Lya clouds in current models (INorman et all |2004| ). To further 
test this work, we determine a volume-averaged metallicity of [Fe /H] <, -4.1 using 
our S Ne densities and the metal production of pair-instability SNe (jHeger fc Wooslevl . 



20021 ). Therefore, ubiquitous star formation in protogalaxies most likely polluted the 



sparse regions of the Universe. Combining the primordial and protogalaxy metal 
output, simulations with proper metal transport should agree with the abundances 
observed in Lya clouds. Such simul ations that takes in t o acco unt both of th e se me tal 
sources and matches the results of ISongaila fc Cowid (119961 ) and ISongailal (120011 ) is 



needed to constrain star formation before reionization. 

Numerical simulations are also needed to investigate radiative transfer from a pro- 
togalaxy stellar population. This scenari o will contain more co mplexities than a single 

(120041 ) . With a protogalactic 



Whalen et al. 



primordial star in a spherical halo as in 
simulation with the Jeans length resolved, star formation and feedback, and radiative 
transfer, it will be possible to study the evolution of the ISM in a protogalaxy, which 
will produce insight and better constrain ts on the pho t on esc ape fraction, f esc , in 



the Lyman continuum at high redshifts. 



Ricotti et al. 



(l2002a| ]bl) thoroughly study 
is still a parameter when it 



radiative transfer around protogalaxies; however, /, 
should be determined from the radiative transfer r esults in the s i mulations. Ideally, 
the analytical ideas about ionizing; the Universe in iMadaul (119951 ) 
( 119961 ); iMadau et al.l (119991 ) should be realized in such simulations but in the context 
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of the current paradigm of a high redshift reionization as indicated by WMAP. Also 
we may hope by using numerical radiative transfer techni ques for line and c ontinuum 

((2002) to follow 



Abel et al. 



radiation in three dimensions to push the simulations of 
the entire accretion phase of the first stars. This would lead to stronger constraints 
on the masses of the very first stars. 



2.5 Summary 



The WMAP measurement of optical depth to electron scattering places a constraint 
of early cosmological reionization of the universe, which we show to be mainly from 
star formation in protogalaxies. This general r esult is in agreement with other studies 
of reionization after WMAP (e.g . 



2003 



Ricotti fc Ostriker 



2004a : 



Cen 



2003a 



Somerville fc Livid . 12003 



Sokasian et al 



2004]) 



Ciardi et al 



The radiation from protogalaxies squelches primordial star formation, and ~0.34 
primordial SNe deg~ 2 yr~ x are expected. SNe rates can vary from 0.1 to >1.5 
deg~ 2 yr _1 depending on the choice of primordial stellar mass and protogalaxy 
parameters while still constrained by the WMAP result. The peak of SNe rate 
occurs earlier with increasing primordial stellar masses. These results are upper 
limits since the rate of visible primordial SNe depends on the IMF because only 
a fraction will lie in the pair instability SNe mass range. The other massive 
primordial stars might result in jet-driven SNe or long duration GRBs. 

Stellar metal abundances and star formation in local dwarf galaxies aid in es- 
timating protogalaxy characteristics. We choose f* = 0.04 and f esc = 0.050 in 
our 100 M & model. In protogalaxies, the star formation efficiency is slightly 
lower than local values, but the photon escape fraction is within local observed 
fractions. 

Primordial stars enrich the IGM to a maximum volume-averaged [Fe/H] ~ -4.1 
if the IMF is skewed toward the pair-instability upper mass range. A proper 
IMF will lessen this volume- averaged metallicity since only a fraction of stars 
will exist in this mass range. 
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• The entire error bar of the WMAP measurement of optical depth to electrons 
can be explained by a higher/lower f* and f esc . Protogalaxies can ionize the IGM 
easily since low metallicity starburst models produce 20-80% more ionizing pho- 
tons than previously used (Z = 0.001) IMFs. Massive primordial stars provide 
~10% of the necessary photons to achieve reionization. No exotic processes or 
objects are necessary. 

• Only the upper mass range of pair instability SNe will be observable with JWST 
since the low mass counterparts do not produce enough 56 Ni to be very luminous. 

Although the IMF of primordial stars is unknown, simulations have hinted that 
a fraction of metal-free stars may exist in the pair-instability mass range. When 
observational rates, light curves, and spectra are obtained from future surveys, these 
data would provide very stringent constraints on the underlying CDM theory as well 
as our understanding of primordial star formation. 



Chapter 3 



The Virialization of Baryons in 
Protogalaxies 

Galaxy formation entails a complex interplay of many processes, e.g. star formation, 
hydrodynamics, central black holes, hierarchical merging, and non-local radiative 
feedback. The philosophy of the rest of this thesis aims to isolate the effects of each 
relevant process in galaxy formation. In this light, we start with a set of control simu- 
lations that use a simple model of galaxy formation. We consider the hydrodynamics 
and gas chemistry of early galaxy formation. These calculations provide a basis for 
comparison against more complicated simulations that include primordial star forma- 
tion and feedback. Nevertheless even in the absence of star formation and feedback, 
the gas dynamics of a hierarchically assembling and virializing object proves to be a 
rich subject, which we detail in this chapter. 

This chapter has been submitted to The Astrophysical Journal for publication. 
This paper is co-authored by Tom Abel, who suggested many of the analysis tech- 
niques and their physical interpretations. 
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3.1 Introduction 



The process of viri alization is clearly fundamental to all scales of galaxy formation. 
Lynden-Belll ( 119671 ) demonstrated that violent relaxation occurs during the virial- 
ization of a dissipationless system, but does the equivalent occur for the baryonic 
matter? If it does, how it achieves virial equilibrium should be inherently different 
because of hydrodynamical effects and radiative cooling. Additionally, this would cre- 
ate a Maxwellian velocity distribution for the baryons as well. Turbulent velocities 
would exceed rotational ones. This would be at odds with the standard galaxy for- 
mation theories, which generally assume smooth rotating gaseous distributions (e.g. 



Crampin fc Hoyle 



1964 



Fall k Efstathiou 



1980 



Mo et all. 



19981 ). The first occur- 



rence of widespread star formation can be regarded as the commencement of galaxy 
formation, and its feedback on its host will affect all subsequent star formation. It is 
crucial to model the initial stage of galaxy formation accurately. Differences in initial 
configurations of a collapsing halo may manife st itself in differen t type s of central 



lumin ous objects, whether i t be a stellar dis k (IFall fc Efstathiou 



1998 


), a starburst (see §4 in 


Kennicutt 


(Bromm & Loeb. 


2003; 


Volonteri et al. 



1998 



2005 



1980 



Mo et al 



for a review), or a massive black hole 



Spaans fc Silk 



2006 



Begelman et al 



20061 ) . These differences may result from varying merger histories and the ensuing 
virial heating or turbulence generation of the new cosmological halo. 

For galax y clusters, cosmological virialization has been studied extensively fNor 
man fc Bryan, 



1999 



Nagai fc Kravtsov 



2003a 



Nagai et al. 



2003b 



Schuecker et al. 



20041 ; iDolag et al.l . 120051 ). It is customary to connect the velocity dispersion to a 
temperature through the virial theorem for a collisionless system, where the potential 
energy equals twice the kinetic energy. However X-ray observations and such cos- 
mological simulations of galaxy clusters have indicated that turbulent energies are 
comparable to thermal energies. Central turbulent pressure decreases the density, 
but the temperature is largel y unchanged . This leads to an increased entropy and a 



flatter entropy radial profile (jDolag et al. 



al pi 



20051 ) that is in better agreement with X- 



ray observations (e.g. iPonman et al.l . Il999l ). Simulations of merger dynamics suggest 
that turbulence is mostly generated in Kelvin-Helmholtz instabilities between bulk 
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flows and virialized gas during minor mergers (e.g. lRicker fc Sarazin. l2001uTakizawa 



2003 



Cen 



2005). Alternative l y tur bulence can be generated by cond uction ( 



2005|). 



Dol ag et all 12004 ) or acoustic transport of energy (INorman fc Bryan 



Kim fc Naravan 



1999 



In standard galaxy formation models (IRees fc Ostriker 



1977 



Silk, 



977 



;White 



& Rees, Il978l : Blumenthal et all . Il984l : IWhite fc Frenki . Il99ll ; Mo et all Il998h . gas 
shock-heats to the virial temperature as it falls into DM halos. These models succeed 
with considerable accuracy in matching various observables, such as star formation 
histo ries, galaxy luminosity functions, and the Tullv-Fisher relationship f White & 
Frenk, 



1991 



Lacey fc Silk 



1991 



Cole et al. 



1994 



2000l ). Galaxy formation models 



depend on the virial temperature, most notably through the cooling function that 
controls star formation rates and their associated feedback mechanisms. Atomic 
hydrogen and helium radiative cooling is efficient in halos with masses between 10 8 
and 1O 12 M as cooling times can be less than the dynamical time of the system, a 
condition that galaxy clusters do not satisfy. This strong cooling suggests that in 
galaxies thermal energy may be less important for virialization than turbulent kinetic 
energy. Motivated by the results of galaxy cluster turbulence, we investigate this 
potentially important role of turbulence and radiative cooling in galaxy formation, 
using a series of high resolution numerical simulations of protogalactic halos in this 
work. 

We consider ki netic energy and pressure forces in o u r viri al analysis of proto- 

). This allows us to 



galactic halos (cf. IShapiro et al 



1999 



Iliev &: Shapiro 



2001 



investigate the equilibrium throughout the entire halo and determine the importance 
of each energy component in the virial theorem. Kinetic energy can be decomposed 
into radial and azimuthal motions along with turbulence, which affects the collapse 
of gas clouds primarily in three ways. First as seen in galactic molecular clouds, 
turbulence plays an integral part in current theories of star formatio n as the den 
sity enhancements provide a 



1981 



Myers 



1999 



Goldman 



avorable environment for star formation (Larson. 



1979 



20001 ) . Second if the turbulence is supersonic, gas dissi- 



pates kinet ic energy through radiative cooling, which aids the gaseous collapse f Rees 
& Ostriker, 119771 ). Conversely turbulent pressure adds an additional force for the 
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collapsing object to overcome and can delay the collapse into a luminous object. 
Last, turbulence provides an excellent channel for angular momentum transport as 
the halo settles int o rotational equilibrium to satisfy R ayleigh's inviscid rotational 



stability argument (jRayleigh 



1920 



Chandrasekhar 



196ll ) in which the specific angu- 



lar momentum must increase with radius. Cosmological hydrodynamic simulations 
have just begun to investigate angular momentum transport within turbulent col- 
lapsing objects, and turbulence seems to play a large role in segregating low (high) 



angu l ar momentum gas to small (large) radii (INorman fc Bryanl . 



1999 



Abel et al. 



2002 



Yoshida et al. 



2006b! ) . 



We study idealized cases of structure formation where stellar feedback is ignored 
because it provides a convenient problem to focus on the interplay between cosmolog- 
ical merging, hydrodynamics, and cooling physics during the assembly of early halos. 
Some of the discussed physical principles should, however, be applicable to galaxies 
of all masses. These simulations provide the simplest scenario to which we can in- 
crementally consi d er further additional physics, such as Ho and HD cooling physics 



(jSaslaw fc Zipovl. 



1967; 



feedback (Wha len et al. 



et al., 2006a; A bel et all 



'alia et al. 



2004 



1983 



Flower et al 



Kitavama et al 



2004 



2000 ), pr i mordi al stellar 



Alvarez et al. 



2006; Yoshida 



2007 1'). metal enrichment from primordial stars f Heger & 



2005), and "normal" metal-enriched star formation (see 



Larson . 



Woosl ey. 12002: iTumlinsonl. l2006h. AGN feedback (ISpringel et all l2005t Kuh len & 

, for a 



2003 



Madau, 
review) . 

We present a suite of adaptive mesh refinement simulations that are described in 
§2. Then we analyze the local virial equilibrium and shocks in halos in §3. There 
we also differentiate between infall through voids and filaments and its associated 
virialization. We discuss the situations in which virial heating and turbulence oc- 
cur. Next in §4, we decompose the velocity distribution in principle axes to explore 
virialization in both the DM and baryonic components. Furthermore we decompose 
velocities into shear and compressible flows to study turbulent flows in the virialized 
gas. We discuss the implications of these results on star and galaxy formation in §5. 
Finally we summarize in the last section. 
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3.2 The Simulations 



To investigate protogalactic (T v - ir > 10 4 K) halo virialization in the early universe, 
we utilize an Eulerian structu red, adaptive mes h refinement (AMR), cosm o logica l 



hydrodynamical code, Enzc0 (jBryan fc Norman 



1997 



199 



9; 



O'Shea et al. 



, hooi i. 



Enzo solves the hydro dynamical equations using t 



le second order a ccurate piece 



wise parabolic method (IWoodward &: Colellal . Il984j ; iBryan et al.l . Il995l ). while a Rie- 
mann solver ensures accurate shock capturing with minimal viscosity. Additionally 
Enzo uses an adaptive particle-mesh n-body method t o calculate the dynamics of 
the collisionless dark matter particles ( Couchmanl 



1991 



J). Regions of the simulation 
grid are refined by two when one or more of the following conditions are met: (1) 
Baryon density is greater than 3 times HbPoN l( - 1+ ^ , (2) DM density is greater than 
3 times QcdmPoN^ 1 ^, and (3) the local Jeans length is less than 4 cell widths. 
Here = 2 is the refinement factor; I is the AMR refinement level; <fi = —0.3 causes 
more frequent refinement with increasing AMR levels, i.e. super-Lagrangian behavior; 



Po = 3Hq/8ttG is the critical density; and the Jeans length, Lj = J 15 kT ' / 'An pG pm,H , 
where Ho, k, T, p, p, and itlh are the Hubble constant, Boltzmann constant, temper- 
ature, gas density, mean molecular weight in units of the proton mass, and hydrogen 
mass, respectively. The Jeans length refinement ensures that we meet the Truelove 
criter ion, which requires t he Jeans length to be resolved by at least 4 cells on each 



axis ( Truelove et al. 



199 



We conduct the simulations within the concordance ACDM model with WMAP 
first year parameters (WMAP1) of h = 0.72, Q A = 0.73, Q M = 0.27, Q b = 0.024/i- 2 , 
a nd a primordial scale invariant in = 1) power spectrum with an = 0.9 ( Spergel et 
al., 120031 ). h is the Hubble parameter in units of 100 km s _1 Mpc -1 . ^a, and 



are the fractions of critical energy density of vacuum energy, total matter, and 
baryons, respectively. Last <jg is the rms of the density fluctuations inside a sphere 
of radius 8/z" 1 Mpc. 

Using the WMAP1 par ameters versus the s ignificantly different WMAP third 
year parameters (WMAP3; ISpergel et al.l . 120061 ) have no effect on the evolution of 



1 See http:/ /http://lca. ucsd.edu/portal/software/enzo 
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individual halos as are considered here. However these changes play an important 
role in statistical properties. For example, halos with mass 1O 6 M at redshift 20 
correspond to 2.8cr peaks with the WMAP1 but are 3.5<r peaks for WMAP3. The 
VtM/^b ratio also only changed from 6.03 to 5.70 in WMAP3. 

We also have verified that there is nothing atypical about the mass accretion rate 
histories of the objects we study. The mass accretion history of these objects exhibit 
smooth growth during minor mergers and accretion and dramatic increases when a 



major merger occurs. This behavior is consistent with typica 



extended Press-Schechter calculations (IBond et al. 



1993 



1994 



van den Boschl. 



Lucia et al., 



2004 



Gao et al. 



19911 : iBower . 



halo assemblies in 



1991 



Lacey fc Cole 



2002) and cosmological numerical simulations fe.g. De 



20051 ). The m ass accretion his tories in our simulations 
are well described by the fitting function of Ivan den Boschl with Mq = 3 x 1O 7 M , 
Zf = 17, and y = 12.5. We also compare our data against the mass accretion histories 
of iGao et all who tested their data against an extended Press-Schechter calculation 
of the growth history of the halos. We find no major discrepancies between the two 
histories. 

The initial conditions of this simulation are well-established by the primordial 
temperature fluctuations in the cosmic m i crowave background (CMB ) and big bang 

and references 



2002 



Buries et all 



2001 



nucleosynthesis (BBN) (IHu fc Dodelsonl . 
therein) . 

We perform two realizations with different box sizes and random phases. In the 
first simulation (simulation A), we set up a cosmological box with 1 comoving Mpc on 
a side, periodic boundary conditions, and a 128 3 top grid with three nested child grids 
of twice finer resolution each. The other simulation is similar but with a box side of 1.5 
comoving Mpc (simulation B). We provide a summary of the simulation parameters 
in Table 13.11 These volumes are adequate to study halos of interest because the 
comoving number density of >10 4 K halos at z _ = 10 is ~6 Mpc~ 3 acc ording to an 



ellipsoidal variant of Press-Schechter formalism ( Sheth &: Tormenl . |2002(). We use the 
COSMICS package to calculate the initial conditions at z — 129 (119)0 dBertschingerl. 



TTo simplify the discussion, simulation A will always be quoted first with the value from simulation 
B in parentheses. 
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19951 . l200ll ). which calculates the linear evolution of matter fluctuations. We first run 
a dark matter simu l ation to z — 10 and locate the DM halos using the HOP algorithm 
( lEisenstein fc Hutl . Il998l ). We identify the first dark matter halo in the simulation 
with T v i r > 10 4 K and generate three levels of refined, nested initial conditions with 
a refinement factor of two, centered around the Lagrangian volume of the halo of 
interest. The nested grids that contain finer grids have 8 cells between its boundary 
and its child grid. The finest grid has an equivalent resolution of a 1024 3 unigrid. This 
resolution results in a DM particle mass of 30 (101) M Q and an initial gas resolution 
of 6.2 (21) M . 



Table 3.1: Simulation Parameters 



Name 


1 

[Mpc] 


^end 




N grid 






N ceU 


Cooling model 


AO 


1.0 


15.87 


2.22 x 


10 7 


30230 


9.31 


X 


10 7 (453 3 ) 


Adiabatic 


A6 


1.0 


15.87 


2.22 x 


10 7 


40486 


1.20 


X 


10 s (494 3 ) 


H,He 


A9 


1.0 


18.74 


2.22 x 


10 7 


45919 


1.21 


X 


10 s (495 3 ) 


H,He,H 2 


BO 


1.5 


16.80 


1.26 x 


10 7 


23227 


6.47 


X 


10 7 (402 3 ) 


Adiabatic 


B6 


1.5 


16.80 


1.26 x 


10 7 


21409 


6.51 


X 


10 7 (402 3 ) 


H,He 


B9 


1.5 


23.07 


1.26 x 


10 7 


20525 


5.59 


X 


10 7 (382 3 ) 


H,He,H 2 



Note. - Col. (1): Simulation name. Col. (2): Number of dark matter parti- 
cles. Col. (3): Number of AMR grids. Col. (4): Maximum number of unique grid 
cells. Col. (5): Maximum level of refinement reached in the simulation. Col. (6): 
Resolution at the maximum refinement level. Col. (7): Cooling model. 



Enzo employs a non-equilibrium chemistry model (lAbel et al 



1997; Anninos et 



al., Il997l ). We conduct three simulations for each realization with (i) the adiabatic 
equation of state with an adiabatic index 7 = 5/3, (ii) a six species chemistry model 
(H, H + , He, He + , He ++ , e~), and (iii) a nine species chemistry model that adds H 2 , 
H2", and H - to the six species model. In the nine s pecies model, we use the molecular 
hydrogen cooling rates from iGalli fc Pallal (119981 ) . These models are differentiated 
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in the text by denoting 0, 6, and 9, respectively, after the simulation name (e.g. 
simulation BO). Compton cooling and heating of free electrons by the CMB and 
radiative losses from atomic and molecular cooling are also computed in the optically 
thin limit. 

To restrict the analysis to protogalactic halos in the H 2 models, we suppress 
H 2 formation in halos that cannot undergo Lya cooling by reducing the residual 
electron fraction to 10~ 12 in stead of a typical value of ~ 10~ 4 only at the initial 
redshift ( iShapiro et al.l . ll994j ). This mimics an extreme case where all H 2 is dissociated 
by an extremely large radiation background, and the halo can only collapse and form 
stars when free electrons from ionized hydrogen can catalyze H 2 formation. 

We end the simulations with non-equilibrium cooling when the gas begins to 
rapidly cool and collapse. We choose a final resolution limit of ~3000 (4000) proper 
AU, corresponding to a refinement level of 15. We end the adiabatic simulations at 
the same redshift. In a later paper, we will address the collapse of these halos to 
much smaller scales. 



3.3 Virial Analysis 

The equation of motion for an inviscid gas in tensor notation reads: 

Dvi d 

P ^t=-d^ P + P9i (31) 

where D/Dt = d/dt + Vjd/dxj is the total derivative. Here v is velocity; p is pressure; 
p is density; and a = V$ where $ is the gravitational potential. From this Chan- 
drasekhar & Fermi ( 19531 ) derived the general virial theorem for a region contained 



within a surface S, in scalar form 

1 D 2 I 



2 Dt 2 

where 



2T + V + 3(7 -1)8 - J pr-dS, (3.2) 



v = _i G r pMp^I dxdx , (3 3) 

2 Jv x — x' 
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T = | / pv 2 <ix, I = J px 2 c?x, and £ = J e cfx denote the gravitational potential 
energy, the trace of the kinetic energy and inertia tensor, and the total internal 
thermal energy, respectively. The surface term E s (the last term in eq. [3.2j ) is often 
negligible in the outer regions of the halo. The system is not necessarily in virial 
equilibrium if / = 0, but the time-averaged quantity is zero when the entire system 
is in virial equilibrium. A system is expanding or contracting when I i s posit ive or 
negative, respectively, based on energy arguments. iBallesteros-Pareded ( 120061 ) gives 
counterexamples to this simple interpretation. However, in the cases presented here, 
spherically averaged radial velocities are always negative. 

We define the halo as the material contained in a sphere with a radius r 20 o enclosing 
an average DM overdensity of 200 and as such relates to mass by 



r 200 



GM 



100ft 



CDM 



z)H*(z) 



1/3 



(3.4) 



where M is the mass of the halo, ftcDM(-z) is evaluated at a redshift z, and H is the 
Hubble parameter at z. The region where the cooling time is shorter than a Hubble 
time is denoted as the cooling radius r coo i, 



''cool 



Vcool) = H(z 



-1 



(3.5) 



(IWhite fc Frenki . Il99ll ). Mass and radius define a circular velocity and virial temper 
ature, which are 



Vr 



IGM 

r 200 



and T v i r 



2k 



(3.6) 



for a singular isothermal sphere (see iBryan fc Normanl . Il998l . with (3 = 1 and A c 
= 200). 0.59 and 1.22 in units of the proton mass are appropriate values for \x for 
the fully ionized and completely neutral states of a primordial hydrogen and helium 
mixture of gas, respe ctively We use \i = 1.22 throughout this paper. We note that 
Iliev fc Shapiro! (120011 ) considered non-singular, truncated isothermal spheres, and the 
resulting virial temperature is ~15% lower than the one calculated in equation (13. 6jh 
For 7 = 5/3, T W - 1T is the temperature at which an ideal adiabatic gas reaches virial 
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equilibrium with the specified potential. Please note that for an isothermal gas where 
7 is close to unity virial equilibrium is established between the turbulent energies and 
the gravitational potential as the 3(7 — 1)8 term in equation (13. 2p goes to zero. 



3.3.1 Local Analysis 

We evaluate the terms of equation (13. 2p with respect to radius (i.e. the volume 
contained in a radius r). Figure [3TT1 illustrates the radial structure of (a) the turbulent 
Mach number, 

A A V rms HkT 

Mturb = ; c s = 4/ (3.7) 

C s V V m h 

(b) turbulent and (c) thermal energies per nth, and (d) a "virialization" parametejf) 

P.) 

of the adiabatic and radiative cooling simulations when the cooling halo collapses. 
Here v rms is the three-dimensional rms velocity and is assessed using the gas velocities 



relative to the mean gas velocity of each spherical shell. In the top row of Figure 13. 1[ 
we also plot the Mach number, using v rms with respect to the mean velocity of the 
gas within r 2 oo- In the six and nine species simulation, this occurs at z Cj H2 = 18.7 
(23.4) and z Cj L ya = 15.9 (16.8), respectively. The radial profiles are centered on the 
densest point in the simulation with the collapsing halo. Several properties of the 
most massive halo in each simulation are detailed in Table 13.21 The sections of the 
Table compare the halo in the adiabatic, Lya, and H 2 simulations. 

Figure 13.21 shows the mass-weighted radial profiles of gas mass enclosed and gas 
density at z = z c ^ ya in the adiabatic and cooling cases. Both realizations are remark- 
ably similar. Halos in the adiabatic case have a central core with a radius ~50 pc 
and gas density of ~5.0 (3.5) cm -3 . Core densities in simulation A are slightly higher 
than simulation B, which has larger thermal and turbulent pressures (see Figure l3~Tj) . 



This is a modified version of the (3 used in IShaw et all lj20f)tf ) to account for kinetic energies and 



so that it does not diverge when V — > in the center. It still has the same behavior of (3 — ► as 
/-> 0. 
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Fie. 3.1 . — A comparison of (top to bottom) turbulent Mach numbers, turbulent and thermal 
energies, and virial parameters between simulations with radiative cooling (dashed) and adiabatic 
models (solid). The main coolant is listed at the top of each column. The first and second columns 
display the state of these variables at z = z Ci H2 = 18.7 (23.1) for Simulation A and B, respectively. 
The third and fourth columns are the data at z = z C! Lya = 15.9 (16.8). The top row depicts the 
importance of radiative cooling in generating trans- and super-sonic turbulence throughout the halo 
during virialization. The middle two rows show that when radiative cooling is efficient the halo 
cannot virialize through heating but must virialize by increasing its kinetic (turbulent) energies. 
The dotted line in the third row marks T v i r (eq. |3.6j ) with /i = 1.22, estimated from the total halo 
mass. We plot the virialization parameter (3 (eq. |3.8| ) to investigate the local virial equilibrium 
({3 = 0), particularly at ^200- Furthermore, [3 allows us to determine the mass-averaged dynamics 
of the system at a given radius, where (3 > and < correspond to decelerating and accelerating 
collapses, respectively. r 2 no (eq. |3.4| ) is marked on the bottom of each column. 
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Radius [pc] 



Fig. 3.2. — Mass-weighted radial profiles for gas mass enclosed (top) and number 
density (bottom) for Simulations A (solid black) and B (dashed red) at z = z c ^ ya = 
15.9 (16.8). The light and heavy lines represent data for adiabatic and cooling models, 
respectively. The virial shock in the cooling halos occurs at |r 2 oo, illustrated by the 
density increasing at smaller radii. 
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Name 


z coll 


M tot 


Pc 


1 vir 


T c 


(T) 






[M ] 


[cm -3 ] 


[K] 


[K] 


[K] 


H2 Induced Collapse 


AO 


18.74 


9.8 


x 10 6 


8.1 


9200 


10000 


5700 


A6 


18.74 


9.8 


x 10 6 


17 


9200 


7700 


5500 


A9 


18.74 


9.8 


x 10 6 


1.6 x 10 6 


9100 


590 


5000 


BO 


23.07 


6.2 


x 10 6 


13 


8300 


12000 


6000 


B6 


23.07 


6.2 


x 10 6 


15 


8300 


8900 


5600 


B9 


23.07 


6.7 


x 10 6 


3.0 x 10 6 


8700 


580 


4200 


Lja Induced Collapse 


AO 


15.87 


3.6 


x 10 7 


4.9 


19000 


17000 


12000 


A6 


15.87 


3.6 


x 10 7 


1.8 x 10 6 


19000 


8700 


7300 


BO 


16.80 


3.5 


x 10 7 


3.8 


19000 


31000 


11000 


B6 


16.80 


3.6 


x 10 7 


4.0 x 10 6 


20000 


9000 


7500 



Note. — Col. (1): Simulation name. Col. (2): Redshift of collapse through H2 or 
Lya cooling. Col. (3): Total mass. Col. (4): Central density. Col. (5): Virial 
temperature (i.e. eq. 13. 6j) . Col. (6): Central temperature. Col. (7): Mass-averaged 
temperature of the entire halo. 



b Virial temperatures are calculated with /1 — 1.22 in all cases. 
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With radiative cooling, gas infalls rapidly as it cools and undergoes a self-similar 
collapse with p oc r -12 / 5 . 



Virial Radius 

We define the virial radius r vir when (3 = and d(3/dr < 0. When we radially average 
the Lya halo, r vir = 419 (787) pc in the adiabatic simulations where the corresponding 
r 20 o value is 615 (576) pc. 

A well defined shock exists on the interface between voids and the halo. This 
material shock-heats to T v - n and virializes at a radius comparable to r2oo in the adi- 
abatic cases. When we include radiative cooling, this radius decreases everywhere 
around the halo- void virial shock and is low as r2no/2 . In contrast to the voids , the 



filamentary gas shock-heats at an even smaller radius. iDekel &: Birnboiml (120061 ) also 
studied the stability of cold inflows within a hot virialized medium and found similar 
results. Figures I3~2l and [331 illustrate these changes. At r 2 oo, densities in the adiabatic 
case begin to increase more rapidly than the cooling case as material accretes at the 
virial shock. No significant increase in dp/dr is seen in the cooling case, indicative of 
a self-similar collapse. 



Adiabatic Model 

We start with the discussion of the adiabatic model as it is the simplest case and later 
compare the calculations with radiative cooling to this model. Virialization should 
transfer potential energy to kinetic energy that dissipates in shocks to thermal energy, 
which is the implication of the dissipationless virial theorem. The solid lines in Figure 
13. II represent the energies in adiabatic models. The physics illustrated in this Figure 
are as follows: 

1. Thermal energy — The gas shock-heats to the virial temperature at the virial 
shock. Virial heating continues with decreasing radius as the surface term becomes 
significant in the interior. The resulting central temperature of the halo is 10000 
(12000) K, which is 1.2 (1.5) T va , at a redshift of z C; H2 when the H 2 model collapses. 
At the time (z = z CjLy a) of collapse caused by Lya cooling, the central temperature 
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is 17000 (31000) K, corresponding to 0.9 (1.6) T vir . 

2. Kinetic energy — It increases along with the thermal energy during virialization. 
The gas is generally turbulent, appearing as a velocity dispersion with a bulk radial 
inflow. At r 2 oo; the kinetic energy is equivalent to the thermal energy, T /£ ~ 1. This 
ratio steadily drops toward the center, where T /£ ~ 1/3. This decrease in kinetic 
energy is apparent in all the calculations except simulation B at z cLya , increasing by 
a factor of two in the center. 

3. Turbulent Mach number — At r 2 oo, the turbulent Mach number Aiturb is max- 
imal and varies from 1-3 in all adiabatic simulations. Aiturb decreases to subsonic 
values ~0.15 but never below in the interior. Note that Aiturb does not increase as 
the turbulent energy towards the center in simulation B because of the also growing 
sound speed there. 

4. Virialization parameter — Virial equilibrium is quantified by the virialization 
parameter (3, where the collapse is retarding or accelerating when it is negative or 
positive, respectively. At z C) H2 and z c ^ ya and in both simulations, (3 is within 20% of 
being virialized {(3 = 0). For comparison purposes, this corresponds to a halo having 
80% of the required velocity dispersion for virialization in the dissipationless case. 
At r v ; r , (3 is nearly zero which defines the virialized object. Within r v ; r , the values 
decrease to values around -0.1 but stays < 0. 



Characteristics of turbu 



ence in our adiabatic models are similar to ones found in 



galaxy cluster simulations (INorman fc Bryanl . Il999l ; iDolag et all 120051 ) . Both groups 



find that turbulence provides ~5-30% of the total pressure, i.e. T/(T + £), in the 
cluster cores. Our protogalactic h alos have ~25% o f the p ressure in the turbulent 



form. Also the galaxy clusters in INorman fc Bryanl (119991 ) have comparable Mach 



numbers of ~1.6 at r v ; r , ~0.5 at r v ; r /3, and ~0.3 in the core. These similarities suggest 
that virial turbulence is generated over a large range of mass scales. 

Lya Cooling Model 

Atz c,L y a, halos in calculations with the H+He cooling model start to rapidly collapse. 
The dashed lines in the third and fourth columns of Figure 13.11 illustrate the energies 
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of this model. 

1. Thermal energy — Compared to the adiabatic models, the gas can radiatively 
cool through Lya emission to T ~ 8000 K within r coo i ~ r vir . The entire halo is 
isothermal at this equilibrium temperature. Below this temperature, the cooling 
function of pristine gas drops by several orders of magnitude, and the gas can no 
longer cool efficiently The thermal energy is ~65% lower than the adiabatic case. 

2. Kinetic energy — In response to the lesser thermal energy, the system tends 
toward virial equilibrium by increasing kinetic (turbulent) energy. The gravitational 
potential and surface terms do not appreciably change with the inclusion of radiative 
cooling. Turbulent energy within r v ; r increases as much as a factor of 5 when compared 
to the adiabatic case. 

3. Turbulent Mach number — The changes in thermal and kinetic energies equate 
to a increase of M. tU rb by a factor of 2-3 to values up to 1.5. The turbulence is 
supersonic in all cases at the virial shock, but when we include radiative cooling, 
this trait emanates inward as the halo begins to rapidly cool. When the central core 
becomes gravitationally unstable, the entire halo is supersonically turbulent. 

4. Virialization parameter — The increased kinetic energies compensate for the 
loss in thermal energy and the halo remains in a similar virial state. This is apparent 
in the remarkably similar radial characteristics of /3 in the adiabatic and H+He models 
of simulation A. 

H 2 Cooling Model 

The collapses caused by H2 cooling at z = z Cj H2 have very similar dynamics as the 
halos described in the previous section. The dashed lines in the first and second 
columns of Figure 13.11 illustrate the energies of this model. 

1. Thermal energy — H 2 cooling is efficient down to 300 K, so gas can depose 
a much larger fraction of its thermal energy. Inside r coo i ~ 0.32 (0.19) r vir , thermal 
energies are only 5% of the values in the adiabatic models. 
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2. Kinetic energy — The turbulent energies must increase as in the Lya case, and 
they increase by 93% (44%) on average inside r cool . 

3. Turbulent Mach number — Similarly, Aifurb increases up to a factor of 10 to 
become supersonic at values up to 3 throughout the halo. They are somewhat larger 
than the Lya cases since H 2 can cool to significantly lower temperatures than the 
virial temperature. 

4. Virialization parameter — The virial equilibrium of the halos are also similar 
to the other models. f3 smoothly transitions from nearly equilibrium at r v i r to an 
increased radial infall with (3 = -0.2 at 70 pc. Then it increases to 0.4 inside 10 pc, 
which corresponds to the gas decelerating from the rapid infall as it encounters the 
central molecular cloud. 

Model Summary 

Baryons are close to virial equilibrium over three orders of magnitude in length scale 
by gaining both thermal and kinetic energies independent of cooling physics. Central 
temperatures of the adiabatic simulations are up to twice the nominal virial tempera- 
ture. Similar to galaxy cluster studies, turbulence in the adiabatic model contributes 
~25% to the energy budget with Mach numbers ~ 0.3 in the center. In cooling cases, 
atomic and molecular cooling inhibit virialization through heating, therefore the ob- 
ject must virialize by gaining kinetic energy up to five times the energy seen in the 
adiabatic models. This translates into the flow becoming supersonically turbulent 
with Mach numbers ranging from one to three. 

3.3.2 Variations in the Virial Shock 

Using the adiabatic invariant, K = T/n 2 ^ 3 , which we label "entropy", allows us to 
differentiate between gas accreting from voids and filaments. As a precaution, we 
note that K is not an invariant when 7 varies; however, this is not the case in our 
simulations in which we permit molecular hydrogen cooling. Here molecular frac- 
tions remain low, < 10 -3 , and 7 m 5/3 even in the densest regions. The top row 
of Figure 13.31 depicts the variance of K with respect to radius in two-dimensional 
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Radius [pc] 




Fig. 3.3. — Differences in entropy and density in a protogalactic halo at z = z c ^ Lya . 
Left to right: Simulations AO, A6, BO, B6. Top row: Mass-averaged radial scatter 
plots of the adiabatic invariant K = T/n 2 ^ 3 . Radiative cooling allows the gas to cool 
and collapse in the center that accounts for the decrease in Simulations A6 and B6. 
The material at r >, 100 pc and K < 10 3 3 K cm 2 corresponds to the cold flows inside 
filaments that illustrates that virialization occurs at different radii depending on its 
origin. Middle row: Two-dimensional slices of entropy. The circle denotes r2oo= 
615 pc and 576 pc for Simulation A and B, respectively. The virial shock exists at 
approximately r 2 oo in the adiabatic models; however it shrinks to ~2/3 of r2oo when 
we consider radiative cooling. Bottom row: Two-dimensional slices of number density 
of baryons. 
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histograms, where the intensity of each pixel represents the mass having the corre- 
sponding K and r. The middle and bottom rows display two-dimensional slices of 
K and density, respectively, through the densest point in the halo. The virialized 
gas from the voids has low density and does not significantly contribute to the mass 
averaged radial profiles. Figure 13.31 illustrates this gas at r ~ r 2 oo and K > 10 4 ' 5 K 
cm 2 . The gas in filaments has lower entropy than the rest of the halo at r > 150 
pc and K <, 10 33 K cm 2 . In equation (13.21) . the pressure in the surface term is the 
constant at a given radius. The accreting, denser, unshocked gas in filaments has 
lower temperatures than the more diffuse accreting gas. The gas remains cool until it 
shocks and mixes well inside r vir and as small as ~r vir /4 in the most massive filaments. 
Similar cha racteristics of cold accretion flows have been noted and discussed by Nagai 
& Kravtsov ( 2003aT ). Keres et al. (2005). and bekel fc Birnboim f 2006k 



Entropy in the exterior of the halo differ little between adiabatic and cooling runs 
outside of r cool . But as the gas falls within r coo i, it cools and condenses, which gives a 
lower entropy, and the r-K histograms and entropy slices display this clearly. Another 
significant difference in the cooling simulations is the contraction of the virial shock 
by a factor of 1/3 when compared to adiabatic runs. This is caused by the contraction 
of the cooling gas. Here the cold filaments penetrate to even smaller radii. This is 
also evident in the radial density profiles of Figure 13.21 



3.3.3 Virial Heating and Turbulence 



In order for a system to remain in virial equilibrium as it grows in mass, additional 
gravitational energy is balanced through two possible mechanisms: heating of the 
gas (S > 0) and increasing the kinetic energy of the gas (T > 0). We differentiate 
between two main cases of virialization by comparing the cooling time, t coo i = kT/nA, 
of the system to the heating time, tw, = T vi r /T v i r ~ |M vir /M vir i n the case of rapid 



mass accretion. iBirnboim fc Dekel 



(2003). 



Dekel fc Birnboim 



(2006 1. and Wang 



& Abel (120071 ) find that radiative cooling rates are greater than heating rates from 



virialization for halos with masses below 10 12 M a 



©■ 



1. Thermalization {t coo \ > thcat) — When no efficient radiative cooling mechanisms 
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(e.g. H 2 , Lya, He I) exist, the system virializes by injecting energy into heat £ and 
partly into kinetic energy T. In the process, the halo becomes pressure supported and 
virialized. Traditional galaxy formation scenarios only consider this thermalization 
while neglecting the kinetic energy term of equation (13.21) . However it is important 
to regard kinetic energy, even in adiabatic models, as the gas violently relaxes. Tur- 
bulence velocities are similar to the velocity dispersion of the system and contributes 
notably to the overall energy budget as seen in adiabatic cases in Figure 13.11 

2. Turbulence generation (t coo i < ^heat) — When a cooling mechanism becomes 
efficient, the system now dispenses its thermal energy and loses pressure support 
within r coo i. The gas will cool to a minimum equilibrium temperature. As the cooling 
halo collapses and radial velocities increase, the gas still lacks enough kinetic and 
thermal energy to match the gravitational energy and surface term in equation (13. 2p . 
The gas becomes more turbulent in order to virialize. We see this in the second row 
of Figure I3.1[ where turbulent energies are significantly increased well inside the halo 
in the cooling models as compared to the adiabatic calculations. 

Through virial analyses, we have shown that turbulent energies are comparable, 
if not dominant, to thermal energies in galaxy formation. In the next Section, we 
further investigate the significance and nature of the turbulence through velocity 
distributions and decompositions in order to study any small-scale anisotropies in the 
internal flows. 



3.4 Velocity Distributions 



In CDM cosmogony, collisionl ess dark mat t er do minates the gravitational potential 
and oscillates as it stabilizes. 



Lynden-Bell 



(119671 ) showed how a collisionless system 



undergoes violent relaxation if embedded within a rapidly time- varying potential. In- 
dividual mass elements do not conserve energy during violent relaxation, only the 
entire system conserves energy. This behavior randomizes the energies of the mass 
elements, and statistical mechanics makes the resulting energy (velocity) distribution 
to tend to Maxwellian. Furthermore, the system "forgets" its original configuration 
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during virialization or the incorporation of a lesser halo. Later studies have inferred 
two baryonic scenarios of virialization. First, violent rela xation and the accompany 



ing phase mixing also appli es to the gaseous component (Ivan den Bosch et al. 



2002 



Sharma & Steinmetz 



20051 ). In the other case, the gaseous component dissipates all 



turbulent motions and finally rigidly r otates as a solid body with a vel o city a ppropri- 



2003( 1. 



ate to the overall spin parameter fe.g. lLoeb &: Rasiol. 
& Loeb, 



1994 



Mo et al. 



1998; Bromm 



Figure 13.41 shows the velocity distributions of the dark matter and baryonic com- 
ponents of the halo at z Cj H2 in the left column and z Cj L ya in the right column. It also 
overplots the simulations with adiabatic and radiative cooling. We plot the radial 
and tangential velocity distribution on the top and bottom rows, respectively. The 
velocities are taken with respect to the bulk velocity of the halo. We also transform 
the velocity components to align the z-axis and total angular momentum vector of 
the DM halo. 

The radial velocity distributions at z = z Cj H2 are approximately Maxwellian in 
both dark matter and gas with a skew toward infall. The infall distributions are 
shifted by ~1 km s _1 in the cooling case when compared to adiabatic. However at z 
— z c,L y a, the effects of Lya cooling become more prevalent in the halo when compared 
to H 2 cooling, shifting the radial velocity distribution by ~5 km s _1 that is caused by 
faster infall. These distributions have two components that represent virialized gas 
and infalling gas in filaments. We further discuss this in the next Section. 

The tangential velocity distributions are nearly Maxwellian in all cases except for 
the dark matter in simulation A at z = z C) L ya (right panels in Figure 13.4a ). This 
deviation from Maxwellian arises from two major mergers that occur between 25 and 
85 Myr (z = 17-21) before the final collapse. The residual substructure from the 
major merger causes three distinct populations with Gaussian distributions centered 
at -0.2, +13.6, and -6.7 km s -1 with a = 11.6, 4.2 and 3.6 km s -1 , respectively. These 
distributions clearly do not resemble a solid body rotator, whose velocity distribution 
would contain all positive velocities. In other words the turbulent velocities exceed 
the typical rotational speeds. 

Distributions in dark matter are broader than the gas in both simulations and 
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Fig. 3.4. — (a) Simulation A. (b) Simulation B. Radial (top) and tangential (bottom) 
velocity distributions of the most massive halo at z = z c> H2 (left) and z = z Ci L ya (right). 
The heavy, blue lines are the distributions of the adiabatic models, and the light, 
black lines are from the radiative cooling models. Solid and dotted lines correspond 
to the velocity distributions of DM and baryons, respectively. These distributions can 
be decomposed into single or multiple Gaussians, depending on substructure. This 
demonstrates that violent relaxation occurs for the baryons as well as the DM. The 
narrower distributions of the baryons is due to the dissipation in shocks. 
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collapse redshifts as expected because for the gas we only give the bul k velocities 
and do n ot add the microscopic dispersion fcf. Ivan den Bosch et all boo j: Sharma & 



Steinmetz,|2005|). 



3.4.1 Halo and Filament Contrasts 



The dark matter velocity distributions are typical of a virialized system with the ma- 
jority of the matt er having a Maxwellian distr i bution with a dispersion corresponding 
to th e main halo (jBoylan-Kolchin fc Mai . 12004 ; iDieman et all I2004J ; iKazantzidis et al. , 
20041 ). Substructure appears as smaller, superposed Gaussians, which are stripped 
of its outer material as it orbits the parent halo. Dynamical friction acts on the 
substructure and decreases its pericenter over successive orbits, and the subhalo is 
gradually assimilated in the halo. 

The filaments penetrate deep into the halo and provide mostly radial infall inside 
r2oo- They do not experience a virial shock at r2oo, and this contrast is apparent in 
the radial velocity distributions. When we restrict our analysis scope to the filaments 
(i.e. r > 150 pc and K < 10 3 ' 3 K cm -2 ), the radial velocity distribution (Figure 
is skewed toward infall, centered at -15 km/s, which is approximately the circular 
velocity of the halo. The rest of the gas outside of this region in r — K space has 
already been virialized, shock heated, and roughly exhibits a Maxwellian distribution, 
centered at zero, with its associated substructures. Hence the mass in filaments 
dominate the radial velocity distributions at negative values in Figure 13.41 



3.4.2 Turbulence 

Radial inflows can create turbulence in the halo. Filaments provide an influx material 
with distinct angular momentum. This gas virializes in the presence of an already 
turbulent medium that has a relatively high specific angular momentum at r > r 2 oo/4. 
The Rayleigh inviscid instability criterion requires 

dj 2 

— — > for rotational stability, (3-9) 

dr 
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where j is the specific angular momentum. If this is not satisfied, the system will 
become unstable to turbulence. The onset of turbulence can be delayed if viscosity 
were large enough so that Reynolds numbers are below the order of 10 2 or 10 3 . How- 
ever there are many modes of instability if equation (I3.9P is not m et, and eve n a gas 



with low Reynolds number will eventually become fully turbulent ( IShul . I1992T ) . 

Velocity dispersions can characterize the general magnitude of a turbulent medium, 
but its local nature is better detailed by applying the Cauchy-Stokes decomposition, 

u' = u+-wxh + -(V-u)h + -p.h (3.10) 
2 3 2 

that decomposes the velocity field into bulk motion u, vorticity uj = V x u, expansion 
and contraction V • u, and a distortion T> without change in volume. Here the vector 
h describes the separation between gas parcels at position x and x', and u' is the 
velocity at x'. 

We relate Vu, which is plotted in Figure 1331 to a convergence timescale through 
the continuity equation, 

P + V(pu) = 0, (3.11) 
that can be rewritten in terms of the total derivative D/Dt as 

I^-V.u. ,3.12) 

Dp/Dt describes density changes along the fluid flow lines, and the 1/p factor converts 
this change into an inverse timescale on which local densities e-fold. We denote — (V- 
u) _1 as the "Lagrangian convergence timescale" (LCT). Converging flows (V-u < 0) 
are ubiquitous within the halo. On large scales, the smallest LCTs on the order of 
20 kyr exist at the virial shock, adjacent to both the filaments and voids. In the 
cooling models, these timescales are also small in turbulent shocks well within r2oo- 
Analogous to the dynamical time, typical shocked LCTs decrease toward the center 
as density increases. 

The local magnitude and nature of turbulence is further illustrated by the vorticity 
u, whose component perpendicular to the slice, u y , is shown in Figure [3T6l The local 



CHAPTER 3. BARYONIC VIRILIZATION 



82 




Fig. 3.5. — Two-dimensional slices of velocity divergence (V- v) at z = z c ^ ya for Simu- 
lations AO, A6, BO, and B6. The fields of view are 1.49 and 1.69 kpc for Simulations A 
and B, respectively. Shocks are clearly denoted by large, negative convergence values. 
In the adiabatic cases, these shocks mainly exist at large radii where the gas from 
the voids and filaments virializes. When we consider radiative cooling, supersonic 
turbulence increases the frequency of shock fronts in the interior of the halo. 
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Fig. 3.6. — Two-dimensional slices of the component perpendicular to the slice of 
vorticity (V x v) at z = z C L yQ , for Simulations AO, A6, BO, and B6. The fields of view 
are the same as in Figure 13.51 This quantity emphasizes the large- and small-scale 
turbulent eddies in the halo. 
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rotation period, 47r/|o;| is also helpful to quantify and visualize the nature of the flow. 
The vorticity equation reads 



where the source term is non-zero when the density and pressure gradients are not 
aligned, i.e. baroclinic vorticity generation. This occurs at and near shocks through- 
out the halo, regardless of radiative cooling. In the adiabatic models, vorticity exists 
even at modest but sufficient resolution in the large pressure-supported cores (see 
M.turb for r < 100 pc in Figure I3TT1) and generates a turbulent medium with J\A tur b = 
0.3. In the cooling models, this large-scale vorticity is still present but increases in 
the collapsing core. As shocks become abundant in the center, we do not see any 
dampening of kinetic energy. Perhaps this mechanism maintains turbulent motions 
during virialization, even in the presence of dissipative shocks. In Figure I3.6[ adja- 
cent, antiparallel fluid flows, i.e. a sign change in u y , are ubiquitous, which visually 
demonstrates that turbulence exists throughout the halo. The length scale of these 
eddies decrease with increasing density as with the LCTs. 

Hence we believe significant turbulence generated during virialization should be 
present in all cosmological halos. The cooling efficiency of the gas, the total halo 
mass, and partly the merger history determines the magnitude of turbulence. We 
discuss some implications of virial turbulence in the following section. 



We have investigated the virialization of early pre-galactic cosmological halos in this 
paper with a suite of AMR simulations with varying chemistry and cooling models 
and collapse epochs. When analyzing the local virial equilibrium of the halo, we do 
not assume that it is in equilibrium but explicitly calculate all of the relevant terms 
in the virial theorem. In both adiabatic and radiative cooling cases, we find that the 
kinetic (turbulent) energy is comparable, if not dominant, with the thermal energy. 
Turbulence appreciates as radiative cooling becomes efficient because thermal energy 




P 



(3.13) 



3.5 Discussion 
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alone cannot bring the system into virial equilibrium. In this case, the gas attempts 
to virialize by increasing and maintaining its kinetic energy. 

Besides violent relaxation, at least two other hydrodynamic processes will augment 
virial turbulence. The first occurs when radial inflow interacts with the virialized gas. 
Due to the Rayleigh criterion, the high angular momentum gas creates an instability 
when it is deposited by filaments at small radii. The second happens when minor and 
maj or mergers create Kelvin-Helmholtz inst abilities and drives additional turbulence 



(e.g. IKicker fc Sarazinl . I2UU1I ; ITakizawal . 120051 ) . Our results show that this turbulence is 
acting to achieve close to virial equilibrium at all stages during assembly and collapse. 

Virial turbulence may be most important in halos which can cool rapidly when 
compared to virial heating from mass accretion. Interestingly all halo masses below 
10 12 M ffi that can cool by Lyq emission satisfy th is condition (IBirnboim fc Dekell . 



2003 



Dekel fc Birnboim. 



2006 



Wang & Abell . 120071 ). 



Turbulence appears to mix angular momentum efficiently so that it redistributes 
to a radially increasing function, and thus only the lowest specific angular momentum 
material sinks to the center. This segregation allows a collapse to proceed if it were 
self-similar and basically non-rotating. Similar r esults have been r e porte d in cosmo- 
lo gical simulations of collapses of the first stars (lAbel et all |2000|. |2002|; Yoshida et 
al., 



2003, 



2006b 



O'Shea fc Norman 



20071 ). Here and in protogalactic collapses, the 



turbulent velocities become supersonic. One would expect even higher Mach numbers 
in larger potential wells that still have t coo i < tdyn- 

The inclusion of the surface term allows us to study the virial equilibrium in the 
halo's interior where the gravitational potential is not influential. Here our simulations 
show thermal and kinetic energies balancing the surface term and potential energy 
to achieve virial equilibrium. Before cooling is efficient, gas virially heats and its 
temperature can exceed the traditional virial temperature within r 2 oo/2 as seen in 
our adiabatic simulations. The consequences of this additional heating is substantial 
because halos can collapse and form stars before the virial temperature reaches the 
critical temperature, such as ~10,000K for Lya cooling. 

The timescale at which the center collapse occurs is crucial to the type of object 
that forms there. If the collapse occurs faster than a Kelvin-Helmholtz time for a 
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massive star (~ 300 kyr), a black hole might form from the lowest angular momentum 
gas. Conversely if the collapse is delayed by turbulent pressure, star formation could 
occur in the density enhancements created by turbulent shocks. The ensuing radiative 
feedback may create outflows and thus slow further infall and possibly prevent the 
formation of a central black hole. The nature of the first galaxies poses an important 
question in the high-redshift structure formation, and to address this problem we 
must consider their progenitors - the first stars. 



3.5.1 Pop III Feedback 



Numerical simulations have shown that the first, metal-free (Pop III) stars form in 
isola tion in its host halo. Thev are believed to have stellar masses ~100 ( Abel 



et al. 



2002 



Omukai fc Palla 



2003 



Tan fc McKee 



2004 



Yoshida et al. 



2006b )and 



prod uce ~10 50 photons s 1 that can ionize hydrogen and diss ociate H 9 (ISchaerer 



2002h 



. One-dimension al radiative hydrodynamical calculations (IWhalen et al. 



2004 



(Abel et al. 



Kitavama et all 120041) and rec ently three-dimensiona l radiative hydrodynamical AMR 



20071 ) and SPH (jYoshida et all 12006a! ) simulations found that pressure 



forces from the radiatively heated gas drive a ~30 km s _1 shock outwards and expels 
the majority of the gas in the host halo. Additionally the star ionizes the surrounding 
few kpc of the intergalactic medium (IGM). 

Pop III stellar feedback invalidates some of our assumptions in the calculations 
presented here, but the general aspect of kinetic energy being dominant should hold 
in the presence of these feedback processes. In a later paper, we will expand our 
simulations to inc l ude r adiative feedback from primordial stars (cf. 



Yoshida et al. 



2006a: I Abel et al. 



Barkat et al. 



19671 : 



2007 ) and the metal e nrichment from pa i r ins tability supernovae 



Bond et al. 



1984 



Heger k Wooslevl . I2002T ) of the IGM and 



subsequent star formation. 
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3.6 Summary 

We have investigated the process of virialization in pre-galactic gas clouds in two 
cosmology AMR realizations. Our virial analyses included the kinetic (turbulent) 
energies and surface pressures of the baryons in the system. The significance of each 
energy component of the gas varies with the effectiveness of the radiative cooling, 
which we quantify by performing each realization with adiabatic, hydrogen and he- 
lium, and H 2 cooling models. We highlight the following main results of this study 
as: 

1. Inside r cool , gas cannot virialize alone through heating but must gain kinetic 
energy. It is up to a factor of five greater than thermal energy throughout the proto- 
galactic halos. This manifests itself in a faster bulk inflow and supersonic turbulent 
motions. 

2. In the radiative cooling models, supersonic turbulence (M. = 1-3) leads to 
additional cooling within turbulent shocks. We expect turbulence in larger galaxies, 
up to 1O 12 M , to be even more supersonic. 

3. Baryonic velocity distributions are Maxwellian that shows violent relaxation 
occurs for gas as well as dark matter. Turbulent velocities exceed typical rotational 
speeds, and these halos are only poorly modeled as solid body rotators. 

4. Virial shocks between the void-halo interface occur between r2oo/2 and r2oo- 
Dense, cold flows in filaments do not shock-heat until well within r 2 oo and as small 
as r 200 /4. 

5. Turbulence generated during virialization mixes angular momentum so that it 
redistributes to a radially increasing function (the Rayleigh criterion). 

After the halo virializes, its central part will undergo turbulent collapse, such as 
in primordial star formation and galactic molecular clouds. These collapses should be 
ubiquitous in early structure formation as turbulence can be generated through viri- 
alization, merging, and angular momentum segregation. We conclude that turbulence 
plays a key role in virialization and galaxy formation. 



Chapter 4 



Central Gas Collapse of a Atomic 
Hydrogen Cooling Halo 

Classical and modern galaxy formation models involve the gravitational collapse of 
an initially homogeneous cosmological gaseous cloud. In the 1970's, evidence from 
theoretical and observational studies arose that galaxies were embedded in a dark 
halo that outweighed baryons by a factor of 10. The gas condensed until it was 
rotationally supported and formed a gaseous disk, where stars formed. We study this 
long-standing scenario with adaptive mesh refinement simulations that follows the 
evolution of the collapse of cosmological halo. We achieve a dynamical range of 10 15 
in length scale and 10 25 in density that permits the investigation of the collapse to 
stellar scales in a cosmological volume. 

These simulations are continuations of simulations with hydrogen and helium ra- 
diative cooling discussed in the previous chapter. We neglect primordial star forma- 
tion and feedback in these simulations, which we will later show to be an important 
factor in early galaxy formation. However, these simulations provide an excellent 
testbed for studying turbulent collapses, which are also applicable to current theories 
of star formation. 

This chapter is in preparation for publication in The Astrophysical Journal. It is 
co-authored by Matthew Turk, who modified the cosmological hydrodynamics code 
Enzo to accurately follow the collapse of such systems to dynamic ranges greater than 
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10 10 in length scale, and Tom Abel, who helped with the organization and clarity of 
this chapter and suggested some of the analysis techniques. 



4.1 Motivation & Previous Work 



Since the first investigations of galaxy interactions (IHolmbergi . Il94ll ) using light bulbs, 
the use of numerical simulations in galaxy formation has developed dramatically. 
Not only gravity but also hydrodynamics and cooling are standard ingredients in 
the sophisticated computer models studying galaxy formation and interactions. In 
hierarchical structure formation, dark matter (DM) halos merge to form larger halos 



1968 



White fe Rees 



while t he gas infalls i nto these potential wells ([Peebles &: Dicke 

1978 ). Iwhite &: Rees provided the basis for modern galaxy formation. In this picture, 
small galaxies form early and continuously merge into larger systems. 

A s more high re dshift gala xies were observed in th e followin g 10 years. White & 



Frenk (jl99ll ) expanded and refined the ideas in White & Rees to explain and model 
the observed characteristics in these galaxies. In their model, the halo accumulates 
mass until the gas cools faster than a Hubble time, t^, which usually occurs when 
atomic hydrogen line, specifically Lya, cooling is efficient. This happens when the 
halo has T V1I > 10 4 K, where the cooling function sharply rises by several orders of 
magnitude because the num ber of f r ee ele ctrons able to excite hydrogen greatly in- 
creases at this temperature (jSpitzerl . Il978l ). One can define a cooling radius, r coo i, in 
which the interior material is able to cool. Once the halo reaches this first milestone, 
r coo i increases through a dditional accretion and cooling. A rapid baryonic collapse 
ensues when t coo i < td yn (IRees fc Ostrikerl . 119771 ) . The material accelerates towards 
the center, and its density quickly increases. In the model discussed in White & 
Frenk, this collapse will halt once a gaseous disk forms stars. In the first scenario, 
angular momentum prevents the gas from collapsing further and becomes rotation- 
ally supported. Afterwards, this disk fragments and star formation follows. In the 
latter scenario, star formation does not necessarily develop in a disk component, but 
the energy released by stars during their lifetimes and associated supernovae (SNe) 
terminates the collapse. 
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These concei 


)1 

; 


:s have been applied also to the earb 


est ga 


laxies in the universe 


(Mo et aL 1998 


Oh & Haiman. 2002: 


3cgc 


man e 


t al. 


2006: 


Loc 


ato & Nat 


araian. 


2006). Many studies (e.g. 


Ostriker & Gnedin 




1996: 


Haiman et al.. 


1997: Cen. 


2003a: 


Somerville & Livio. 2003; 


Wise & Abe 


. 200E 


) demonstrated that OB-stars within 



protogalaxies at z > 6 produce the majority of photons required for reionization. 
These protogalaxies contain an ample gas reservoir for widespread star formation, 
and the accompanying radiation propagates into and ionizes the surrounding neutral 
intergalactic medium. Several high redshift starb urst galaxies ha v e bee n observed 
that support ubiquitous star formation at z > 6 (IStanwav et all 120031; Mobasher 
et al.. 



2005 



Bouwens fc Illingwortl 



hi. hood ). 



Additionally, super massi ve black holes 



(SMBH) more massiv e than 10 8 M Q are present at these redshifts (e.g. 



2001 



Fan et al. 



Becker et al. 



20021 ). Finally, a reionization signature at z ~ 10 (IPage et all 120061 ) 
further supports and constrains stellar and SMBH activity at high redshifts. 

Stars formed in these earliest galaxies are part of present day galaxies. Thus 



cons traints on protogalactic environments may be derived 



Tolstoy et al. 



2003 



2004 



Gnedin fc Kravtsovi . 



200 



6; 



rom local dwarf g alaxies 



Helmi et al. 



20061 ). The 



(e.g. 

distinction between SMBH formation and a starburst galaxy should depend on the 
initial ingredients (e.g. seed BHs, metallicity, merger histories) of the host halo, 
but the evolution of various initial states is debatable. It is essential to study the 
hydrodynamics of high redshift halo collapses because the initial luminous object that 
emerges will chemically and thermally alter its surroundings. For example, as the 
object emits ultraviolet radiation, the nearby gas heats and thus the characteristic 
Jeans mas s increases, which may inhibit the accretio n of new gas for future star 



formation ( Efstathiou 



1992 



Thoul k Weinberg! . Il999 ). 



The following work will attempt to clarify early galaxy formation b y focusing on 



Wise fc Abel 



T v \ r > 10 4 K halos and following their evolution in the early universe. 
( 12007al . hereafter Paper I) studied the virialization of protogalactic halos and the 
virial generation of supersonic turbulence. In this paper, we only address the gas 
dynamics of the continued, turbulent collapse of a halo and study the evolution and 
characteristics of the central object. In later studies, we will introduce the effects from 
star and SMBH formation and feedback and H 2 cooling. The progressive introduction 
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of new processes is essential to understand the relevance of each mechanism. We argue 
that our results are highly relevant for scenarios that envisage SMBH formation from 
gaseous collapses. 



Loeb & Rasio (119941 ) and iBromm &: Loebl (120031 ) conducted smoothed particle 
hydrodynamics (SPH) simulations that focused on the collapse of idealized, isolated 
protogalactic halos. The former group concluded that a central 1O 6 M SMBH must 
exist to stabili ze the thin gaseous disk that forms in their c alculat ions. Bromm & 
Loeb considered cases with and without H2 chemistry and a background UV radiation 
field. They observed the formation of a dense object with a mass M ~ 10 6 , or >, 10% 
of t he baryonic matter, in simulations with no or suppressed Ho formation. Spaans & 



Silk (120061 ) analytically studied the collapse of 10 4 K halos with an atomic equation of 
state. They find that ~0.1% of the baryonic mass r esults in a pre-galactic BH with a 
mass ~1O 5 M . Additionally, lLodato & Natarajanl (120061 ) also found that ~5% of the 
gas mass in M = 1O 7 M halos at z ~ 10 become unstable in a gaseous disc and form 
a SMBH. These calculations without metal cooling and stellar feedback are useful to 
explore the hydrodynamics of the collapse under simplified conditions. 

A runaway gaseous collapse requires angular momentum transport so material 
can inflow to small scales and form a central object. The stability of rotating gaseous 
objects have been subject of m uch interest over the la st four centuries and was thor- 



oughly detailed by the work of IChandrasekharl (11969 



hereafter EF 



and 19 70's. studies utilizing virial tensor techniques (EFE: 
Tassoul, 1969 



& Ostriker, 



1967 



Bardeen et al. 



Lebovitz 



). In the 1960's 



1967: Ostriker & 



Ostriker & B odcnh eimerl. 119731). variational techniques (Lynden-Bell 



19771 ). and N-body simulations (jOstriker fc Peebles 



19731 ) all focused on criteria in which a stellar or gaseous system becomes secularly 
or dynamically unstable. The first instability encountered is an m = 2 bar-like insta- 
bility, which is conducive for angular m omentum transport in order to form a dense, 
central object. iBegelman et al.l (120061 ) investigated the condit ions where a gaseous 



disc w ould become rotationally unstable to bar format ion (see 
1995al fbl). They adapt the "bars within bars" scenario ( Shlosman et al 



Christodoulou et al 



1989 



199 



0) 



which was originally formulated to drive SMBH accretion from a gaseous bar that 
forms in a stellar galactic bar, to the scenario of pre-galactic BH formation. Here a 
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cascade of bars form and transport angular momentum outwards, and the system can 
collapse to small scales to form a quasistar with runaway neutrino cooling, resulting 
in a central SMBH. In one of our realizations, a central bar-like instability forms, for 
which we reveal the causing mechanism. 

As briefly mentioned before, angular momentum plays a dominant role in halo 
contractions. The standard picture of galaxy formation inside this paradigm includes 
the follo wing; elements: tidal torques from cosmological neighbors create angular mo- 



mentum (IHovle , 



cooling (IMestel 



1949 



Peebles. 



19691 ); baryonic angular momentum is conserved while 



19631 ); both DM and baryonic com ponents of a virialized hal o have 



equivalent initial angular momentum distributions (jFall fc Efstathioul. 



halo is subject to turbulence from gravitat ional instabilities (lElmegreenl . Il993f) and 



Toomre . 



1964; 



1980). The 



Lin fe Pringld . Il987l ) as it 



angular momentum transport (see Paper I; 
collapses, and cosmological virialization (see Paper I). 

In §2 we describe our simulations and their cosmological context. In the following 
section, we detail the analytical models of rotational instabilities. Next in §4, we 
present our analysis of the halo collapse simulations. Here we investigate the struc- 
tural and hydrodynamical evolution, the initial halo collapse, rotational instabilities, 
and the importance of turbulence. In §5, we discuss its implications on the field of 
early galaxy formation. There we also examine the applicability and limitations of 
our results and desired improvements in our simulations. Finally we conclude in the 
last section. 



4.2 Simulation Techniques 

To investigate protogalactic (T vir > 10 4 K) halo collapses in the early universe, 



we utilize an Eulerian struct ure, adaptive mesh refin e ment 



hydrodynamical code, Enzc0 ( jBryan &; Norman 
Enzo sol yes the hydro dynamica 
method (IWoodward fc Colellal . 



1997 



19991 : 



(AMR), cosm o 



O'Shea et al 



ogical 



20041 ) 



equations using a second order accurate parabolic 



1984J : 



Bryan et al.l . Il994l ). while a Riemann solver 



ensures accurate shock capturing with minimal viscosity. Additionally Enzo uses 



1 See http://cosmos.ucsd.edu/enzo/ 
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a particle-mesh N-body method t o calculate the dynamics of the collisionless dark 
matter particles ( Couchman . 1 9 9 ll ) . Regions of the simulation grid are refined by two 
when one of the following conditions are met: (1) Baryon density is greater than 3 
times n 6 p o A^' {1+0) , (2) DM density is greater than 3 times tt C DMpoN l{1+<t>) , and (3) 
the local Jeans length is less than 16 cell widths. Here N = 2 is the refinement 
factor; I is the AMR refinement level; <fi = —0.3 causes more frequent refinement with 
increasing AMR levels, i.e. super-Lagrangian behavior; p = 3Hq/87tG is the critical 
density; and the Jeans length, Lj - 



'15kT/4:TipGfxmH, where H , k, T, p, p, and 
mil are the Hubble constant, Boltzmann constant, temperature, gas density, mean 
molecular weight in units of the proton mass, and hydrogen mass, respectively. The 
Jeans length refinement insures that we meet the Truelove cri terion, which require s 
the Jeans length to be resolved by at least 4 cells on each axis ( ITruelove et ajj , 119971 ). 
Runs with a refinement criterion of 4, 8, and 16 Jeans lengths have indistinguishable 
mass weighted radial profiles. 

We conduct the simulations within the concordance ACDM model with WMAP 1 
year parameters of h = 0.72, Q\ = 0.73, Qm = 0.27, flh = 0.024/i~ 2 , and a p rimordial 
scale invariant (n = 1) power spectrum with as = 0.9 (ISpergel et all 120031 ) . h is the 
Hubble parameter in units of 100 km s _1 Mpc -1 . Q\, Qm, and f2& are the fractions 
of critical energy density of vacuum energy, total matter, and baryons, respectively. 
Lastly ag is the rms of the density fluctuations inside a sphere of radius 8/i _1 Mpc. 

Using the WMAP1 par ameters versus the s ignificantly different WMAP third 
year parameters (WMAP3; ISpergel et all 120061 ) have no effect on the evolution of 
individual halos that are considered here. However these changes play an important 
role in statistical properties. For example, halos with mass 10 6 M Q at redshift 20 
correspond to 2.8cr peaks with the WMAP1 but are 3.5a peaks for WMAP3. The 
ratio also only changed from 6.03 to 5.70 in WMAP3. Also we have verified 
that there is nothing atypical about the mass accretion rate histories of the objects 
we study. 

The initial conditions of this simulation are well-established by the primordial 



temperature fluctuations in the cosmic m i crowave backgrounc 
nucleosynthesis (BBN) (IHu fc Dodelsonl . 120021 ; iBurles et al 



CMB ) and big bang 
200 ll . and references 
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therein) . 

Table 4.1: Simulation Parameters 



Name 


1 


Npart 






N ce « 




Ax 




[Mpc] 












[Ro] 


A 


1.0 


2.22 x 10 7 


44712 


1.23 


x 10 8 (498 3 ) 


41 


9.3 x 10~ 3 


B 


1.5 


1.26 x 10 7 


22179 


7.40 


x 10 7 (420 3 ) 


41 


1.4 x 10~ 2 



Note. - Col. (1): Simulation name. Col. (2): Number of dark matter parti- 
cles. Col. (3): Number of AMR grids. Col. (4): Maximum number of unique grid 
cells. Col. (5): Maximum level of refinement reached in the simulation. Col. (6): 
Resolution at the maximum refinement level. 



We perform two simulations in which we vary the box size to study different 
scenarios and epochs of halo collapse. In the first simulation, we setup a cosmological 
box with 1 comoving Mpc on a side (Simulation A), periodic boundary conditions, and 
a 128 3 top grid. The other simulation is similar but with a box side of 1.5 comoving 
Mpc (Simulation B). We provide a summary of the simulation parameters in Table 
14.11 These volumes are adequate to study halos of interest because the comoving 
number de nsity of >10 4 K halos at z = 10 is ~6 Mpc~ 3 acco rding to Press-Schechter 



formalism (IPress fc Schechter 



1974 



Sheth fc Tormen 



packa ge to calculate the initial conditions at z 



2001 



2002L We use the OOSMICS 
129 (119)0 ( 



flBertschingerl . 



1995 



It calculates the linearized evolution of matter fluctuations. We first run a 
dark matter simulation t o z = 10 and locate the DM halos using the HOP algorithm 
(jEisenstein fc Hutl . 119981 ). We identify the first dark matter halo in the simulation 
that has T v ; r > 10 4 K and generate three levels of refined, nested initial conditions 
with a refinement factor of two that are centered around the Lagrangian volume of 
the halo of interest. The nested grids that contain finer grids have 8 cells between 
its boundary and its child grid. The finest grid has an equivalent resolution of a 



^ To simplify the discussion, simulation A will always be quoted first with the value from simulation 
B in parentheses. 
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1024 3 unigrid and a side length of 250 (300) comoving kpc. This resolution results 
in a DM particle mass of 30 (101) M & and an initial gas resolution of 6.2 (21) M & . 
These simulations continue from the endpoints of Simulations A6 and B6 of Paper 
I. Table 14.21 lists the parameters of the most massive halo in each realization. We 
evolve the system until the central object has collapsed and reached our resolution 
limit. There are 1.23 x 10 8 (498 3 ) and 7.40 x 10 7 (420 3 ) unique cells in the final 
simulation output of the 1 and 1.5 Mpc simulation, respectively. The finest grid then 
has a refinement level of 41 and a spatial resolution of roughly 0.01 of a solar radius 
in both simulations. 



Table 4.2: Halos of interest 



1 


z 




M tot 


a 


Pc 




T c 


M BE 


Mpc] 






[M Q ] 




[cm" 


3 ] 


[K] 


[M Q ] 


1.0 


15i 


57 


3.47 x 10 7 


2.45 


5.84 x 


10 21 


8190 


4.74 x 10 5 


1.5 


16i 


10 


3.50 x 10 7 


2.59 


7.58 x 


10 21 


8270 


1.01 x 10 5 



Note. — The subscript "c" denotes central quantities. 

Note. — Col. (1): Box size of the simulation. Col. (2): Final redshift of simulation. 
Col. (3): Total halo mass. Col. (4): a of the total mass compared to matter 
fluctuations. Col. (5): Central halo density. Col. (6): Central gas temperature. Col. 
(7): Gravitationally unstable central mass. 



Enzo employs a non-equilibrium chemistry model f|Abel et al 

al. 



1997; Anninos et 

19971 ). and we consider six species in a primordial gas (H, H + , He, He + , He ++ , 



e _ ). Compton cooling and heating of free electron from the CMB and radiative losses 
from atomic cooling are computed in the optically thin limit. At high densities in the 
halo cores, the baryonic component dominates the material. However, the discrete 
sampling of the DM potential by particles can become inadequate, and artificial 
heating (cooling) of the baryons (DM) can occur. To combat this effect, we smooth 
the DM particles in cells with a width <0.24 (<0.36) comoving pc, which corresponds 
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to a refinement level of 15. 

4.3 Results 

In this section, we first describe how the halo collapses when it starts to cool through 
Lya line emission. Then we discuss the role of turbulence in the collapse. Lastly we 
describe the rotational properties and stability of the halo and central object. 

4.3.1 Halo Collapse 

At z = 21.1 in simulation A, the progenitor of the final halo (M vir = 4.96 x 1O 6 M ) 
starts to experience two major mergers, which continues until z = 17.2 when M vir = 
2.36 x 1O 7 M . We define M vir as the mass M 2 oo i n a sphere that encloses an average 
DM overdensity of 200. In simulation B, no major merger occurs before the cooling gas 
starts to collapse, but it accumulates mass by accretion and minor mergers. Mergers 
disrupt the relaxed state of the progenitor and create turbulence as these systems 
collide and combine. Additional turbulence arises during virialization, as discussed 
in Paper I. In the density slices of Figure 14.11 more small scale density fluctuations 
are present in simulation A. These fluctuations penetrate farther into the potential 
well in simulation A to scaled of 5 pc, compared to simulation B that contains nearly 
no fluctuations between 5 and 50 pc. The virial temperatures are now > 10 4 K, and 
therefore they can efficiently cool by atomic hydrogen transitions. The gas fulfills the 
critical condition for contraction, tdyn > ^cooi, and proceeds to continuously collapse 
in approximately a dynamical time. 

The halo collapses in two stages. We denote the beginning of the first stage when 
^dyn > ^cooi for the first time. The second stage begins when the central object becomes 
gravitationally unstable. 

1. Cooling stage — As mass infalls toward the center, the increased cooling rate, 

3 Note that all masses concerning the collapse are gas mass, not total mass. The central regions 
of r < 10 pc are baryon dominated so that M onCj gas sa M onCj to t- All length scales are in proper units 
unless otherwise noted. 



CHAPTER 4. CENTRAL GAS COLLAPSE 



97 




Fig. 4.1 . An overview of the final state of the collapsing protogalactic gas cloud. Slices of gas density in cm s 

are shown through the densest point in the halo. The first and three rows show Simulation A, and the second and 
fourth rows show Simulation B. The columns in the top two rows from left to right are slices with a field of view of 
10 kpc, 1 kpc, 100 pc, and 1 pc. For the bottom two rows, the fields of view are O.Olpc, 20AU, 0.2AU, and 4 Hq. 
Note that each color scale is logarithmic (values increases with black, blue, green, red, and yellow), spans 5 orders of 
magnitude, and is unique for every panel. At the 10 kpc scale, the filamentary large-scale structure is shown, and 
the protogalactic halo exists at the intersection of these filaments. In the next scale, we show the protogalactic gas 
cloud. At the 100 pc scale, a thick disk is seen in Simulation B. It is nearly edge-on in this view. In the inner 10 pc, 
the panels focus on the gravitationally unstable central mass that has a radius of 7.9 pc and 1.5pc for Simulation A 
and B, respectively. In Simulation B at 1 pc, a bar forms from a rotational secular instability that transports angular 
momentum outwards. Similar instabilities exist at radii of 0.2 pc, 90 AU, 0.7 AU, and 0.02 AU in Simulation B. 
Simulation A also undergoes a secular bar instability at smaller scales at radii of 140 AU and 0.02 AU but shows a 
more disorganized medium at larger scales. 
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Enclosed Gas Mass [M ] 



Fig. 4.2. — The ratio of the enclosed gas mass and Bonnor-Ebert mass (eq. 14. ip for 
the final output (black with circles) and selected previous times that are listed in the 
legend. Simulation A (left) and B (right). For values above the horizontal line at 
M enc /MBE = 1, the system is gravitationally unstable. 



which is oc nn e , catalyzes the collapse as atomic line transitions convert kinetic en- 
ergy to radiation. Here n and n e are the number density of baryons and electrons, 
respectively. The first stage starts 520 (36) kyr before the last output. The inner 100 
pc have a steady decrease in electron fraction that indicates atomic hydrogen cooling 
is now efficient in this region. However, only the gas within 1.5 (1.0) pc has 



> 



^cooi = 383 (100) kyr at this epoch. 

2. Gravitationally unstable stage — We observe the start of the se cond collapse 



stag e when the cen tral region becomes unstable to gravitational collapse. lEbertl (119551 ) 



and iBonnorl (119551 ) investigated the stability of an isothermal sphere with an external 
pressure P ext and discovered that the critical mass (BE mass hereafter) for gravita- 
tional collapse is 

M be = 1.18-^P-] /2 M q . (4.1) 
If we set P ext to the local pressure, then 

M BE ~ 20T 3/2 rT 1/ WM . (4.2) 
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Electron Fraction 




Fig. 4.3. — Slices of electron fraction (left) and temperature (right) of Simulation 
A (top) and B (bottom). The field of view is 1.5 kpc (left panels) and 200 pc (right 
panels). The color scale is logarithmic for electron fraction and linear for temperature. 
Electron fractions below 10~ 5 are shown in black. Supersonic turbulent shocks are 
ubiquitous throughout the halos. 



For both simulations, this stage occurs between 10 and 100 kyr before we end the 
simulation. We plot the ratio of the enclosed gas mass and BE mass in Figure 14.21 
for several epochs in the collapse. When the clump becomes gravitationally unstable, 
the central 3.3 x 10 5 (5.5 x 10 4 ) M Q in the central v be = 5.8 (0.9) pc exceeds the 
BE mass, and its tdyn = 520 (80) kyr. Thus our numerical results agree with these 
analytic expectations. 

We follow the evolution of the accretion and contraction until the simulation^ 
reaches a refinement level of 41 (41) that corresponds to a resolution of 0.01 (0.014) 
R . At this point, the central 4.7 x 10 5 (1.0 x 10 5 ) M & are gravitationally unstable 
and not rotationally supported. The central mass is nearly devoid of free electrons 
where the electron fraction, n e /n < 10~ 6 , and the temperature is ~ 8000 K. It has 
a radius of 7.9 (1.5) pc. The central number density is 5.8 (7.6) x 10 21 cm -3 . Two- 
dimensional slices of gas density in both simulations are displayed at various length 



4 We stop the simulation due to ensuing round-off errors from a lack of precision. We use 80-bit 
precision arithmetic for positions and time throughout the calculation. 
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Fig. 4.4. — Mass-weighted radial profiles at various times of (a) gas mass enclosed, (b) 
number density, (c) mass-weighted temperature, and (d) mass-weighted radial veloc- 
ity for simulation A (upper panels) and simulation B (lower panels). The quantities 
in the left and right panels are plotted with respect to radius and gas mass enclosed, 
respectively. In (b), the dashed line with crosses is the dark matter density in units 
of run cm -3 . In (d), the dashed line with crosses is the negative of the sound speed 
in the final output. The times in the legends correspond to time before the end of 
the simulation. 
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Fig. 4.5. — Same as Figure |4~41 for the inner parsec of Simulation A (upper panels) 
and Simulation B (lower panels). The maximum AMR level is listed next to the 
times in the legend. In Simulation B, the local minima in radial velocities at 2 x 10 4 , 
40, 0.3, and 0.01 M & occur as angular momentum is transported outwards in secular 
bar-like instabilities. 
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scales in Figure H~T1 Figure [4731 gives slices of electron fraction and temperature with 
fields of view of 1.5 kpc and 200 pc. 

Next we show the radial profiles of the final and preceding outputs in Figures 14.41 
and I4.5[ where we plot (a) enclosed gas mass, (b) number density, (c) mass-weighted 
temperature, and (d) mass-weighted radial velocity. Figure 14.41 focuses on length 
scales greater than 20 AU to r > r vir . The halo collapses in a self-similar manner 
with p(r) oc r -12 / 5 . We also overplot the DM density in units of hih cm -3 in the b 
panels. The DM density in simulation A does not flatten as in simulation B with 
Pdm oc r -4//3 and r _2//3 , respectively. In the c panels, ones sees that the entire system 
is isothermal within 10% of 8000 K. In the d panels, the sound speed in the final 
epoch is plotted, and one sees a clear shock at a mass scale when M enc first exceeded 
Mbe where v r > c s . Here v r is the radial velocity, and c s is the local sound speed. 

Figure 14.51 shows the data within 1 pc and later times. Here one sees the self- 
similar, isothermal collapse continues to stellar scales. However, the structure in 
the radial velocity in simulation B exhibits a striking behavior with four successive 
minima at mass scales 2 x 10 4 , 10 3 , 6, and 10 _3 M Q . We attribute this to rotational 
bar-like instabilities that we discuss later in the paper. 

If we consider v r constant from the last output, we can determine the infall times, 
which are shown in Figure H23 The infall time, t in = r/v r , of the shocked BE mass 
is 350 (50) kyr. 



4.3.2 Turbulence 



Kolmogorov (1194 ll ) described a theory of the basic behavior of incompressible tur- 
bulence where turbulence is driven on a large scale that forms eddies at that scale. 
Then these eddies interact to form smaller eddies and transfer some of their energy 
to the smaller scale. This cascade continues until the dissipation scale is reached, and 
energy is dissipated through viscosity. In supersonic turbulence, most of the turbulent 
energy is dissipated through shock waves, which removes the local nature of cascades 
found in incompressible turbulence. 
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Fig. 4.6. — Radial profiles of gas infall times. To approximate a collapse timescale, 
the quantities r/v r (solid) and M/ (dM/dt) (dashed) are calculated and plotted here. 



In Paper I, we found that turbulence is stirred during virialization. When radia- 
tive cooling is efficient, the gas cannot virialize by gaining thermal energy and must 
increase its kinetic energy in order to reach equilibrium, which it achieves by radial 
infall and turbulent motions. 

In addition to virial turbulence generation, mergers create turbulence. Here the 
largest driving scale will be approximately the scale of the merging objects, and 
the turbulent cascade starts from that length scale. A dditional driving may come 
from Kelvin- Helmholtz instabilities as the mergers occur (ITakizawal . 120051 ) . Takizawa 
considered mergers of galaxy clusters, however his work is still applicable to the 
formation of protogalactic halos since similar temperature contrasts also exist in this 
regime of mergers. As the lesser halo infalls into the massive halo, a bow shock 
and small-scale eddies from the Kelvin-Helmholtz instability form between the two 
interacting objects. At later times, a dense, cool core remains in the substructure of 
the lesser halo. As they grow, these instabilities destroy the baryonic substructure, 
and this gas mixes with the existing gas in the massive halo and becomes highly 
turbulent. 
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Enclosed Gas Mass [M , ] 



Fig. 4.7. — The turbulent Mach number, v rms /c s , for the final output (black with 
diamonds) and selected previous times that are listed in the legend. Simulation A 
(left) and B (right). 



To quantify aspects of this turbulence, we inspect the turbulent Mach number, 



, dP ~fkT 



M = —; c=^ = ^. (4.3) 
c s dp pm H 

Here P is pressure, v rms is the 3D velocity dispersion, and 7 is the adiabatic index 
that we set to 5/3. Radial profiles of M. are shown in Figure fl~Tl Before the core 
becomes gravitationally unstable, the turbulence is subsonic within the virial shock. 
After the core becomes gravitationally unstable, the turbulent Mach number rises to 
2-3. The collapse produces turbulence on a timescale that is faster than it can be 
dissipated. 

The initial turbulence may impact the nature of the central collapse. In simulation 
A, the core initially has M. ~ 1, and this results in a central object with 4.7 x 1O 5 M 
and a radius of 7.9 pc. Alternatively, the core in simulation B has Ai ~ 0.2, and the 
central object is about five times less massive and smaller, which corresponds to a 
free-fall time approximately five times shorter as well. 
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4.3.3 Spin Parameter Evolution 



During the hierarchical buildup of structure, tidal forces from neighboring structures 
impart angular mome ntum t o a halo, par t icular ly when its radius is maximal at 



the turn-around time ( Hoyle . 19491 ; Peebles! . 1969 ). However in recent years, several 



groups have recognized th at the mergers impart a c onsiderable fraction of angular 

~rl Il995l: Gardner 1 2001 ;_ Vitvitska 



mom entum to the system ( Steinmetz &: Bartelman 



et al.. 



2002 



Mailer et al. 



20021 ). Over many realizations of mergers, the net angular 



momentum change would be zero. In reality, an angular momentum residual remains 
after the last major merger occurs because there are too few events to cancel the 
randomization of halo spin. Although each halo has unique rotational properties, it 
is useful to define a dimensionless spin parameter 



A = 



\L\J\E 



GM 5 / 2 



(4.4) 



where G is the gravitational constant and L, E, and M are the angular momentum, 
ene rgy, and mass of the object, that measures the rigid body rotation of the halo f Pee- 
bles, Il97ll ). In Figure |4T%} we display the time evolution of A of the DM and baryons 



in our simulations and m ark the occurr ence of the major m e rger i n simulation A. 
Eisenstein fc Loebl (jl995bl ) (preceded by iBarnes fc Efstathioul . 119871 ) calculated that 
the mean spin parameter, (A) ~ 0.04, is weakly dependent on object mass and cosmo- 
logical model, and this value is also marked in Figure 14.81 Also A weakly depends on 
its merger history, where (A) increases in halos with the number of mergers. Most of 
the angular momentum is acquired from steady minor mergers and accretion because 
major mergers only happen rarely (usually only once per logarithmic mass interval). 
In 96% of mergers, t he majority of the internal spi n originates from the orbital energy 
of the infalling halo (IHetznecker fc Burkertl . 120061 ) . 

At z ~ 22 in simulation A, the spin parameter is large, A = 0.06, before the 
last major merger. Then the spin parameter increases by a factor of 3 during its 
major merger due to the system being far from dynamical equilibrium. The system 
becomes virialized after approximately a sound crossing time, and the spin parameter 
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Fig. 4.8. — Spin parameter, A = \L\^J\E\/GM 5 ^ 2 , evolution of the main halo in the 
simulation, (left) Simulation A. (right) Simulation B. The dashed and solid lines are 
the interpolated values for the DM and baryonic spin parameter. The squares and 
circles correspond to the actual measurements from the DM and gas data, respectively. 
The horizontal dashed line at A = 0.04 marks the mean cosmological spin parameter. 
In Simulation A, two major mergers, whose beginning and end are marked by arrows, 
causes the large increase at z w 21. The oscillations occur as the merging halos orbit 
each other until they virialize. 




stabilizes at A ~ 0.03 and proceeds to decrease with time until A = 0.022 at the time of 
collapse. The above evolution of A agrees with the findings of Hetznecker & Burkert. 
Simulation B describes a halo that does not undergo a recent major merger and its 
final A = 0.013. 

Both halos have less angular momentum than (A) when the cooling gas collapses. 
The probability distribution of A can be described with the log-normal function 



p(X)d\ 



1 



a A v27r 



cxp 



ln 2 (A/A c 
2a x 



dX 



Bullock et al. 



(4.5) 
200ll ). From 



where A = 0.042 ± 0.006 and a x = 0.5 ± 0.04 (e.g. 
the cumulative probability function resulting from equation (14. 5p . 11% (1.2%) of the 
cosm ological sample of halos ha ve larger spin parameters than the halos described 
here. lEisenstein fc Loebl (1l995aT ) demonstrated that halos with low spin parameters 
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are candidates for BH formation and quasar seeds. However they argue that the 
angular momentum needs to be at least an order of magnitude lower than the mean. 
Next we present further evidence that reveal that a gaseous collapse is possible with 
not too atypical spin parameters. 



In Simulation B, a thick disk with a radius of 50 pc and disk scale height of ~10 
pc forms that is pressure supported and only partially rotationally supported. This 
equates to a shape parameter / = 0.89 in Equation H7TTJ The circular velocities within 
this disk achieve only a third of Keplerian velocities. The lack of full rotational 
support and large scale height suggests that a central collapse occurs before any 
fragmentation in this large-scale disk. In contrast, we see a disorganized, turbulent 
medium and no large scale disk formation in Simulation A that corresponds to / = 
2/3, i.e. a sphere. 

4.3.5 Instability of Maclaurin Spheroids 

The dynamics of rotating systems is a classic topic in astrophysics (see EFE §§1-6). 
These self-gravitating systems are susceptible to two types of instability. Secular in- 
stability occurs when small dissipative forces, e.g. viscosity, amplify perturbations 
to become unstable in an otherwise stable inviscid configuration. Dynamical (also 
referred to as ordinary) instability results when some oscillatory mode exponentially 
grows with time, regardless of any dissipative forces. Here we concentrate on Maclau- 
rin spheroids relevant for a uniform body rotating with a fixed angular velocity. 
Maclaurin spheroids are a special case of Jacobi ellipsoids that are axisymmetric. 
The onset of the m = 2 bar-like instability in gaseous Maclaurin spheroids happens 
for a given eccentricity, 



4.3.4 Global Disk 




0.8127 (secular) 
0.9527 (dynamical) 



(4.6) 
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where a% and are the principle axes with a 3 < a x (EFE §33). Eccentricity is related 
to the ratio, t = T/\W\, of rotational kinetic energy to gravitational potential by 



t=i[(3e^-2)-3(e- 2 -l) 1 / 2 ( 



sm 



(4.7) 



and the se cular and dynamica l insta bilities correspond to t = (0.1375,0.27), respec- 
tively (e.g. 



Qstriker fc Peebles 



1973|). 



When t is larger than 0.1375 but smaller than 0.27, both the Maclaurin spheroid 
and Jacobi ellipsoid are perfectly stable against small perturbations in the non- viscous 
case. For a given e, the Jacobi configuration has a lower total energy than its Maclau- 
rin counterpart and is therefore a preferred state. Here any dissipative force induces 
a secular bar-like instability. The system slowly and monotonically deforms through 
a series of Riemann S-typ e ellipsoids until its final s tate of a Jacobi ellipsoid with an 
equal angular momentum (IPress fc Teukolskyl . Il973l ) and lower angular velocity (EFE 
§32) as specific angular momentum is transported outward. The instability grows on 
an e-folding timescale 

r = fa*/ v, (4.8) 

where is a constant of proportionality that asymptotes at t = 0.1375, decays to zero 
at t = 0.27, and is plotted in Figure 14.91 (EFE §37). Here v is the kinematic viscosity. 



Christodoulou et al. (ll995al Jbl) generalized the formulations for bar-like instabilities 
to account for self-gravity. In addition, they consider different geometries, differen- 
tial rotation, and non-uniform density distributions. They devised a new stability 
criterion 



a 



T/\W\ 
tt/tlj 



If 


T 




W\ 



(4.9) 



where Q is the rotation frequency, 



2nGp 



3 2U/2 



1-e 2 



sm 



e — 



(4.10) 
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t = T/|W| 



Fig. 4.9. — Secular instability e-folding timescale in units of ayu as a function of 
t = T/\W\ and a = (tf/2) 1 / 2 (eq. KB- At t < 0.1375, the system is stable to all 
perturbations. Above 0.27, the system is dynamically unstable, and this timescale is 
not applicable. 



is the Jeans frequency in the radial direction for a Maclaurin spheroid, and 



/ 



1 - 



sin 1 e 



vT 



(4.11) 



accounts for differing geometrieqj with / = 2/3 for a sphere and / = 1 for a disk. 
Secular and dynamical instabilities for Maclaurin spheroids occur above a = (0.228, 
0.341), respectively. 

From N-body simulations of disk galaxies, lOstriker &: Peebles! ( 119731 ) found that 
a massive dark halo with comparable mass to the disk could suppress secular in- 
stabilities. In the case of a gaseous collapse into a SMBH, the baryonic component 
dominates over the dark matter component in the central 10 pc. Secular instabilities 
cannot be prevented through this process, which we demonstrate next. 



5 See lChristodoulou et all (|l995bl ) for more generalized geometries. 
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Fig. 4.10. — Rotational instability parameter a = y fT/2\W\ for the thick disk with 
r ~ 50 pc in simulations A (black solid line) and B (red dashed line). For a > 0.22 
denoted by the horizontal line, a secular instability occurs in the disk and leads to 
bar formation. In simulation A, instabilities occur at mass scales of 100, 0.1, and 
1O" 4 M . In simulation B, the same happens at 2 x 10 6 , 2 x 10 4 , 10 3 , 6, and 1O- 3 M . 
We also mark a = 0.341 where a rotating system becomes dynamically unstable. 
Only simulation A at 0.1 M experiences a dynamical instability. 



4.3.6 Rotational Instabilities 

In the I = 1 pc panel of Simulation B in Figure H~Tl it is apparent a bar-like instability 
exists in the gravitationally unstable central object. Figure [4. 101 shows the instability 
criterion a (eq. I4.9P against enclosed gas mass. Here we transform the velocities to 
align the z-axis with the baryonic angular momentum vector of the entire halo. We 
use the tangential velocities to calculate the rotational kinetic energy T. 

As discussed before, Maclaurin spheroids are subject to secular m = 2 bar-like 
instabilities when a > 0.228. In simulation A, the central object becomes unstable 
three approximate mass scales, 100, 0.1, and 1O 4 M . The instability at 0.1 M is 
dynamically unstable with a peaking at 0.55. In simulation B, instabilities occur at 
2 x 10 6 , 2 x 10 4 , 10 3 , 6, and 5 x 1O" 4 M . 

It is interesting to note that the innermost instability in both simulations becomes 
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dynamical (a > 0.341), and a continues to increase rapidly toward the center. How- 
ever these features should be taken with caution since it occurs near our resolution 
limit, where the particular location used as the center will influence the rotational 
energy one would calculate. 

The e-folding time of secular instabilities r is proportional to a\ (see eq. 14. 8p . 
Hence small-scale instabilities collapses on a faster timescale than its parent, large- 
scale bar instability. Viscosity, turbulent viscosity in this case, is the main dissipative 
force that drives the instability, r is inversely proportional to the viscosity. Therefore 
in the data presented, this further shortens the r because supersonic turbulence is 
maintained to the smallest scales. We also note that the radial velocity (see Figure 
14. 5p increases after it becomes comparable to the sound speed. 

4.3.7 Rotational Properties 

During the collapse of the gas in our simulations, rotational support never impedes the 
collapse. In Figures 14.111 and 14. 12^ we show (a) coherent rotational velocity divided 
by Keplerian velocity Vk ep , (b) rotational velocity, (c) specific angular momentum, 
and (d) rotational velocity divided by the sound speed. We note that the rotational 
velocity L/r plotted here is different than organized rotation, i.e. a disk. The radial 
profiles only sample gas in radial shells, where the angular momentum vectors are 
not necessarily parallel. 

1. Simulation A — At r > 1 AU (M enc = 1M Q ), the typical rotational speed is 
two or three times lower than the Kepler velocity, which is required for rotational 
support. At this radius, the infall becomes marginally rotationally supported, i.e. 
L/r ~ Vkep, around 0.1 AU (M enc = O.O7M ) in Figure I4~T2"1 The radial velocities 
react by slowing from 15 km s _1 to around zero. At late times, the rotational support 
is steady at 0.1 AU, however the rotational velocities vary significantly over time to 
the interior. 

2. Simulation B — As discussed in Section 14.3.61 the collapse object experiences 
rotational bar instabilities. After an instability occurs, the radial velocities increase 
due to angular momentum transport. Then this material begins to gain rotational 
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Gas Mas Enclosed [M ] Gas Mass Enclosed [M sun ] 




Fig. 4.11. — Mass-weighted radial profiles of various rotational quantities in sim- 
ulation A (left panels) and simulation B (right panels). In panel A, we show the 
rotational velocity compared to the Kepler velocity = ^jGM/r. In panel B, we dis- 
play the specific angular momentum (in units of [km/s] pc). In panels C and D, the 
typical rotational velocity and the ratio of the rotational velocity and sound speed 
are shown, respectively. The line styles correspond to the same times in Figure 14.41 
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Gas Mas Enclosed [M ] Gas Mass Enclosed [M l 



Fig. 4.12. — The same as Figure E. Ill but with the inner parsec of simulation A and 
B and the output times as listed in Figure 14.51 
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velocities caused by conservation of angular momentum. However this causes another 
instance of a bar instability to occur. The increased infall velocity and associated 
decrease in rotational velocities (i.e. the dips in Figures 14. 5fl and 14.121 1) depict this 
behavior. At the final output, the infalling material exhibits no rotational support 
similar to Simulation A at r > 1 AU. At the outputs that are 27 and 4.5 days before 
the final output, there is a hint of rotational support at r < 1.7R & (M enc = 0.33 
Jupiter masses), but this decays in the two later outputs. 

We interpret the inner points where L/r/VKepier fluctuations greatly or increases 
above unity with caution due to the nature of choosing a center in a turbulent medium. 
If the central sphere is smaller than a radius where the turbulent velocities average 
to zero, we introduce errors into the angular momentum profiles by sampling the 
turbulent gas incompletely. Thus we do not conclude that the inner regions are 
rotationally supported. 

In the 6-panels of Figure 14.111 one sees that specific angular momentum inside 
M e nc < 1O 6 M decreases over time and is transported outwards in the collapse. As 
discussed in Section 14.3.21 and shown in Figure 14.71 supersonic turbulence typically 
exists at all radii. Additionally, the rotational speed never exceeds the local sound 
speed, and we interpret this as further evidence for the efficient angular momentum 
transport. In a turbulent medium, transport is different than in a disk. At any 
radius, both high and low angular momentum gas exists, whereas in a Kepl erian disk 
all gas have equal amounts of angular momentum. Rayleigh's criterion (jRayleighl . 



1920 



Chandrasekhar . 



196ll ) states that specific angular momentum in a system must 



be a monotonically increasing function with radius. If this does not hold, the lower 
angular momentum gas at large radii will preferentially sink to smaller radii and vice 
versa that is similar to Couette flow. As this occurs, the system becomes unstable 
to turbulence. The onset of turbulence can be delayed if viscosity is large enough so 
that Reynolds numbers are below the order of 10 2 or 10 3 . However there are many 
modes of instability if Rayleigh's criterion is n ot met, and a gas with low Reynolds 
number will eventually become fully turbulent (jShul . Il992l ). 

With a typical spin parameter, the thick disk with r ~ 50 pc is not rotationally 
supported. In simulation A, a global disk does not exist at all. We attribute this 
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behavior to the nature of angular momentum transport in a turbulent medium. Even 
with a higher spin parameter, we do not expect a disk to fragment before the central 
collapse due to the intrinsic amount of low angular momentum gas and shorter dy- 
namical timescales in the center. This gas can collapse to such small radii without 
fragmentation so that a central mass of ~ 10 5 M Q or 2% of the halo gas mass forms. 
After the initial collapse, the thick disk may become rotationally supported as more 
higher angular momentum gas infalls. 



4.4 Discussion 

In our cosmological simulations, we find that a ~10 5 M Q dense object forms in the 
center of a metal-free protogalactic halo that supports atomic hydrogen cooling. Al- 
though we have neglected some important processes, such as H 2 chemistry, star and 
BH formation and feedback, our results show that rotational support cannot prevent 
matter from collapsing to a dense, massive object with r < 5 pc. Before the central 
collaps e, there is no gl obal, rotationally supported disk formation on the order of 50 
pc (cf. Mo et al. . 19981 ). However this does not preclude this type of disk formation, 



but the initial collapse into a central object must precede it. Disk formation and its 
associated star formation may also be dependent on the feedback and outcome of the 
central object. This additional stage of galaxy formation should be included in the 
most frequently employed models, where the earliest star formation occurs in high 
redshift disk galaxies. 

4.4.1 Secular Instabilities 



Our calculations show that the "bars within bars" cascade (jShlosman et al 



1989 



1990 ) occurs for gaseo us systems due to a secular instead of dynamical instability (cf. 



Begelman et al.l . l2006l ). For a given morphology, this allows bar-like structures to form 
in sy stems having T/IWI values 45% smaller than the ones calcula ted in Begelman 
et al.. We also find that rotational instabilities are possible without a global disk as 
in simulation A. 
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Our results should be applicable to any turbulent gaseous collapse, in particular 
galactic molecular clouds. Imagine the following scenario of an initially turbulent, 
slowly rotating, and uniform sphere beginning to collapse. In a turbulent medium, 
the gas with low specific angular momentum preferentially falls toward the center, 
leaving the high specific angular momentum at the outskirts of the cloud. This is 
seen in our specific angular momentum profiles of turbulent collapses falso see Abel 
et al., 



2002 



Yoshida et al. 



2006b! ) . Material with similar angular momentum now 



obtains some organized rotational velocity. Some shells become rotationally unstable 
to bar formation as it gains rotational velocity in its attempt to conserve angular 
momentum. In this example, the instabilities are secular and occur at T"/|VK| > 
0.14 because turbulent viscosity provides the dissipative force. Then these rotational 
bar-like instabilities transport high angular momentum outwards so that the gas 
with low specific angular momentum can flow to a smaller radius. Afterwards, the 
"bars within bars" scenario drives gas to even smaller radius, eventually forming 
a central object, whether it be a star or BH. Angular momentum segregation in a 
turbulent medium and during the bar instability cascade could alleviate "the angular 
momentum problem" of a gravitational collapse, in which a cloud must somehow shed 
several orders of magnitude of angular momentum in order to form a central star or, 
in this case, a pre-galactic SMBH. 

Nevertheless, we do not advocate our simulations as evidence of pre-galactic 
SMBH formation because we have neglected many important processes related to 
H 2 cooling and primordial star formation that we detail shortly afterwards. We ex- 
pect the stellar feedback from Pop III stars to alter the "initial conditions" of early 
galaxy for mation, as shown by recent radiation h ydrodynamical simulations of the 



first stars ( Yoshida et al. 



2006a 



Abel et al. 



2003). 



4.4.2 The Fate of the Central Object 

Although we study the idealized collapse of a protogalactic collapse, it is still possible 
to infer the fate of the central object. In our simulations, the merger history and 
the subsequent turbulence influence the nature of the collapse. In simulation A, a 
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major merger precedes the collapse, and the turbulence is significant throughout the 
halo before and during the collapse. In the final output, turbulence extends inward 
to t be an d may have caused the central object to be more massive and less dense. 
In simulation B, we find a less massive but more compact central object, which leads 
to a faster collapse. Since this halo did not experience a major merger before its 
collapse, the turbulence is smaller, and the medium is more homogeneous and has 
coherent rotational motions in the thick disk. 

These two different environments may result in different types of objects. If the 
crossing and dynamical timescales are greater than the Kelvin-Helmholtz timescale, 
£kh> f° r a massive star, star formation may commence and provide sufficient feed- 
back to prevent further collapse. Alternatively, the collapse could proceed faster than 
£kh and initially forms a BH. T o further study the central dynam i cs, it will be nec- 
essary to employ sink particles (IBate et al.l 



1995: 



Krumholz et al 



2004 ) in order to 



avoid the decreasing timescales of the collapsing object (s). 



4.4.3 The Role of Low Angular Momentum Gas 

To form a central dense object, a sufficient amount of gas needs to have low angular 
momentum to infall to small radii. The origin and transport of this gas are integral to 
our comprehension of protogalactic gas cloud collapses. According to Rayleigh's in- 
viscid stability criterion, angular momentum segregates such that the lowest angular 
momentum material piles up at the center of dark matter potential wells. We observe 
this behavior in the angular momentum distributions. The low angular momentum 
material may originate in lower mass progenitors. Here the gas resides in a shallower 
potential well that results in lower turbulent and random thermal velocities or equiv- 
alently an angular momentum distribution skewed to lower values. We argue that 
this effect is intimately linked to the gas acting to achieve virial equilibrium at all 
stages during the collapse (cf. Paper I). As this gas infalls, it gains rotational energy 
as it conserves angular momentum. It then experiences a secular bar instability as 
discussed in Section 14.3.61 that transports angular momentum outward so only the 
lowest angular momentum gas collapses toward the center. This picture is true also 
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in simulations of the very first stars (lAbel et all 120021 ). 

The angular momentum distribution also influences the manner in which the halo 
collapses. It should be noted that the angular momentum distribution, not the total 
angular momentum of a halo, dictates the nature of its collapse because gas parcels 
within the halo will segregate into different regions of the halo. In principle, the low 
angular momentum material sinks inward and forms the central structures. If an 
insufficient amount of low angular moment um matter exists in the halo, it cannot 
monolithically collapse and will form a disk (jFall fc Efstathioul . Il980l ) . 



4.4.4 Applicability 

Limitations of Current Approach 

Our results depict the importance of turbulence, accretion, and the hydrogen cooling 
in the initial collapse of these halos. However we are missing some essential processes, 
such as H2 chemistry, primordial and Population II stellar formation and feedback, 
SMBH formation and feedback, and metal transport and cooling. It was our intention 
to study only the hydrogen and helium cooling case first and gradually introduce 
other processes at a later time to investigate the magnitude and characteristics of 
their effects, which we will present in later papers. 

Gas becomes optically thick to Lya radiation above number densities of 10 7 cm -3 , 
but we continue to use optically thin cooling rates above this density. We overestimate 
the cooling within 0.1 pc. As a consequence, we do not suggest that these simulated 
objects ever form in nature. However this scenario poses an excellent problem of a 
turbulent collapse. This should be common in galaxy formation, where turbulence is 
generated during virialization, and star formation within turbulent molecular clouds. 



Desired Improvements 



Clearly local dwarf sp heroidals contain stars wi t h ages consistent w i th for mation 



at verv hig h redshifts (IFerrara &: Tolstovl. 



et al. 



2000 



Tolstoy et al 



2002 



2003^Helmi 



20061 ) . To develop a model that desires to fit galaxy luminosity functions 



down to the faintest observed galaxies one may need a star formation and feedback 
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model that follows molecular clouds as small as one thousand solar masses in order to 
allow for the dominant mode of star formation observed locally. It should be already 
technologically feasible with current cosmological hydrodynamical models to simulate 
these galaxies one star at a time. 

Correct initial conditions for early galaxy formation require prior star and BH 
formation and feedback. The typically adopted conditions for phenomenological star 
formation are velocity converg ence, a density that ex ceeds some critical value, td yn > 
t CO oi, and a low temperature ( Cen fc Ostrikerl . 1992 ). Phenomenological primordial 
star formation is possible if we include two additional conditions as utilized in Abel 



et al. (120071 ). First, the H 2 fraction must exceed 10 3 ( lAbel et all 120021 ). and second 
the metallicity of t he gas must not exc eed the "critical metallicit y" of 10 ~ 3 - 10~ 4 



of the solar valu e ( 



Bromm Loeb 



Bromm et al. 



2003 



2001 



Q'Shea et al 



From prior studies (e.g. 



Abel et al. 



2002 



20051 ). we expect these stars to form in halos 
that can support H 2 cooling and in relic H II regions. The Lyman- Werner radiation 
from massive star s can dissociate H? from large distances, s uppress star formation in 



lower mass halos ( Machacek et al. 



2001 



Wise fc Abel 



20051 ). and must be considered 



to accurately model future star formation. 

BH formation in the death of some primordial stars can also have a profound 
effect on surrounding structure formation as it accretes infalling matter during later 
mergers. Therefore it is necessary to include its effects from seed BHs from primor- 
dial stars with masses outside of the range between 140 and 260 solar masses. Also 
it is possible to phenomenologically model SMBH formation in a similar manner to 
the stellar case. If the protogalactic collapse occurs faster than the stellar formation 
timescale of a massive star, a SMBH may form inside this region. Using the stellar 
formatio n conditions plus this condition and allow ing the particle to accrete (i.e. sink 
particles; 



Bate et al. 



. 119951 



Krumholz et al. 



20041 ) . SMBH formation can be followed 



in cosmological hydrodynamic simulations. These sink particles should regulate the 
accretion with an appropriate subgrid model. Important processes i nclude an appro- 



priat e accretion rate (e.g. Eddington or Bondi-Hoyle) , turbulence ( IKrumholz et al 



20061 ). rotational support of the infalling gas, and a viscosity timescale for accretion 
disks. 
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F or small galaxies radiative transfer effects can have a great i mpac t (e.g. 



Haehnelt 



1995 



Whalen et al. 



2004 ; iKitayama et al. 



200- 



be neglected. The approach of iGnedin fc Abel! (120011 ). although promising, has not 



Alvarez et al. 



20061 ) and should not 



been implemented and coupled with an adaptive hydrodynamics code that is capable 



of high dynamic range ca 
tracing ( Abel fc Wandeltl . 



culat ions. However, the novel technique of adaptive ray 
2OO2I ) has recently been implemented into E nzo and used 



to st udy the outflows and ionizing radiation from a primordial star (lAbel et all 
20071 ). There ionization front instabilities create cometary small-scale structure and 
shadowing effects as a result from the explicit treatment of three-dime nsional radiative 
hydrodynamics. L a stly a s used in many stellar formation routines ( jCen fc Ostriker . 



1992 



Tassis et al. 



20031 ). we hope to include thermal and radiative feedback from 



Population II stars in future studies. 



4.5 Conclusions 

We have simulated the hydrodynamics and collapse of a protogalactic gas cloud in two 
cosmology AMR realizations. Our focus on the hydrodynamics presents a basis for 
future studies that consider stellar and BH feedback. In the idealized case presented, 
we find a central dense object forms on the order of 1O 5 M and r < 5 pc. This central 
object is not rotationally supported and does not form a disk in our simulations. 
However our results do not dismiss disk formation in protogalaxies, and rotationally 
supported disk formation may begin after the initial central collapse. Disk formation 
could also depend on the feedback and outcome of the central object. This initial 
central collapse adds another phase to the most frequently employed galaxy formation 
models, where star formation commences in a gaseous disk. 

These simulations highlight the relevance of secular bar-like instabilities in galaxy 
formation. Similar bar structures are witnessed in primordial star formation simu- 
lations. As low angular momentum infalls, it gains rotational energy as it conserves 
angular momentum. This induces an m = 2, bar-like instability that transports angu- 
lar momentum outwards, and the self-similar collapse can proceed without becoming 
rotationally supported and exhibits p oc r~ 12 / 5 . This process repeats itself as material 
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infalls to small scales that is indicative of the "bars within bars" scenario. We see 
three and five occurrences of embedded secular instabilities in the two realizations 
studied here. 

We also find that gas turbulence influences the collapse in two different mecha- 
nisms. First, supersonic turbulence provides a channel for the gas to preferentially 
segregate according to specific angular momentum. The low angular momentum ma- 
terial sinks to the center and provides the material necessary for a central collapse. 
Second, the degree of turbulence created from the previous mergers can delay the 
central collapse. The final characteristics of the central object depend on the balance 
of collapse and star formation timescales. Possible outcomes are BH formation, a 
starburst, or a combination of both. 

All of these cases are viable in the early universe, and the occurrence of these 
cases depends on the merger history, local abundances in the halo, and the existence 
of a seed BH. Moreover, star formation should occur whether a central BH exists or 
not. Perhaps the frequency of these different protogalactic outcomes may be traced 
with either 3D numerical simulations that consider star and SMBH formation and 
feedback along with metal transport or Monte Carlo merger trees that trace Pop III 
star formation, metallicities, and BHs. We will attempt the former option in later 
studies to investigate protogalactic formation in more detail. 



Chapter 5 

Suppression of H2 Cooling in the 
UVB 

We have studied the standard model of galaxy formation, where dark matter halos of 
masses greater than 1O 8 M are the first luminous objects in the universe. However, 
it has been known since the 1960's that molecular hydrogen plays an important role 
in structure formation in the early universe. Molecular hydrogen is a delicate species 
that can be dissociated from large distances since the universe is optically thin to the 
H2 dissociating radiation between 11.2 and 13.6 eV. This effect has been argued that 
a soft ultraviolet background renders the relevance of H2 unimportant in this epoch. 
To investigate this claim, we include H 2 cooling in our simulations while including 
such radiation backgrounds, adding yet more physics to our study. The implications 
of luminous objects existing before the first galaxies are significant because their 
feedback processes will change the initial density and temperature structures where 
the first galaxies form. 

This chapter is in preparation for publication in The Astrophysical Journal. It is 
co-authored by Tom Abel, who suggested the initial motivation of this work and pro- 
vided excellent critique in the arguments used to stress the importance of H 2 cooling 
in early structure formation. 
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5.1 Motivation 



Cosmic structure forms hierarchically. Any object in the universe today started with 



copious numbers of small progenitors at redsh ifts currently inaccessi 
serva t ions. Traditionally in galaxy formatio n ( 



1978 



Dekel fc Rees 



1987 



White fc Frenk 



Rees fc Qstriker. 



1991 



Baugh et al. 



1977; 



e to direct ob- 



White & Reed . 



200J) T vir = 10 4 K 



halos are assumed to be the first cooling halos. Nevertheless since the late 1960's 
it has been known that molecular hydrogen, formed in the g as phase, can dominate 



cooling in objects of smaller virial temperature and mass (paslaw fc Zippy 



Peebles & I 


)ickc. 


1968; 


Yonevama 




Abel et al.. 


1998 


. |200C 


). Neglectin 



Haiman et al. 



1996 



Tegmark et al. 



1967 



1997 



justi fied by arguing that H? is destroyed via radiative feedback effects fcf. Dekel fc 



Rees, 



1987 



Haiman et al. 



1997 



2000: 



Glover fc Brand 



2001 



Bromm fc Loel 



fj. I2OO3L 



The photo-dissociation of H 2 via the Solomon process by an early soft ultr a violet 



background (UVB) is generally assumed as the main reason (jOh fc Haiman 



Ciardi Sz Ferrara 



2005 



2002 



Haiman &; Bryanl . 120061 ) . 



The mass scale of halos considered enters exponentially in the collapsed mass 
fraction and the abundance of halos. Figure 15.11 shows the predicted abundances of 
the earliest building blocks of galaxy formation as a functio n of redshift for the latest 
concordance cosmology using the Sheth-Tormen formalism (IPress fc Schechterl . Il974l ; 
Sheth fc Torment 120021 ). The different lines correspond to different virial masses. The 
solid line corresponds to halos with virial temperatures of 10 4 K, the temperature at 
and above which atomic hydrogen line cooling is dominant. At redshift 30, e.g., 
the difference of abundances of 2 x 10 5 M and T v ; r = 10 4 K halos is five orders of 
magnitude. Even at redshift 10 this disparity is still a factor of a thousand. When 
studying reionization and chemical evolution of galaxies and the intergalactic medium, 
one needs to consider stellar feedback. The simple fact that the binding energy of 
the gas of smaller mass halos is even less than the kinetic energy deposited by even 
one supernova (SN) is illustrated in Figure I5TTB . Surely whether the atomic hydrogen 
line (Lya) cooling halos are formed from pristine primordial gas or are mergers of 
many tens of progenitors that massive stars have enriched and expelled the gas from 
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Redshift 

Fig. 5.1. — Panel A: Sheth Tormen number density of dark matter halos as a function 
of redshift for T vir = 10 4 K, M = 2 x 10 5 , 10 6 , and 6 x 10 6 M using WMAP 3 year 
data for parameters. Panel B: Binding energies as a function of redshift for the 
corresponding halos (same line styles as in panel A) 



should make a significant change in their further evolution. The minimum mass of 
star forming halos is undoubtedly an important issue independent of the techniques 
employed to study structure formation. 



triker. 


1992: 


Zhang et al. . 


1995: 


Katz &; Hernauist 


1996: 


Abel et al. 


1997; Anninos et 


al., 


1997: 


Brvan & Norman, 


1998: 


Gnedin & Abel. 


2001; 


Ricotti et al.. 


2002allri) allow 



now detailed investigations of all the relevant physical processes. Modeling the ex- 
pected negative feedback from an early soft UVB is straightforward as a background 
flux only causes a spatially constant photo-dissociation rate in the chemical reaction 
network being so l ved w hen H 2 does not exist at high enough abundances to self-shield. 



Machacek et al. 



(120011 . MBA01 hereafter) used Eulerian adaptive mesh refinement 
(AMR) simulations to investigate the role of such a H2 dissociating (Lyman- Werner; 
LW) background on the minimum mass of halos within which primordial gas can first 
cool for a variety of radiation amplitudes. In addition to a LW background, the col- 
lapse of halos with in relic H II regions can be either delayed or catalyzed. Mesigner 



et al. (120061 ) used AMR simulations with a short-lived 3 Myr hydrogen ionizing UVB 
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that simulates a nearby massive, metal-free (Pop III) star. They found that halo 
collapses are prolonged if Juv £0.1 and catalyzed if below this critical value, where 



-i 



Juv is in units of 10~ 21 erg s _1 cm" 2 Hz -1 sr _1 at a wavelength of 912 A. In the 
case of a large UVB, the collapse is delayed due to lower gas densities and higher 
cooling times. In the small UVB regime, excess free electrons in the relic H II region 
accelerate H 2 formation. In both cases, feedback in relic H II subsides after ~30% of 
a Hubble time. Strong suppressi on of H ? format i on als o occurs in 1O 6 M halos with 



a LW background Jlw > 0.01. 



Yoshida et al. 



(12003 . YAHS03 hereafter) similarly 



addressed this issue using smoothed particle hydrodynamics (SPH). They found an 
additional effect on the minimum collapse mass of dynamical heating from the mass 
accretion history of the halo. As the heat input increases, the virial temperature must 
rise before H2 cooling can start to dominate, and a cool phase develops in the center 
of the potential well. 

Self-consistent calculations in which the sources produce the radiation backgrounds 
which in turn affect t he number of new so u rces are feasib le so f ar only with semi- 



analytic approaches (IHaiman et al. 



2000 



Wise fc Abel 



20051 . W A05 hereafter) 



and sm all volume cosmological simulations at low spatial resolutions (IRicotti et al 
2002al Jbl). From these studies, one can derive realistic upper limits on the amplitude 



of the expected soft UVB. In all studies that include radiation sources in halos less 
than 10 4 K halos, the largest the soft UVB flux can get before the T > 10 A K ha 



Haiman et al 



200 



0; 



Ricotti et al 



2002a 



los 



dominate the emission is Jlw ~ 1 (cf. 
WA05). Interestingly, for a LW intensity of J LW ~ 0.1, MBA01 found that 2 x 1O 6 M 
halos were still able to cool and collapse. On the other hand at that Jlw? YAHS03 
suggest negative feedback should become so strong that the critical H2 fraction for 
cooling cannot be reached and cooling will not occur. However, they did not ex- 
plore this further with detailed higher resolution simulations to check whether their 
analytical expectation would hold. 

We present a series of fourteen very high resolution Eulerian AMR simulations 
designed to see how the largest possible feedback may raise the minimum mass in 
which primordial gas will cool by molecular hydrogen. The simulations techniques 
and details of the suite of calculations is the topic of the next section. In the following 
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sections, we describe the results that show H 2 cooling cannot be neglected in early 
structure formation. In the discussion, we describe the nature of the UVB and why 
H 2 cooling can occur in such large radiation backgrounds. We also comment on 
the large range of questions in cosmological structure formation that this conclusion 
affects. 



5.2 Simulations and Assumptions 



We use the Eulerian AMR hydrodynamic code Enzo (iBryan fc Normanl . Il997l . Il999l ) 
to study the importance of H 2 coolin g in early galaxy formation. Enzo uses an 
n-body adaptive particle-mesh solver (jCouchmanl . Il99ll ) to follow the dark matter 
(DM) dynamics. We perform two cosmological realizations with different box sizes 
and random phases and WM AP 1 year parameters of (h, Qa, ^m, ^b, n ) — (0.72, 



0.73, 0.27, 0.024/i~ 2 , 0. 9. 1) (ISpergel et a 



year WMAP (WMAP3; ISpergel et al.l . 120061 ) results favor lesser small-scale power that 



20031 ). The significantly different third 



delays high-r edshift structure form ation by ~40% and alters the statistical properties 



of DM halos (Alvarez et al.l 



20061 ). The ratio also only lowered by 5% to 5.70. 

However these differences have no effect on the evolution and assembly of individual 
halos studied here that have typical mass accr etion histories. 



The initial conditions are the same as in 
tions have a top grid with a resolution of 128 3 with t 

dized at z = 129 (119; 



Wise fc Abel! (120071 ). Both realiza- 



finer resolution anc 


are ii 


(Bertschinger, 


1995. 


2001) 



iree nested subgrids with twice 
with the COSMICS package 



20011 ). The box size is 1.0 (1.5) comoving Mpc. The innermost 
grid has an effective resolution of 1024 3 with DM particle masses of 30 (101) M Q and 
a side length of 250 (300) comoving kpc. We refine the AMR grids when either the 
DM (gas) exceeds three times the mean DM (gas) density on the same level. We also 
refine so that the local Jeans length is resolved by at least 4 cells. 

We focus on the region containing the most massive halo in the simulation box 
and follow its evolution until it collapses to an overdensity of 10 7 that corresponds to 



lr To simplify the discussion, simulation A will always be quoted first with the value from simulation 
B in parentheses. 
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a refinement level of 15 and a spatial resolution of ~3000 (4000) proper AU. 

We perform each realization with seven sets of assumptions. Table I3TTI summarizes 
them. We use a n ine-species ( H, H+, He, He + , He++, e~ , H 2 , H 2 , H~) non-equilibrium 
chemistry model (lAbel et all 119971 ; lAnninos et al.l . 119971 ) for all runs except the H+He 



runs that do not include H2 cooling. The nine-species runs are specified by "H2". 
Runs with H 2 dissociating (Lyman- Werner; LW) radiation are denoted by "LW" 
followed by its negative log-flux. We set F L w to 10~ 22 , 10~ 21 , and 10 -20 erg s _1 cm -2 
Hz -1 because the first two are typical values one finds in semi-analytic models of 
re ionization and the latter investigates the case of a very large UVB fe.g. Haiman et 
al., 



2000; 



Wise fc Abel. 



2005T). We use the photo-dissociation rate coefficient for 



the Solomon process from 



Abel et al. 



(119970 of k diss = 1.1 x 10 8 F LW s" 



Table 5.1: Simulation Properties 



Name 


H 2 


Residual e 








H2 


Yes 


Yes 





29.7 


31.1 


H2LW22 .... 


Yes 


Yes 


1Q -22 


28.3 


27.5 


H2LW21 .... 


Yes 


Yes 


10- 21 


24.4 


24.7 


H2LW20 .... 


Yes 


Yes 


1Q -20 


20.5 


22.4 


noe-H2 


Yes 


No 





18.7 


23.4 


noe-H2LW20 


Yes 


No 


1Q -20 


16.8 


21.4 


H+He 


No 


Yes 





15.9 


16.8 



Note. — These simulations are performed for both realizations. 



Free electrons are necessary to form H 2 in the gas phase. In order to restrict 



H 2 formation to Lya line cooling halos in our "noe-" ca 



culations, we reduc e the 



residual free electron fraction from ~ 10 -4 (jPeeblesl . 119681 ; iShapiro et all Il994l ) to a 
physically low 10 -12 at the initial redshift. This setup is designed to find the first 
halos that can collapse and form stars once free elect rons from collisionally ionized 
hydrogen becomes available to catalyze H 2 formation ( IShapiro fc Kangj . 119871 ). 
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This work is an extension of the original work of MBA01, adding the calculations 
with F LW = 1(T 20 and ones in which H 2 cannot cool until Lya cooling becomes effi- 
cient. We consider these extreme cases to strengthen the point made in MBA01 in 
which a UVB only increases the critical halo collapse mass, never completely sup- 
pressing the crucial importance of H2 formation and cooling. Our maximum spatial 
resolution in the finest AMR level is a factor of four smaller than MBA01; how- 
ever, this does not cause any differences between our work and MBA01 because these 
finest grid patches only exist in the dense, central core during the final 150 kyr of the 
collapse. 



5.2.1 Virial Temperature 

In galaxy formation models, the virial temperature is a key quantity as it controls 
the cooling and star formation rates in a given halo. We define a halo as the material 
contained in a sphere of radius r2oo enclosing an average DM overdensity A c of 200. 
For an isothermal singular sphere, the virial temperature 

_ fim p V c 2 

± vir 2^ ' K - 1 ) 



where V c 2 = GM/r2oo is the circular velocity (see iBryan fc Normanl . Il998l . with (3 = 
1). Here fi is the mean molecular weight in units of the proton mass m p , and k is 
Boltzmann's constant. We use this definition of T vir in this paper with \i = 0.59. We 
choose this value of fi to be consistent with the literature on galaxy formation even 
though the halos presented in this paper are neutral and have \i = 1.22. 



5.3 Results 

We first describe the halo properties at collapse. Then we compare them to previous 
studies of collapsing halos in the presence of a soft UVB. 



CHAPTER 5. SUPPRESSION OF H 2 COOLING IN THE UVB 



129 




Fig. 5.2. — Projections in simulation A (left two columns) and B (right two columns) of the gas 
density (first and third columns) and temperature (second and fourth columns) at the times when 
the most massive halo starts to cool and collapse above an overdensity of 10 7 in the models. The rows 
show the H2, H2LW21, H2LW20, and noe-H2, noe-H2LW20, and H+He runs from top to bottom, 
respectively. Note the complex structure for the SimA-Noe-LW20 and SimB-Noe-H2 run in which 
central shocks lead to the formation of free electrons that promote the formation of H2 and trigger 
the collapse. The field of view in all panels is 1.2 proper kpc. The color maps are equal for all runs. 
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5.3.1 Halo Properties 



Figure \572\ shows density-squared weighted projections of gas density and temperature 
when each calculation can cool and collapse to an overdensity of 10 7 . It illustrates the 
large difference in the sizes and morphologies of the collapsing halos in the various 
cases of negative feedback. All panels have the same field of view of 1.2 proper kpc 
and same color scales. It is clear from the relative sizes of the collapsing halos that the 
critical halo mass to cool increases with the amount of negative feedback. The virial 
shock and numerous central shocks heat the gas to the virial temperature. The central 
shocks create fine structure seen in the temperature projections. In all of the H 2 cases, 
we see neither fragmentation nor large-scale disk formation. The internal structures 



of the halos with H2 cooling and residua 
of Pop HI star form ing halos (MBA01; 



free electrons are similar to previous studies 



Abel et al. 



2000 



200 



Yoshida et al. 



2: 



Bromm et al. 



2002 



2003J), exhibiting a turbulent medium with a radially monotonically 



decreasing density profile and a cool central core. 

Figure I5.3A depicts the halo mass and redshift when the halo collapses for all 
of the runs, and Figure I5.3B shows their central temperature at the same epoch. 
The collapse redshifts, z a and Zf,, are also listed in Table 13.11 for simulations A and 
B, respectively. As seen in other studies (MBA01, YAHS03), the minimum DM halo 
mass to collapse increases with the background intensity. The H+He case predictably 
collapses at T v ; r ~ 10 4 K, and all of the halos with H2 cooling collapse at much smaller 
masses. The temperature of the central core increases with halo mass from 300 K to 
1000 K for halo masses 4 x 10 5 M Q and 1O 7 M . Restricting the data to models with 
residual electrons, the central temperature increases as a power-law, T c = AM w \ r B , 
where A = 3.li ;g, B = 0.355 ± 0.024, and M vir is in units of solar masses. This 
relationship is plotted in Figure 15.31 

With neither residual electrons nor an UVB (noe-H2), the most massive halo 
collapses at 9.8 (6.2) x 1O 6 M at z = 18.7 (23.4). Here H2 formation in the gas phase 
can only become important when sufficient free electrons are created by collisional 
ionization. Virial heating in the center o f halo s can increase temperatures up to 
twice the virial temperature (IWise fc Abell . 120071') that collisiona l ly ion izes hydrogen 
in the central shocks and initiates H 2 cooling (jShapiro Sz Kang . Il987l ) in halos well 
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Fig. 5.3. — Panel A: Halo masses of the most massive halos as function of redshift 
when they reach a central overdensity of 10 7 . This allows to translate the mass 
values in Panel B to be converted to cooling redshifts. It marks the runs with H+He 
(filled squares), H 2 (open squares), Flw = 1CT 22 (open diamonds), Flw = 1CT 21 
(filled diamonds), no residual electrons (open circles), and extreme feedback noe- 
LW20 (filled circles) runs. The two data points for each symbol represent simulations 
A and B. Even for the most extreme cases of feedback cooling occurs much earlier 
than in the atomic line cooling only case. Panel B: Central temperatures of the most 
massive halo in the simulation as a function of its mass at different redshifts. The 
virial temperature computed form the dark matter halo mass at redshift 20 is the solid 
line. The dotted line is the fitted relationship between the central gas temperatures 
and the halo mass in models with residual electrons and H 2 cooling. 



below virial temperatures of 10 4 K. These shocks are abundant throughout the central 
regions. Figure [53] shows radial profiles of temperature and electron fraction for both 
simulations and depicts gas shock- heating up to 2 x 10 4 K and electron fractions 
up to 10~ 3 . The electron fractions remain at unrealistically low values less than 
10~ 6 in low density regions where gas has not been collisionally ionized. The higher 
density regions have condensed to densities above 3 x 10 2 cm -3 after free electrons in 
protogalactic shocks induced H 2 cooling. 

A similar but extreme model demonstrates that even in the presence of a very 
large UVB of Flw = 10 -20 gas is able to form a cool and dense central molecular 
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Fig. 5.4. — Radial profiles of temperature (top) and electron fraction (bottom) col- 
ored by density for the "noe-" simulations with no residual free electrons or UVB in 
simulation A (left) and B (right). The virial temperatures of these halos are 4600K 
and 4200K for simulation A and B, using equation 05. ip with n = 0.59. 

core at a mass of 2.7 (1.1) x 1O 7 M at redshift 16.8 (21.4). Two major mergers in 
simulation A occur between z = 17-21, and the associated heating allows the halo to 
begin cooling by H2. A central core only forms once the system is adequately relaxed 
after the mergers, which causes the collapse mass difference between the realizations. 

The combination of a recent major merger and collisional ionization produces 
complex structures as seen in the density and temperature projections of the SimA- 
Noe-LW20 and SimB-Noe- calculations in Figure |5"72| unlike the other H2 models with 
a single cool central core. 
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5.3.2 Comparison to Previous Studies 

Through a series of AMR calculations with varying UVB intensities, MBA01 found 
the minimum DM halo mass to be 2.5 x 10 5 + 1.7 x 10 6 (F LW /l<r 21 ) a47 M in order 



to cool and condense 4% of the baryons. This frac tion of coo 



with s imulations of the formation of Pop III stars (lAbel et al- 



and dense gas agrees 



2002 



Yoshida et al 



2006bl ). There is some scatter of ~0.5 dex in this threshold mass (see also YAHS03). 
For the UVB intensities used in our models (F LW = 0, 10~ 22 , 10~ 21 , 10~ 20 ), the critical 
collapse masses are 2.5 x 10 5 , 8.4 x 10 5 , 2.0 x 10 6 , and 5.4 x 1O 6 M . Our calculations 
with H 2 cooling and residual free electrons agree with the results of MBA01. 

YAHS03 studied the minimum collapse mass but also included the effects of self- 
shielding. Through their SPH simulations and arguments using equilibrium H_2 abun- 
dances, they conclude that an UVB intensity of J 2 i = 0.1 nearly prevents halo col- 
lapses below T vir ~ 7000 K where Lya cooling becomes efficient. They also deduce 
that J21 = 1.0 completely prevents any H 2 cooling in these low-mass halos, based 
on H_2 dissociation timescales. We find the contrary in our H2LW21 and H2LW20 
calculations where the most massive halo collapses with a mass of 4.5 (2.9) x 1O 6 M 
and 8.8 (6.8) x 1O 6 M , respectively. Even in our noe- runs, the halo collapses when 
T vir ~ 4000 K, i.e. before Lya cooling becomes important, which is around the same 
mass scale that the H2LW20 runs condense. We ignore self-shielding in our calcu- 
lations, but this would only decrease the critical collapse mass. This difference is 
most likely a consequence of our high resolution shock capturing numerical method 
and high spatial resolution as compared to the SPH approach of YAHS03 that was 
designed to study the statistical aspects of these objects. 

The halo characteristics and the collapse redshift will likely depend on halo merger 
histories as seen in these two realizations. The better statistics of MBA01 sampled 
this effect well. Here the scatter of threshold mass is ~0.5 dex and is smaller than 
the mass difference between halos with virial temperatures of 4000K and 10000K. 
Thus our limited sample of halos should not change our result of the importance 
of H 2 cooling in halos well below T vir = 10 4 K, even with very large LW radiation 
backgrounds. 
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5.4 Discussion 



Structure formation in the high-redshift universe is contained within shallow potential 
wells that are sensitive to negative feedback from a UVB. Additionally local positive 
and negative feedback will influence star formation and further complicate estimates 
of halo mass scales. Some examples include 



Positive feedback- 



1998 



Q'Shea et al 



front ( 



Ri 



( I Glover 



cotti et al 



2003 



Enhanced H? formation in relic H II regions (e.g 



2005 



2001 



Johnson et al 



Schneider et al 



2006: 



Ferrara 



2007) and ahead of the H II ionization 



Ahn fc Shapiro!. 120071). dust an d metal line cooling 



Jappsen et all 120071 ) . 



200- 



( jSusa fc Umemura 



Yoshida et al. 



2006a 



20061 ). entropy floors ( 



Abel et al 



Negative feed back— Barvonic expulsion from host halos ( Whalen et al 
tayama et al., 



Oh fc Haiman 



2004 



;Ki- 



2007) , photo-evaporation 



. 120031 



These processes are not within the scope of this paper and will be considered in 
later publications that utilize three-dimensional radiation hydrodynamic simulations 
with Pop III star formation. Here we only focused on the effects of a UVB on low-mass 
halos. 



5.4.1 The Nature of the UVB 

The intensity of the UVB is a monotonically increasing function of redshift as more 
halos form stars. The UVB increases on the order of a Hubble time, which is much 
shorter than a dynamical time of a collapsing halo and justifies the use of a constant 
intensity in our calculations. 

Self-consistent studies that evolve the UVB according to star formation rates only 
find J L w to be in the range of 0.01 and 0.1 at redshifts 15-20 (YAHS03, WA05). 
WA05 calibrated their model against the WMAP1 measurement of r = 0.17. With 
the WMAP3 result of the electron scattering optical depth r = 0.09 and less small- 
scale power, UVB intensities will be even lower at these redshifts. 

We can relate reionization to LW radiation by equating J21 in the LW band to 
a common quantity in reionization models, the ratio of emitted hydrogen ionizing 
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2 x 10 7 (1 + z) 3 cm 3 is the cosmic mean 



photons to baryons, %,Hi/nf,, where n b 
of the baryon number density. Assuming that Jysn is constant in the LW band, the 
number density of LW photons is 



^7,LW — 



4tt p J lw 



C J vi 



h p v 



di 



= 1.19 x KT 5 J LW cm 



-3 



(5.2) 



where h p is Planck's constant and u±, v 2 = 2.70 x 10 15 Hz, 3.26 x 10 15 Hz bound the 
LW band. To relate J 2 i to n 7i Hi/^6, we must consider the intrinsic ionizing spectrum 
and absorption from the IGM and host halo. At redshift 20, the majority of star 
forming halos host Pop III stars that emit a factor 0hi — 10 more hydrogen ionizing 
photons than LW photons because of its ~ 10 5 K surface temperature. Since the 
number density of sources exponentially increases with redshift, the majority of the 
early UVB at a given redshift originates from cosmologically nearby (Az/z ~ 0.1) 
sources. Lyman line resonances absorb a fraction / a b s ~ 0.1 of the LW radiation 
i n the intergalac t ic me dium in this redshift range, producing a sawtooth spectrum 
( IHaiman fc Loebl . 119971 ). Additionally, absorption in the host halo reduces the number 
of ionizing photons that esc ape into the IGM by a fraction fp Sr . F or Pop III halos, 



this factor is close to unity (jYoshida et all l2006al ; 
these multiplicative processes, we now estimate 



Abel et al. 



20071 ). By considering 



n b 



^ 7 ,LW / I + Z 

n b V 20 

/l + z 
0.64 J 2l — 



0HI /esc fabl 

-3 / f 

J i. 



10 



csc 

r 



(5.3) 



x 



7. 



abs 



0.1 



This estimate is in agreement with the reiq nization models of 
WA05 (see also 



Haiman et al 



Gnedin fc Ostrikei 



fl2000h and 



19971 ). These models find that sources produce 



a large UVB of J 2 \ ~ 1 prior to reionization. When Pop III stars dominate the 
UVB, the LW radiation will be small in comparison to the volume averaged hydrogen 
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ionizing emissivity because of the intrinsically hard Pop III spectra that peaks at 
~300A. Hence high-redshift halos should not be exposed to a large UVB, i.e. J 2 i > 
0.1, and H 2 formation will remain important before reionization. 

Nearby star formation can boost the LW radiation over its b ackground value , but 
these bursts are short-lived as Pop III lifetimes are only ~3 Myr (jSchaererl . 120021 ) . For 
example, a 100 M star produces 10 50 LW photons s -1 and will produce Jlw > 0.1 
in the surrounding 3 proper kpc, neglecting any H 2 self-shieldingo 

The LW background is uniform outside these spheres of influence. The bursting 
nature of Pop III star formation does not affect the time evolution of the background. 
The intensity only depends on the number of sources in a redshift range Az/z = 13.6 
eV / 11.18 eV - 1, where the two energies bound the LW band, because any radiation 
redward of the Lyman break contributes to the LW background. Using a conservative 
minimum halo mass for Pop III star forming halos of 3 x 1O 6 M at redshift 20, there 
are ~42000 halos that have hosted a Pop III star in the volume contained within Az, 
using WMAP3 parameters with Sheth-Tormen formalism. Clearly the background is 
uniform considering the sheer number of sources within this optically thin volume. 
Local perturbations from Pop III star formation should only affect the timing of 
nearby star formation but not the global star formation rate. 



5.4.2 H 2 Cooling within a UVB 

YAHS03 used cosmological SPH simulations and H 2 formation and dissociation timescales 
to argue that a LW background intensity of Jlw > 0.1 suppresses H 2 formation so 
halos cannot cool before virial temperatures of 7000 K are reached. Employing the 
same argument, we see that the H 2 formation timescale 



t 



n H2 



h 2 



/h 2 



k H -n H n e 0.92k R -f e n 



30 kyr, 



(5.4) 



with typical central v alues found in high- redshift halos before any radiative cooling 



becomes efficient (see 



Wise fe Abel 



Eqo3) 



Here /h 2 = 10 6 and f e = 10 4 are the 



2 LW self-shielding may be unimportant up to colum n densities of 10 20 — 10 21 cm 2 if the medium 



contains very large velocity gradients and anisotropies (jGlover fe Brandl . 120011 ). 
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H 2 and electron number fraction, respectively, and n = 10 cm -3 is the baryon number 
density. k^- ~ 10 -15 cm 3 s" 1 is the H~ f o rmati on rate coefficient by electron photo- 
attachment at T = 1000 K ( Abel et all 1997 ). This timescale is a factor of 1000 
smaller than the value calculated in YAHS03 because we use the quantities from the 
halo center as compared to the mean values. The H2 dissociation timescale is k^ ss = 
23/J21 kyr, which is comparable with t^ 2 using the values above. 

Figure 15.51 shows SimB-LW20 twenty million years before the central core con- 
denses. At this time, the core is just beginning to cool by H 2 , catalyzed by the free 
electrons created in the central shocks. In these shocks, temperatures reach 1.4 x 10 4 
K and electron fractions up to 10~ 3 exist there. These conditions result in H 2 for- 
mation timescales less than 25 kyr, which is necessary to cool in a UVB of J 2 i ~ 
1. Within the central 10 pc, hot and cold gas phases exist. The hot phase exists 
behind the shocks that have lower densities around 10 cm -3 and £h 2 < 25 kyr. This 
is where H 2 cooling is catalyzed by collisional ionization in these shocks. The cold 
phase has already cooled through H 2 and has high densities and larger t H2 values. 
Both phases are apparent in the panels of Figure 15.51 Similar conditions create H 2 in 
the collapses in the "noe-" calculations, which have sufficient gravitational potential 
energy, resulting in temperatures above 10 4 in central shocks. 

Hence H 2 formation is possible in the centers of high-redshift halos with virial tem- 
peratures below 10 4 K, even with a UVB of intensity Jlw ~ 1, larger than expected 
from semi-analytic models of reionization. 



5.4.3 Impact on Semi-analytic Models 

Two consequences of a lower critical Lya cooling halo mass are more frequent and 
earlier galaxy formation and higher mass fractions in cooling halos. At redshift 20, 
e.g., abundances of T vir = 4000 K halos are an order of magnitude larger than T vir = 
10 4 K halos, resulting from the exponential nature of Press-Schechter formalism. 
The mass fraction contained in these halos is three times higher than 10 4 K halos. In 
semi-analytic models of reionization and chemical enrichment, the star formation rate 
(SFR) is linearly dependent on the collapsed mass fraction since the SFR is usually 
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Fig. 5.5. — The most massive halo in SimB-LW20 (F LW = 10~ 20 ) twenty million years 
before the cooling core collapses. Slices of gas density (left) and the H 2 formation 
timescale (Eq. |5.4j ; right) through the densest point in the halo are in the top 
row. The bottom row contains a slice of temperature (left) and a radial profile of the 
H 2 formation timescale, colored by gas density. The phase diagram and density slice 
have the same color scale. The slices have a field of view of 500 proper pc. In the 
central shocks, H2 formation timescales are lower than the dissociation timescale of 
28 kyr with F^w = 10~ 20 that is denoted by the horizontal line in the radial profile. 
The central core is now efficiently cooling and will collapse 20 Myr after these data. 
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a product of mass fractio n and star format i on effi ciency, which is the fraction of gas 



collapsing into stars (e.g. lHaiman fc Loebl . 119971 ). The star formation efficiency for 
primordial stars is ~ 10~ 3 with a single massive star forming in dark mat t er halo s 



with mass ~ 1O 6 M (jAbel et al 



200 



2, 



Bromm et al 



2002 



Yoshida et al 



2006bf ). 



This fractio n may rise to a few percent i n dwarf galaxies as wides pread star forma- 

). Various st udies 



Gnedin. 



2000 



Walter et al. 



2001 



tion occurs (ITaylor et al.1 . Il999l ; 
predic t that a majority of the reionizing flux originate s from dwarf galaxies (e.g. 



2003a 



Sokasian et al. 



Cen. 



2004 



Haiman fc Bryanl . 120061 ). If the mass contained in star 



forming halos is three times greater than previously thought, some of the predicted at- 
tributes, e.g. photon escape fractions and star formation efficiencies, of high-redshift 
dwarf galaxy will require appropriate adjustments to match ob servations, such a s the 
WMAP3 measurement of optical depth to electron scattering (IPage et all 120061 ) and 
Gunn-Peterson troughs at z ~ 6 ( Becker et all 2001 ; Fan et alT 20021 



5.5 Summary 

We conducted a suite of fourteen cosmology AMR simulations that focus on the 
importance of H 2 cooling with various degrees of negative feedback. We summarize 
the findings of each model below. 

1. The calculations with a UVB of Flw = (0, 10~ 22 , 10 -21 ) agree with the results 
of MBA01, where the critical collapse halo mass increases as a function of UVB 
intensity. 

2. Above Flw = 10~ 21 , it had been argued that an H 2 dissociating background 
would inhibit any H2 formation until the halo could cool through Lya cooling. We 
showed that central shocks provide sufficient free electrons from collisional ionization 
to drive H 2 formation faster than dissociation rates even in a Flw = 10~ 20 background. 

3. In our "noe-" models, we explored when collisional ionization becomes im- 
portant and conducive for H 2 formation. This occurs at T v i r ~ 4000 K. Recent 
major mergers above this mass scale create complex cooling structures, unlike the 
non-fragmented central cores in smaller halos. 
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4. Even our most extreme assumptions of J 2 i = 1 (i*LW — 10 20 ) and no residual 
free electrons cannot defeat the importance of H 2 cooling in the early universe. 

In any case, H 2 cooling triggers collapses in halos with virial temperatures well 
below 10 4 K. The lower critical halo mass, corresponding to T vir ~ 4000 K, increases 
mass fraction contained in these halos by three times at redshift 20 and the number 
density of high-redshift star forming halos by an order of magnitude! By considering 
additional cases of extremely large negative feedback, we have strengthened the results 
of MBA01 that H 2 cooling plays a key role in high-redshift structure formation. We 
conclude that a UVB only delays and never completely suppresses H 2 formation and 
cooling and subsequent star formation in these low-mass halos. 



Chapter 6 

The Nature of Early Dwarf 
Galaxies 



All observed galactic and extragalactic stars and intergalactic Lyman forest clouds 
have some fraction of gas enriched by elements heavier than helium. This applies to 
even the oldest stars, whose ages are comparable to the age of the universe, in our 
galaxy and surrounding dwarf galaxies. Big Bang nucleos ynthesis produces hydrogen 
a nd helium with trace amou nts of deuterium and lithium (jAlpher. Bethe. fc Gamowl . 



1948 



Wagoner et all 119671 ). The first stars formed from this pristine gas, but this 
prompts the question: How did the first generation of stars enrich the universe with 
the first metals ? 

After quantifying the relevance of the hydrodynamics, hierarchical assembly, and 
cooling physics in the previous chapters, we can finally include the main focus of 
this thesis: the impact of primordial stellar feedback on early galaxy formation. 
These models probe the same questions that were addressed in Chapter [2] but with 
a self-consistent treatment of primordial star formation in adaptive mesh refinement 
simulations. We hav e developed an accurat e radiation transport model that utilizes 



adaptive ray tracing (I Abel fc Wandeltl . |2002| ) and has been parallelized and optimized 



for shared and distributed computing systems. This allows us to follow the radiative 
feedback from the first stars and to investigate its impact on the formation of the 
first galaxies. We also follow the propagation of metal ejecta from the supernovae of 
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massive, metal-free stars. We investigate the global nature of the early dwarf galaxies 
that ultimately form in our calculations. These results may result in a better under- 
standing of the origin of the oldest stars in our galaxy and some of the neighboring 
dwarf galaxies. 

This is the final iteration of the gradual inclusion of physical models in this thesis; 
however we note that many other processes may be relevant in early galaxy forma- 
tion, e.g. metal-line and dust cooling, self-shielding of H 2 dissociating radiation, and 
magnetic fields. 

This chapter is in preparation for publication in The Astrophysical Journal. It 
is co-authored by Tom Abel, who developed the original version of the adaptive ray 
tracing code used in these simulations. 



6.1 Motivation 



The majority of galaxies in the universe ar e low-luminosity , have masses of ~10 8 sola r 



masses, and are known as dwarf galaxies (ISchechter 



1976 



Ellis 



1997 



Mate 



0, 



1998|). 



Galaxies for m hierarchically through numerous mergers of smaller counterparts f Pee- 
bles & Dicke, Il968l ; IWhite fc Reed . Il978l ). whose properties will inevitably influence 



the parent galaxy. Dwarf galaxies are the smallest galactic building blocks, and this 
leads to the question on even smaller scales: how were dwarf galaxies influenced by 
their progenitors? To answer this intriguing question, we let observations of local 
dwarf galaxies and numerical simulations guide us. 



A subset of dwarf galaxies, dwarf spheroida 



light ratios (Ide Blok fc McGaugh 



1997 



Mateo 



s (dSp h), have the highest mass-to- 



19981 ) a nd contain a popula tion of 



met a l-poor stars that are similar to Galactic halo stars (ITolstov et al. 



2004; Hclmi 



et al., 120061 ). Stellar metallicities increase with time as previous stars continually 
enrich the interstellar medium (ISM). There is a met allicity floor of 10~ 3 and 10~ 4 of 
solar metall icity in dSph and halo stars, respectively (Beers fc Christl ieb. 2005LHelmi 



et al. 



2006). Hence the lowest metallicity stars are some of the oldest stars in the 



system and can shed light on the initial formation of dwarf galaxies. This metallicity 
floor also suggests that metal enrichment was widespread in dark matter halos before 
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low-mass stars could have formed (e.g. iRicotti et all l2002bl ). Supernovae (SNe) from 
metal-free (Pop III) stars generate the first metals in the universe a nd may supply 
the necessary meta l 



Madau et al. 



2001 



icity to form the mo st metal-poor stars observed (IFerrara 



1998 



Norman et al.l. 



20041 ) 



Dwarf galaxy formation can be further constrained with observations that probe 



bv supermassive black holes (SMBH) of mass ~10 9 M m 


Bee 


:er et al.. 


2001 


: Fan et 


al., 


2002. 


2006 


) and low- 


uminosity galaxies ( 


Hu & Dodelson, 


2002 




ve et al.. 


2006: 


Kashikawa et al.. 2006: 


Bouwens & Illineworth 




2006 


> 


Stark et al 




2007 


at and 



above redshift 6 indicate that active star and BH formation began long before this 
epoch. Semi-analytic models have show n that cosmological r eionization was largely 

Somerville 



2003 



IWise fe Abel 



2005 



caused by low-luminositv dwarf galaxies (IHaiman et al 
& Livio, 



1997 



Cen 



Haiman &: Bryanl . 120061 ). Some of the most 



2003a 



relevant parameters in these models control star formation rates, ionizing photon 
escape fractions, metal enrichment, and the minimum mass of a star forming halo. 
They are usually constrained using (i) the cosmic microwave background (CMB) 
polarization observation from WMAP that measures the optical depth of electron 
scattering to the CMB (IPage et al.l . 120061 ) . (ii) Gunn- Peterson troughs in z ~ 6 



quasars, and (iii) numeric al simulations that examine negative and positive feedback 



of rad iation backgrounds (IMachacek et al. 



al. 



2001 



Yoshida et al 



2003 



Mesigner et al 



2006). Radi ation hvdrodvnamical ab initio simulations of the first stars f Yoshida et 



2006a 



Abel et al. 



20071 ) and galaxies can further constrain the parameters used 
in semi-analytic models by analyzing the impact of stellar feedback on star formation 
rates and the propagation of H II regions in the early universe. Moreover, these 
simulations contain a wealth of information pertaining to the properties of Pop III 
star forming halos and early dwarf galaxies that can increase our understanding of 
the first stages of galaxy formation. 

First we need to consider Pop III stars, which form in the progenitor halos of the 
first galaxies, to fully understand the initial properties of dwarf galaxies. Cosmological 
numerical studies have shown t hat massive Pop III s tars form in dark matter halos 
with masses ~1O 6 M . Recently, 



Yoshida et al 



(j2006bl ) followed the gaseous collapse of 
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a molecular cloud that will host a Pop III star to cosmologically high number densities 
of 10 16 cm -3 . They thoroughly analyzed the gas dynamics, cooling, and stability of 
this free-fall collapse. They found no fragmentation in the fully mole cular core that 
collapses into a single, m assive ~1OOM star (see also 



Abel et al 



20021 ). Furthermore, 



Omukai fc Pallal (120031 ) determined that accretion will halt at the same mass scale, 



using protostellar models while considering different mass accretion histories. 

Pop III stars with stellar masses roughly between 140 and 260 M & end their life 
in a pair-instability SN that releases 10 51 — 10 53 e rgs of energy and t ens of solar 



masses of heavy elements int o the ambient medium (IBarkat et al. 



19841 ; iHeger k Woosleyl . 



1967 



Bond et al. 



20021 ) . These e xplosions are an order of m agnitude larger than 



typical Type II SNe in both quantities (jWoosley fc Weaverl . ll986l ). Pair- instability SN 
energies are larger than the binding energies of their low-mass hosts, e.g., 2.8 x 10 50 
ergs for a 1O 6 M halo at redshift 20. Gas structures in the host halo are totally 
disrupted and expelled, eff ectively enriching the surrounding intergalactic m edium 



2003 



Kitayama fc Yoshidal . 



2005|). The 



(IGM) with the SN ejecta (iBromm fc Loebl . 
combination of the shallow potential well and large explosion energy suggests that 
these events are good candidates for enriching the first galaxies and IGM. Outside 
of the pair-instabil ity mass range, Pop III stars die by directly collapsing into a BH 



flHeger et all l20o3 ). possibly providing the seeds of high-reds hift quasars in g a 



that are associ a ted w ith the rarest density fluctuations (e.g. iMadau &: Reed . 



Volonteri et al. 



. hood ) 



axies 



2001 



O ne- dimension al calculations ( Whalen et al 



2004 



Kitavama et al. 



2004 



Ki- 



tayama & Yoshida. 120051) and recent three-d i mens ional radiation hydrodynamical 



simulations ( Yoshida et al. 



2006al : 



Abel et al. 



20071 ) have investigated how the Pop 



III stellar feedback affects its host halo and nearby cosmic structure. In a ddition to 
SNe, stellar radiation from Pop III stars, which have luminosities ~1O 6 L (jschaerer . 
I2OO2I ). alone can dynamically affect gas at distances up to a few proper kpc, fo r which 
ioniz ation fronts are mainly responsible. Ionization fronts and H II regions (see 



Yorke 



1986 , for a r eview ) have been extensively studied in literature on star formation since 



Stromgrenl (119391 ). Stellar radiation generates an ionization front that begins as a 



R-type front and transforms into a D-type front when its speed slows to twice the 
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sound speed of the ionized gas. Then a strong shock wave forms at the front and 
recedes from the star at ~ 30 km s _1 . The ionization front decouples from the shock 
wave and creates a final H II region that is 1 - 3 proper kpc in radius for massive 
Pop III stars residing in low-mass halos. The ionized gas is warm (~3 x 10 4 K) and 
diffuse (~1 cm -3 ). The shock wave continues to accumulate gas and advance after 
the star dies. Eventually it stalls in the IGM, but in the proce s s, it reduces the b aryon 
fraction of the halo below one percent (jYoshida et all l2006al ; I Abel et all 120071 ). 



Clearly the number of progenitors of a given galaxy as well as the star formation 
and feedback history of the progenitors will play a role in shaping all of its properties. 
But how much? If most stars of a galaxy are formed later, will the earliest episodes 
not be entirely negligible? To start addressing these questions, we have carried out a 
suite of simulations that include accurate three dimensional radiative transfer and the 
SN explosions of Pop III stars and have followed the buildup of several dwarf galaxies 
from those Pop III star hosting progenitors. The Pop III radiative and SN feedback 
dramatically alters the properties of high redshift dwarf galaxies, and we discuss some 
of the most striking differences here. We leave a more detailed exposition of star 
formation rates, star forming environments, and the beginning of cosmic reionization 
for a later paper. 

In the following section, we detail our cosmological, radiation hydrodynamics sim- 
ulations and the star formation algorithm. Then we describe the global characteristics 
of dwarf galaxies that form in our simulations in §6.31 There we also focus on metal 
enrichment of star forming halos and the IGM, arising from pair-instability SNe. In 
§6.4^ we discuss the implications of our findings on the paradigm of high-redshift 
galaxy formation by including H2 chemistry and Pop III star formation and feedback. 
We summarize in the last section. 



6.2 Radiation Hydrodynamical Simulations 



We use the Eulerian AMR hydrodynamic code Enzo (IBryan &: Norman 



1997 



1999J) 



to study the importance of primordial stellar feed back in ear 



Enzo uses an n-body adaptive particle-mesh solver (ICouchman 



y gala xy formation. 



19911 ) to follow the 



CHAPTER 6. THE NATURE OF EARLY DWARF GALAXIES 



146 



dark matter (DM) dynamics. We first describe the setup of our simulations. We 
then detail our star formation recipe for primordial star formation. Also we have 
implemented adaptive ray tracing into Enzo that concludes this section. 



6.2.1 Simulation Setup 

We perform two cosmological realizations with different box sizes and random phases 
and W MAP 1 year pa r amete rs of (h, fi A , ^m, °8, n) = (0.72, 0.73, 0.27, 0.024/i~ 2 , 
0.9, 1) (ISpergel et all 120031 ) . Table IBTTI summarizes the details of these simulations. 
The characteristics of the individual halos studied here are n ot affected by t he sig - 



nificantly different WMAP third year parameters (WMAP3; ISpergel et al.l . 120061 ). 
which do affect the statistical properties of such halos. We have verified that nothing 
atypical occurs during the assembly of the halos studied here. 



Table 6.1: Simulation Parameters 



Name 


I 


SF 


SNe 


N 


part 








Ncell 




[Mpc] 




















SimA-HHe 


1.0 


No 


No 


2.22 


X 


10 7 


40601 


1.20 


X 


10 8 (494 3 ) 


SimA-RT 


1.0 


Yes 


No 


2.22 


X 


10 7 


44664 


1.19 


X 


10 8 (493 3 ) 


SimB-HHe 


1.5 


No 


No 


1.26 


X 


10 7 


21409 


6.51 


X 


10 7 (402 3 ) 


SimB-RT 


1.5 


Yes 


No 


1.26 


X 


10 7 


24013 


6.54 


X 


10 7 (403 3 ) 


SimB-SNe 


1.5 


Yes 


Yes 


1.26 


X 


10 7 


24996 


6.39 


X 


10 7 (400 3 ) 



Note. — Col. (1): Simulation name. Col. (2): Box size. Col. (3): Star formation. 
Col. (4): Supernova feedback. Col. (5): Number of dark matter particles. Col. (6): 
Number of AMR grids. Col. (7): Number of unique grid cells. 



Wise fe Abel fl2007af ). They both have a 

ution 

and are initialized at z = 129 (119) with the COSMICS packagj^ ( iBertschinger . 



The initial conditions are the same as in 
top grid with a resolution of 128 3 with three nested subgrids with t wice finer reso 



1995 



lr ro simplify the discussion, simulation A will always be quoted first with the value from simulation 
B in parentheses. 
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200ll ). The box size is 1.0 (1.5) comoving Mpc. The innermost grid has an effective 
resolution of 1024 3 with DM particle masses of 30 (101) M Q and a side length of 250 
(300) comoving kpc. We refine the AMR grids when either the DM (gas) exceeds 
three times the mean DM (gas) density times a factor of 2 l , where I is the AMR 
refinement level. We also refine so that the local Jeans length is resolved by at least 
16 cells. Refinement only occurs in the initial innermost grid that has a comoving side 
length of 250 (300) kpc. We enforce a maximum AMR level of 12 in these simulations 
that corresponds to a resolution limit of 2.9 (1.9) comoving parsecs. 

We use the nine species (H, H + , He , He + , He ++ , e~, H 2 , Hj", H~ ) non-equilibrium 
chemistry model in Enzo (lAbel et all 119971 ; lAnninos et all 119971 ). Compton cool- 
ing and heating of free electrons by the CMB and radiative losses from atomic and 
molecular cooling are computed in the optically thin limit. 

We focus on the region containing the most massive halo in the simulation box. 
We perform three calculations - simulation A with star formation (SimA-RT), simu- 
lation B with star formation (SimB-RT), and simulation B with star formation and 
SNe (SimB-SN). We end the calculations at the same redshift the halo with a virial 



temperature o: 
runs (HHe) of 



10 4 K collap s es at z = 15.9 (16.8) in the hydrogen and helium cooling 



Wise fc Abel! fl2007al l 



6.2.2 Star Formation Recipe 



Star for mation is modelled through an extension (lAbel et all 120071) of the Cen & 



Ostriker (Il992l ) algorithm that automatically forms a star particle when a grid cell 
has 

1. an over density exceeding 5 x 10 5 

2. a converging velocity field (V ■ v < 0) 

3. rapidly cooling gas (t coo i < t dyn ) 

4. an H 2 fraction greater than 5 x 10~ 4 . 

Then we remove half of the gas from the grid cells in a sphere that co ntains twice 
the stellar mass, which is a free parameter. Once these criteria are met, 



Abel et al. 
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(120021 ) showed that a Pop III star forms within 10 Myr. For this reason, we do not 
impose the Jeans instability requirement used in Cen & Ostriker and do not follow 
the collapses to stellar scales. We allow star formation to occur in the Lagrangian 
volume of the surrounding region out to three virial radi i from the mos t massi ve halo 



at z = 10 in the dark matter only runs as discussed in I Wise fc Abell (l2007al ). This 
volume has a side length of 195 (225) comoving kpc at z = 30 and 145 (160) comoving 
kpc at the end of the calculation. 

Runs with star formation only model all Pop III stars with M* = 100 M & that 
live for 2.7 Myr and emit 1.23 x 10 50 hydrogen ionizing photons per second. After its 
death, the star particle is converted into an inert 100 M tracer particle. The SNe 
runs use M* = 170 M that results in a lifetime of 2.3 Myr and 2.57 x 10 5C 
photo ns per second, in accordance with the no mass loss stellar models of 



ioniz ing; 



Schaerer 



<l2002h . 

When a 170 M star dies, it injects -Esn = 2.7 x 10 52 erg of thermal energy and 
81 M Q of metals, appropriate for a pair-instability SN of a 170 star f Heger & 
Woosley, 2002). into a sphere with radius tsn = 1 pc centered on the star's position. 



The mass contained in the star particle and associated metal ejecta are evenly dis- 
tributed in this sphere. The mass of the star particle is changed to zero, and we track 
its position in order to determine the number of stars associated with each halo. We 
also evenly deposit the SN energy in the sphere, which changes the specific energy by 

Ae = ■ e , (6.1) 

Po + Psn 

where po and €q are the original gas density and specific energy, respectively. Here 
Psn = M*/Vsn is the ejecta density; 6sn = Esn/M^/Vsn is the ejecta specific energy; 
Vsn is the volume of a sphere with radius tsn- In order not to create unrealistically 
strong shocks at the blast wave and for numerical stability reasons, we smoothly 
transition from this energy bubble to the ambient medium, using the function 



f(r) = A^0.5-0.5tanh 



B[ 1 

Vr SN 



(6.2) 
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Here A is a normalization factor that ensures / f(r)dr = 1, and B controls the rate 
of transition to the ambient medium, where the transition is steeper with increasing 
B. We use A = 1.28 and B = 10 in our calculations. 

We continue to use the nine-species chemistry model as we do not consider the 
additional cooling from metal lines. We follow the hydrodynamic transport of metals 
from the SNe to the enrichment of the surrounding IGM and halos. 



6.2.3 Radiative Transfer 



For point sources of radiation, ray tracing is an accurate method to calculate and 
evolve radiation fields. However millions of rays must be cast i n order to obtain 



adequ ate ray sampling at large radii. We use adaptive ray tracin g (lAbel &: Wandelt 



20021 ) to overcome this dilemma associated with ray t racing (cf. 



Abel et al 



20071) 



We initially cast 768 rays, i.e. level three in HEALPix (IGorski et all 120051 ). from the 
radiation source. The photons contained in the initial rays are equal, and their sum 
is the stellar luminosity. Rays are split into 4 child rays, whose angles are calculated 
with the next HEALPix level, if their associated solid angle is greater than 20% of 
the cell area Ax 2 . Photons are distributed evenly among the children. This occurs 
if the ray travels to a large distance from its source, or the ray encounters a highly 
refined AMR grid, in which adaptive ray tracing accurately samples and retains the 
fine structure contained in high resolution regions. 

The rays cast in these simulations have an energy E^ that is the mean energy 
of hydrogen ionizing photons from the stellar source. For 100 M Q and 170 M Q , this 
energy is roughly equal at 28.4 and 29.2 eV, respectively, due to the weak dependence 
of the surface temperature of primordial stars on stellar mass. The rays are trans- 
ported at the speed of light on constant timesteps At ph = 800 years, which is always 
less than the hydrodynamical timesteps at the finest resolution. 

To model the H2 dissociating (Lyman- Werner; LW) radiation between 11.2 and 
13.6 eV, we use an optically thin 1/r 2 radiation field with luminosities calculated from 
Schaererl (120021 ) . We use the H 2 photo-dissociation rate coefficient for the Solomon 
process of kdi SS = 11 x 10 8 Flw s _1 , where Flw is the LW flux in units of erg s _1 cm -2 
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Hz" 1 (lAbel et all I1997I ). 



The radiation transport is coupled with the hydrodynamical, chemistry, and en- 
ergy solvers of Enzo. Here we only consider hydrogen photo-ionization. We first 
calculate the photo-ionization and heating rates caused by each ray and then sub- 
cycle the chemistry and heating solvers with these additional rates. Next we advance 
the hydrodynamics of the system with the usual adaptive timesteps. 

The hydrogen photo-ionization rate is computed by 



where Pq is the incoming number of photons, nni is the number density of neutral 
hydrogen, V^n is the volume of the computational grid cell, and r = rim &m dl is 
the optical depth. Here ohi is the cross section of hydrogen, and dl is the distance 
travelled by the ray through the cell. The heating rate is computed from the excess 
photon energies of the photo-ionizations by 



In the case of hydrogen ionizing photons, Ei = 13.6 eV. In each radiation timestep, 
the number of photons absorbed, i.e. Pq(1 — e~ T ), is subtracted from the ray. The 
ray is eliminated once most of the associated photons (e.g. 99%) are absorbed or the 
ray encounters a highly optically thick region (e.g. r > 20). 

6.3 Results 

In this section we first discuss star formation in dwarf galaxy progenitors. Then we 
focus on the global characteristics of the most massive halo. We detail the different 
ISM phases. Metal transport from pair-instability SNe and the associated metal- 
enriched star formation history are discussed lastly. 




(6.3) 




(E P h — Ei). 



(6.4) 



CHAPTER 6. THE NATURE OF EARLY DWARF GALAXIES 



151 



6.3.1 Number of Star Forming Halos 



Gas in halos with masses <, 10 6 M is evacuated by a ~30 km s 1 D-type front, leaving 

; Kitayama et 



a diffuse 
al. 



2004 



1 cm 3 ) and warm (3 x 10 10 medium ( Whalen et al. 



Yoshida et al 



2006a 



Abel et al. 



2004 



20071 ). The aftermath of SN explosions in 



rel ic H II regions is explored in spherical symmetry in one-dimensional calculations 
by iKitayama &: Yoshidal (120051 ). Even without SNe, star formation is suppressed for 
~100 Myr before gas is reincorporated into the potential well. Pair-instability SNe 
provide an extra ~ 10 52 erg of thermal energy and can evacuate halos up to 10 7 M & . 
Hence star formation within these low-mass halo s are highly dependent on their star 



formation and merger histories, as illustrated by 



Yoshida et al. 



(J2006aJ). 



Table 6.2: Global halo properties with star formation 



Name 


N*(<r vir ) 


N*(<3r vir ) 


M gas /M tot 


K 


SimA-HHe 






0.14 


0.010 


SimA-RT 


14 


16 


0.081 


0.053 


SimB-HHe 






0.14 


0.010 


SimB-RT 


13 


19 


0.11 


0.022 


SimB-SN 


7 


13 


0.049 


0.097 



Note. - Col. (1): Simulation name. Col. (2): Number of stars hosted in the 
halo and its progenitors. Col. (3): Number of stars formed in the Lagrangian volume 
within 3r vir of the most massive halo. Col. (4): Baryon fraction within r vir . Col. (5): 
Baryonic spin parameter [Eq. 16. 5j . 



Table 16.21 summarizes the global properties of the most massive halo at the time 
of collapse in the HHe calculations. Approximately ten Pop III stars form in the 
progenitors, whose original gas structures are nearly destroyed by radiative feedback, 
of the 10 4 K halo. More specifically at z = 15.9 (16.8), there are 22, 27, and 24 
stars that form after redshift 30 in the SimA-RT, SimB-RT, and SimB-SN runs, 
respectively. The most massive halo and its progenitors have hosted 14, 13, and 7 
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stars in the same simulations. When we look at the Lagrangian volume contained 
within three times the virial radius of the most massive halo, there have been 16, 19, 
and 13 instances of star formation. 



6.3.2 Global Nature of Objects 

In addition to providing the first ionizing photons and metals to the universe, Pop III 
stars change the global gas dynamics of T vir ~ 10 4 K star forming halos. Figures [6TT1 
and 16.21 compare the structure of the most massive halo in all simulations, depicting 
density-squared weighted projections of gas density and temperature. All of the 
halos have a virial mass of 3.5 x 1O 7 M . The models with neither star formation nor 
H2 chemistry show a condensing T W - 1T = 10 4 K halo with its associated virial heating. In 
comparison, feedback from primordial star formation expels the majority of the gas in 
low-mass star forming progenitors. This induces the formation of an inhomogeneous 
medium, where the radiation anisotropically propagates, creating champagne flows 
in the directions with lower column densities. The temperature projections illustrate 
both the ultraviolet heated (~ 10 4 K) and optically thick, cool (~ 10 3 K) regions in 
the host halo and IGM. SN explosions alter the gas structure by further stirring and 
ejecting material after main sequence. Next we quantify these visual features with 
the baryon fraction of the halo and an inspection of phase diagrams of density and 
temperature. 

As the gas in the progenitors is mostly evacuated, the baryon fraction of high- 
redshift star forming halos are greatly reduced. In halos with masses <, 10 6 M , the 
baryon fraction lowers to 5 x 10~ 3 ten million years after the star's death without a 



SN (cf. lYoshida et all l2006al ). When we include SNe, the ba ryon fraction decreases 



furth er to 1 x 10 5 six million years after the explosion (cf. iKitayama fc Yoshidal . 



20051 ). This is in stark contrast with the cosmic fraction VL^/VLm = 0.17. 



Within these shallow potential wells, outflows from stellar feedback impede subse- 
quent star formation until sufficient gas is reincorporated, occurring through mergers 
and smooth IGM accretion. After the halo mass surpasses ~ 10 7 M Q , total evacua- 
tion does not occur but significant outflows are still generated. Near the same mass 
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Fig. 6.1. — Density- squared weighted projections of gas density (left) and temperature 
(right) of the most massive halo in simulation A. The field of view is 1.2 proper kpc. 
The top row shows the model without star formation and only atomic hydrogen and 
helium cooling. The bottom row shows the same halo affected by primordial star 
formation. 




Fig. 6.2. — Same as Figure EH] for simulation B. Here the bottom row shows the halo 
with primordial stellar feedback and supernovae. 
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scale, multiple sites of star formation occur in the same halo. These stars rarely shine 
simultaneously since we neglect H 2 self-shielding, which only affects the timing of star 
formation and not the global star formation rate. Here after the first star dies, the 
second star, whose dense, cool core survived the UV heating, condenses and forms a 
star a few million years afterwards . This scenario of adjacent star formation is similar 
to the one presented in lAbel et al.l (120071 ). but the multiple sites of star formation are 
cause d by H 2 and Lyct cooling in central protogalactic shocks (cf. IShapiro &: Kand . 



19871 ). not from residual cores from a recent major merger. 

When the most massive halo reaches T V - 1V ~ 10 4 K, the baryon fraction within the 
virial radius has only partially recovered to 0.081, 0.11, and 0.049 in the SimA-RT, 
SimB-RT, and SimB-SN calculations. Without any stellar feedback, these fractions 
are 0.14 in the HHe runs. 

These outflows also create inhomogeneities in and around halos and increase the 
baryonic spin parameter 



A B 



\E I 1 / 2 
l-^gl 



(6.5) 



GMg 2 

where L s , E g , and M g are the total baryonic angular momentum, kinetic energy, and 
mass of the system. The DM spin parameter A uses the total DM angular momentum, 
kinetic energy, and mass of the system. At the time of collapse in the HHe runs, A = 
0.022 (0.013) and is marginally lower than the average (A) ^ 0.04 found in numerical 
simulations ( Barnes fc Efstathioul . 



1987 



Eisenstein fc Loeb. 



19951 ). It is not affected 



by stellar feedback as DM dominates the potential well. Without star formation, the 
baryonic spin parameter A g = 0.010 (0.010) and is slightly lower than A. However 
with stellar and SNe feedback, A g increases up to a factor of 10. The effect is smaller 
without SNe but still significant, raising A g to 0.053 (0.022). 

The increase of A g may be caused by cosmological tidal forces on the expelled gas, 
which gains angular momentum when it is at large radii. At this point, tidal forces 
are at its greatest influence. Then a fraction of the expelled gas, now with a higher 
specific angular momentum, falls back to the dwarf galaxy and thus increasing its 
spin parameter. 
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Fig. 6.3. — Mass-weighted radial profiles of density (top) and temperature (bottom), 
centered on the densest DM particle. The columns show data from SimA-RT (left), 
SimB-RT (middle), and SimB-SN (right). Note how the cool and warm gas phases 
coexist at similar radii throughout the halo. 

6.3.3 ISM Phases 

The combination of molecular cooling, stellar feedback, and SN explosions create a 
multi-phase ISM in star forming halos. These phases are interspersed throughout the 
halo. They are marginally seen in the temperature projections in Figures I6.ll and 
I6.2I However they are better demonstrated by the mass-weighted radial profiles in 
Figure I6.3I and density-temperature phase diagrams in Figure I6.41 The radial profiles 
are centered on the densest DM particle. For a given radius within the halo, the gas 
density can span up to 3 orders of magnitude, and the temperature ranges from ~100 
K in the cool phase to 30,000 K in the warm, ionized phase. Below we describe the 
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different ISM phases at redshift 15.9 and 16.8 for simulation A and B, respectively. 

Cool phase — The relatively dense (p > 100 cm -3 ) and cool (T > 1000 K) gas has 
started to condense by H 2 cooling. Current star formation dissociates H 2 in nearby 
condensations through LW radiation in our simulations as we neglect self-shielding. In 
many cases, especially when M vir > 10 7 M , nearby clumps remain cool and optically 
thick. After the star dies, H 2 formation can proceed again to form a star in these 
clumps. There are two other sources of cool gas. First, the filaments are largely 
shielded from being photo-heated and provide the galaxy with cold accretion flows. 
Second, after SN explosions, the material within the expanding shell cools through 
adiabatic expansion and Compton cooling to temperatures as low as 100 K, which is 
seen in the p-T phase diagram at very low densities. 

Warm, neutral phase — Gas that cools by atomic hydrogen line transitions, but 
not molecular, has T ~ 8000 K and densities ranging from 10~ 3 to 10 2 cm -3 . Gas in 
relic H II regions and virially shock-heated gas compose this phase. 

Warm, ionized phase — In the RT simulations at the final redshift, a Pop III 
star is creating an H II region with temperatures up to 30,000 K. These regions are 
approximately 300 and 800 pc in radius with a non-spherical geometry because of the 
inhomogeneity of the ISM. 

Hot, X-ray phase — The 3 x 10 52 ergs of energy deposited by one pair-instability 
SN in the SimB-SN simulation heats the gas to over 10 8 K immediately after the 
explosion. Figure 16.51 shows the density and temperature of the ISM 30 kyr after a 
SN, where the adiabat of the hot phase is clearly visible at T > 10 5 K. A blastwave 
initially travelling at 4000 km s -1 sweeps through the ambient medium during the free 
expansion phase. The gas behind the shock cools adiabatically and through Compton 
cooling as the SN shell expands. 

6.3.4 Metallicity 

Metallicities of second and later generations of stars depend on the locality of previous 
SNe. In the SimB-SN calculation, outflows carry most of the SN ejecta to radii up to 
~1 proper kpc after 30 Myr. Interestingly they approximately fill the relic H II region 
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Fig. 6.4. — Mass-weighted p-T phase diagrams of a sphere with radius 1 kpc, centered 
on the most massive halo in SimA-RT (top), SimB-RT (middle), and SimB-SN ( bot- 
tom) . At T > 10 4 K, one can see the H II regions created by current star formation. 
The warm, low density (p < 10~ 3 cm -3 ) gas in SimB-SN are contained in SNe shells. 
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Fig. 6.5. — Mass-weighted p-T phase diagram of a sphere with radius 1 kpc, centered 
on the most massive halo in SimB-SN, 30 kyr after a pair-instability SN. In addition 
to the ISM phases seen in Figure |6~^EI the SN ejecta is still hot and X-ray emitting at 
temperatures of 10 6-7 K. 



and expand little beyond that. The low density IGM marginally resists the outflows, 
and it is preferentially enriched instead of the surrounding filaments and halos. 

It should be noted that this calculation is an upper limit of metallicities since all 
stars end with a SN. Nevertheless the mixing and transport of the first metals is a 
fundamental element of the transition to Pop II stars and is beneficial to study in 
detail. All quoted metallicities are in units of solar metallicity. The metallicities also 
scale linearly with metal yield of each SN because we treat the metal field as a tracer 
field that is advected with the fluid flow. We quote the metallicities according to this 
scaling. 

When the most massive halo reaches a virial temperature of 10 4 K at z = 16.8, met- 
als are thoroughly mixed in the halo, and its mean metallicity is lO~ 4 ' 8 (M y i e id/M ), 
where M yie id is the metal ejecta from one SN in units of solar masses. The metallicity 
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Fig. 6.6. — The same phase diagram of SimB-SNe in Figure EH but colored by mean 
metallicity. The SN remnants that are warm and diffuse (p < 10~ 3 cm -3 ) have solar 
metallicities or greater. The majority of the ISM has metallicities ~10" 2 5 solar. The 
densest, collapsing material has a metallicity ~10 -3 ' 5 solar. 

of this halo fluctuates around this value because stars continue forming but ejecting 
most of their metals into the IGM. Also the filaments are still mostly pristine and 
provide a source of nearly metal-free cold gas. The volume averaged metallicity of 
the enriched IGM (6 < 10) is lO~ 3 ' 7 (M yie i d /M ), compared to the filaments and halos 
(5 > 10) that are less enriched with lO~ 4 ' 5 (M yie id/M ). The metal volume filling frac- 
tion is 4.3% of the volume where we allow star formation to occur. This percentage 
should be higher than the cosmic mean because this co moving volume of (205 kpc) 3 
is a biased with an overdensity 5 = p/p = 1.8. Thus star formation rates are greater 
than the mean since there are more high-a peaks, and the metal filling fraction should 
scale with this bias. 

Figure 16.61 shows the same p-T phase diagram as in Figure 16.41 but colored by the 
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log p [cm ] 



Fig. 6.7. — The same phase diagram of SimB-SNe in Figure [631 but colored by mean 
metallicity. 

mean metallicity of the gas. These data are taken immediately before the formation 
of a star with a metallicity of 10~ 5 " 5 (Myi e id/M Q ). There are three distinct metallicity 
states in the halo. The majority of the gas in the halo has a density between 10 -3 and 
1 cm -3 . This gas has a mean metallicity of lO _4 ' 4 (M y i e id/M0). At higher densities, the 
metallicity is slightly lower at lO _5 4 (M y i e id/M0). The same preferential enrichment 
of diffuse regions may have caused the lower metallicities in this dense cloud. The 
third phase is the warm, low density (p < 10 -4 cm -3 ) gas that exists in recent SN 
remnants and has solar metallicities and greater. Figure 16.71 depicts the state of the 
most massive halo 30 kyr after a SN, where the hot phase produced by a SN is super- 
solar. The high-density tail of the ejecta is the SN shell and is mixing with the lower 
metallicity ambient medium. As the ejecta expands and cools, it will contribute to 
the warm, low density, solar material in the lower-left of the phase diagram. 
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Fig. 6.8. — Star formation history of SimB-SN. The y-axis shows the total mass of the 
host halo. The symbols indicate the different metallicities of the stars and are labeled 
in the legend. The dashed line marks the mass of a halo with a virial temperature of 
4000 K, approximately at which multiple sites of star formation occur. 



6.3.5 Metal-enriched Star Formation History 



The star formation history of SimB-SN is depicted in Figure [6781 by plotting the total 
mass of the host halo versus the formation redshift. The different symbols represent 
the metallicity of the star. Before redshift 20, zero metallicity stars form in low- 
mass halos, whose masses increase from 5 x 1O 5 M to 2 x 1O 6 M due to negative 
feedback fro m the LW flux and UV heating from earlier stars. This agrees with 

(120011 ) . who demonstrated the critical halo mass to 



the results of 



Machacek et al. 



cool increases with the LW radiation background intensity. There are two stars that 
form in halos with masses of 3 — 5 x 1O 5 M because of the positive feedback from 
a SN blast wave impacting a satellite halo and creating excess electrons that induce 
H 2 cooling ( Ferraral . 119981 ). 

The first instance of a metal enriched star occurs at z — 24.6 with a metallicity of 
lO~ a4 (M y i e id/M0) in the most massive halo with a mass of 3.4 x 10 6 M Q . The gas that 
was reincorporated into the host halo was enriched by the star that formed at z — 31. 
The resulting SN again expels the gas from the halo. The gas is reincorporated 
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again so stars can form in the same halo around redshift 21. Here three instances of 
star form with metallicites of [-8.2, -8.1, -4.3] (M yield /M ). The aggregate energy 
from these three SNe expel most of the gas from the potential well yet again, and 
the most massive halo does not form any stars until z = 16.8. Similar instances of 
reincorporation of enriched material happens for smaller halos at redshifts less than 
20. There is one metal enriched star with a metallicity of lO _4 ' 8 (M yie id/M0) that 
forms in a low-mass halo with a mass of 2.7 x 1O 5 M at z — 17.2. This halo was 
a satellite of a more massive star forming halo that was enriched by a SN blastwave 
originating from the parent halo. 



6.4 Discussion 

We find that the combination of Pop III stellar feedback and continued H 2 cooling in 
T vir < 10 4 K halos alters the landscape of high- redshift galaxy formation. The most 
drastic changes are as follows: 

1. Dynamic assembly of dwarf galaxies — A striking difference when we include 
Pop III radiative feedback are the outflows and gas inhomogeneities in the halos 
and surrounding IGM. The outflows enrich the IGM and reduce the baryon fraction 



of the 1 4 K halo as 
0.17 (cf. lYoshida et all 



ow as 0.05, much l ower than the cosmic fraction Q^/Q 



2006a 



Abel et al. 



20071 ). This substantially differs from the 



current theories of galaxy formation where relaxed isothermal gas halos hierarchically 
assemble a dwarf galaxy. Furthermore, Pop III feedback increases the total baryonic 
angular momentum of the system by a factor of 2-5 without SNe and up to 10 with 
SNe. 

2. Pop III sphere of influence — Pop III feedback is mainly a local phenomenon 
except its contribution to the UVB. How far its H II region, outflows, and metal 
ejecta (if any) extend will predominately determine the characteristics of the next 
generation of stars. Highly biased (clustered) regions are significantly affected by 
Pop III feedback, whereas isolated halos will feel little feedback. The first galaxies 
will form in these biased regions and thus should be significantly influenced by their 
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progenitors. 

3. Dependence on star forming progenitors — Although our study of calculations 
with SNe only provided an upper limit of metal enrichment, it is clear that the metal- 
licity, therefore metal-line and dust cooling and low-mass star formation, depends on 
the nature of the progenitors of the dwarf galaxy. If the galaxy was assembled by 
smaller halos that hosted a Pop III star that did not produce a SN, the galaxy will 
continue to have a top-heavy initial mass function (IMF). 

4. Complex protogalactic ISM — The interplay between stellar and SNe feedback, 
cold inflows, and molecular cooling produce a truly multi-phase ISM that is reminis- 
cent of local galaxies. The cool, warm, and hot phases are interspersed throughout 
the dwarf galaxy, whose temperatures and densities can span up to three orders of 
magnitude at a given radius. 

5. Metallicity floor — When the halo is massive enough to host multiple sites of 
star formation, the metal ejecta does not significantly increase the mean metallicity 
of the host halo. There seems to be a balance between galactic outflows produced 
from SNe, inflowing metal-enriched and pristine gas, and SNe ejecta that is not blown 
out of the system. In our high yield models, the metallicity interestingly fluctuates 
around 10 _3 Z Q in the most massive halo when this balance occurs at and above mass 
scales ~1O 7 M . 

Clearly the first and smallest galaxies are complex entities, contrary to their low 
mass and generally assumed simplicity. Our calculations reflect the important role of 
Pop III stellar feedback in early galaxy formation. 

These high-redshift galaxies have a ~5-15% chance of being undisturbed by merg - 
ers until the present day, being "fossils" of reionization (IGnedin &: Kravtsovl . 120061 ). 
Dwarf spheroidals (dSph) galaxies are some of the darke st galaxies in the universe, 
having high mass-to- light ratios up to 100 (IMated . Il998l ). Gas loss in dSph's close 



to the Mi 



ky Way or M31 ca n be explained by gas tidal stripping during orbital en- 



counters (Mayer et al. 



20071 ). However there are some galaxies (e.g. Tucana, Cetus) 



removed from both the Milky Way and Andromeda galaxies and cannot be explained 
by tidal stripping. In addition to ultraviolet heating from reionization (Bullock et 
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al., 



2000 



Susa fc Umemura 



20041 ) and intrinsic star formation (IMac Low fc Ferrara 



19991 ). perhaps stellar feedback from Pop III stars influenced the gas-poor nature of 



dSph's. Even at the onset of widespread star formation in the objects studied here, 
the baryon fraction can be three times lower than the cosmic mean, and the dwarf 
galaxy may never fully recover from the early mass loss. This initial deficit may play 
an important role in future star formation within these low-mass galaxies and could 
partially explain the lack of gas in isolated dSph's. 

With the radiative and chemical feedback from the progenitors of the early dwarf 
galaxies, we have an adequate set of cosmological "initial conditions" to study the 
transition from Pop III to metal-enriched (Pop II) stars. In this setup, the current 
metal tracer field would actually contribute to the radiative cooling. To accomplish 
this, we need to include a metal-line and dust cooling model to investigate the dy- 
namical effect of this additional cooli ng. However, metal-li ne cooling might not be 
important at these low metallicities. iJappsen et al.l (120071 ) showed that metal-line 
cooling at metallicities below 10~ 2 Z Q does not significantly affect the dynamics of 
a collapsing halo. Conversely, dust coolin g can induce fragmenta tion of solar mass 
fragments at metallicities as low as ~10 -6 (ISchneider et al.l . 120061 ). 

Perhaps when the protogalactic gas cloud starts to host multiple sites of star for- 
mation, the associated SNe produce sufficient dust in order for a transition to Pop II. 
In lower mass halos, the SN ejecta is blown out of the halo, and future star formation 
cannot occur until additional gas is reincorporated into the halo. However in these 
halos with masses >, 10 7 M Q , the SN does not totally disrupt the halo. A fraction of 
the SN ejecta is contained within the halo and could contribute to subsequent sites 
of star formation. Now this SN ejecta and associated dust could instigate the birth 
of the first Pop II stars. 

As discussed above, the metallicity of the most massive halo fluctuates around 
10~ 3 Z Q . This is intriguingly the same value as a sharp cutoff i n stellar metal licities 



in four loca 



Helmi et al. 



dSph 's: Sculptor, Sextans, Fornax, and Carina (ITolstoy et al. 



2004 



o stars, whose metal- 



20061 ). This is in cont rast with the galac t ic ha . 
poor tail extends to Z/Z Q = 10~ 4 (IBeers &: Christliebl . 120051 ) . We must take care 



when comparing our results to observations since we made the simplification that 
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Helmi et al. 



the 



every Pop III star produces a pair-instability SN. As discussed in 
galactic halo may be composed of remnants of galaxies that formed from high-cr 
density fluctuations, and dwarf galaxies originate from low-cr peaks. In this scenario, 
the objects (or its remnants) simulated here would most likely reside in galactic halos 
at the present day. If we attempt to match this metallicity floor of 10~ A Z Q in the 
galactic halo, this requires ~8M of metals produced for every Pop III star or roughly 
one in ten Pop III stars ending in a pair-instability SN. 



6.5 Summary 

Radiative feedback from Pop III stars play an important role in shaping the first 
galaxies. We studied the effects of this feedback on the global nature of high-redshift 
dwarf galaxies, using a set of five cosmology AMR simulations that accurately model 
radiative transfer with adaptive ray tracing. Additionally, we focused on the metal 
enrichment of the star forming halos and their associated star formation histories. 
Our key findings in this paper are listed below. 

1. Dynamical feedback from Pop III stars expel nearly all of the baryons from 
low-mass host halos. The baryon fractions in star forming halos never fully recover 
even when it reaches a virial temperature of 10 4 K. The baryon fraction is reduced 
as low as ~0.05 with SNe feedback, three times lower than the cases without stellar 
feedback. 

2. The expelled gas gains angular momentum as it exists at large radii. When 
it is reincorporated into the halo, it increases the spin parameter by a factor of 2-5 
without SNe and up to 10 with SNe. 

3. The accurate treatment of radiative transfer produces a complex, multi-phase 
ISM that has densities and temperatures that span up to 4 orders of magnitude at a 
given radius. 

4. Pair-instability SN preferentially enrich the IGM to a metallicity an order of 
magnitude higher than the surrounding overdensities. 

5. Once a SN explosion cannot totally disrupt its host halo, the mean metallicity 
fluctuates around lO~ 4 8 (M yield /M ) as there may be a balance between SN outflows, 
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cold inflows, and contained SNe ejecta. 

We conclude that Pop III stars play an integral part in the early universe as they 
determine the characteristics of the first galaxies, which then reionize the universe and 
may survive until the present day. Their feedback is essential to consider in the early 
universe because of their large masses and luminosities and being hosted in shallow 
potential wells. Although our high-resolution simulations included an accurate model 
of radiative transfer, there are still uncertainties in the true nature of the first galaxies, 
arising from the unknown primordial IMF. With future observations of early dwarf 
galaxies at z > 6, it will be possible to infer some details about the first stars by 
using theoretical predictions from cosmological simulations that accurately model 
their stellar feedback. 



Chapter 7 

How Massive Metal- Free Stars 
Start Cosmological Reionization 

We considered the impact of Pop III star formation on early dwarf galaxies in the last 
section. Now we focus on the global impact of these stars on cosmological reionization 
and the nature of star formation during this epoch. We show that Pop III stars 
reionize the universe to ~10%, where reionization is completed by low-luminosity 
galaxies. Nevertheless, it is important to gauge the transition from isolated primordial 
star forming regions to galaxies. The heating and reionization of the IGM by Pop 
III stars suppresses galaxy formation that are forming from pre-heated gas. Star 
formation in these galaxies are regulated by Jeans smoothing instead of the ability 
to radiatively cool through atomic line transitions. 

As we noted in Chapter [2], the SNe from Pop III stars will only be detectable by 
JWST but not the main sequence radiation. It is timely to establish other constraints 
on Pop III star formation. One of these constraints is the thermal history of the 
universe. In these simulations, we can directly track this and perhaps connect them 
with observed IGM temperatures at z ~ 4. Furthermore, some local dwarf galaxies 
may hold clues about the first stars in their structures and properties, e.g. mass-to- 
light ratios, metallicity gradients, stellar ages, and abundance patterns. 

This chapter specifically concentrates on the properties of star formation in these 
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low-mass halos in the presence of stellar feedback and the characteristics of the begin- 
ning of cosmological reionization caused by these massive, metal-free stars. This chap- 
ter is in preparation for publication in The Astrophysical Journal. It is co-authored 
by Tom Abel, who developed the original version of the adaptive ray tracing code 
used in these simulations. 



7.1 Motivation 



It is clear that quasars are not responsible to keep the universe ionized at redshift 6. 
The very brightest galaxies at those redshifts alone also provide few photons. The 



dominant sources of reionization so far are observatio nally un 



able advances in finding sources at hig 



20041 : 



Fan et al. 



2006 



i redshift (e.g. 



Thompson et al. 



2006 



mown despite remark 



Shapiro 



Evles et al. 



1986 



Bouwens et al 



num ber of unresolved sources at very high reds hifts ( Spergel et al. 
et al.. 



200 6f) and hint s for a large 
Kashlinsky 



2006 



20071 ). At the same time, ab initio numerical simulations of structure formation 



in the concordance model of structure formation have found that the first luminous 



objects in the universe are form ed inside of co^ 
of total masses 2 x 10 5 — 10 6 M W ( Haiman et al. 



d dark matter (CDM) dom i nated halos 



199 



6; 



19981 ). Fully cosmological ab i nitio calculations of 



recently 



Yoshida et al. 



Tcgmark et al 



Abel et al 



(12000 



1997 



Abel et al. 



, |2002| ) and more 



(l2006bl ) clearly show that these objects will form isolated very 
massive stars. Such stars will be copious emitters of ultraviolet (UV) radiation and 
are as such prime suspects to get th e process of co s molog ical reionization star t ed. In 
fact, one dimensional calculations of 



Whalen et al. 



(120041 ) and lKitavama et all (120041 1 



have already argued that the earliest H II regions will evaporate the gas from the 
host halos and that in fact most of t he UV radiation of such star s would esca p e into 
the intergalactic medium. Recently, 



Yoshida et al. 



(2006a|) and 



Abel et al. 



(I2007t ) 



demonstrated with full three-dimensional radiation hydrodynamical simulations that 
indeed the first H II regions break out of their host halos quickly and fully disrupt the 
gaseous component of the cosmological parent halo. The initially circumstellar ma- 
terial of the first stars finds itself radially moving away from the star at ~ 30 km s _1 
at a distance of ~ 100 pc at the end of the stars life. At this time, the photo-ionized 
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regions have high electron fractions and little destructive Lyman- Werner band radia- 
tion fields, creating ideal conditions for molecular hydrogen formation which may in 
fact stimulate further star formation above levels that would have occurred without 
the pre-ionization. Such conclusion have been obtained in calculations with approxi- 



mations to m u 
(Ric otti et al 



ti dimensional radiative transfer or one dimensional numerical models 



2002a 



Nagakura Omu kai 



2006al : lAhn fc Shapiro 



2007 



2005 



Johnson et al 



12007^ 



O'Shea et al. 



2005 



Yoshida et al 



These early stars may also ex- 
plode in supernovae and rapidly enrich the surrounding material with heavy elements, 
deposit kinetic energy and entropy to the gas out of which subsequent structure is to 
form. This illustrates some of the complex interplay of star formation, primordial gas 
chemistry, radiative and supernova feedback and readily explains why any reliable 
results will only be obtained using full ab initio three dimensional hydrodynamical 
simulations. In this paper, we present the most detailed such calculations yet car- 
ried out to date and discuss issues important to the understanding of the process of 
cosmological reionization. 

It is timely to develop direct numerical models of early structure formation and 
cosmological reionization as considerable efforts are underway to 

1. Observa tionally find the earl iest galaxies with the James Webb Space Telescope 



fJWST; 



Gardner et al.. 



Wilson et al. 



2005 



20o3) and the Atacama Large Millimeter Array (ALMA; 



2. Further constrain the amount and spatial no n-uniformity of th e polarization of 
the cosmic microwave background radiation (IPage et all 120061 ). 



3. Measure the surface o 



( iBowman et ah 



2007 



Array (SKA; ISchilizzil . [200J), and 



reionizati on with LOFAR (IRotteering et all 120061 1 . MWA 
), GMR T (ISwarup et all 119911 ) and the Square Kilometer 



4. Find high redshift gamma ray bursts with SWIFT (IGehrels et all 12004 ) and 
their infrared follow up observations. 

We begin by describing the cosmological simulations that include primordial star 
formation and accurate radiative transfer. In §7.31 we report the details of the star 
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formation environments and host halos in our calculations. Then in §7.41 we describe 
the resulting cosmological reionization, and investigate the environments in which 
these primordial stars form and the evolution of the clumping factor. We compare 
our results to previous calculations and further describe the nature of the primordial 
star formation and feedback in §7.51 Finally we summarize our results in the last 
section. 



7.2 Radiation Hydrodynamical Simulations 



We use radiation hydrodynamical simulations with a modified version of the cosmo- 
logical AMR code Enzo to study the radiative effects from the first stars fBryan & : 
Norman, 119971 . Il999l ). We have integrated adaptive ray tracing (lAbel &: Wandeltl . 



20021 ) into the chemistry, energy, and hydrodynamics solvers in Enzo that accurately 
follow the evolution of the H II regions from stellar sources and their relevance during 
structure formation and cosmic reionization. 

Seven different simulations are discussed here. Table 13.11 gives an overview of the 
parameters and the physics included in these calculations. We perform two cosmolog- 
ical realizations, Sim A and B, with three sets of assumptions about the primordial 
gas chemistry. The simplest calculations here assume only adiabatic gas physics and 
provide the benchmark against which the more involved calculations are compared. 
We compare this to one model with atomic hydrogen and helium cooling only and 
one that includes H 2 cooling. Massive, metal-free star formation is included only in 
the H2 cooling models. 



Table 7.1: Simulation Parameters 



IVTp Trip 




(Innlincr mnnp 
v^CUllllg, 111CU.C1 


kJ-L 


SNe 


N 


part 


N ■ i 






N ii 

iN| cell 




[Mod 






















SimA-Adb 


1.0 


Adiabatic 


No 


No 


2.22 


X 


10 7 


30230 


9.31 


X 


10 7 (453 3 ) 


SimA-HHe 


1.0 


H, He 


No 


No 


2.22 


X 


10 7 


40601 


1.20 


X 


10 8 (494 3 ) 


SimA-RT 


1.0 


H, He, H 2 


Yes 


No 


2.22 


X 


10 7 


44664 


1.19 


X 


10 8 (493 3 ) 


SimB-Adb 


1.5 


Adiabatic 


No 


No 


1.26 


X 


10 7 


23227 


6.47 


X 


10 7 (402 3 ) 


SimB-HHe 


1.5 


H, He 


No 


No 


1.26 


X 


10 7 


21409 


6.51 


X 


10 7 (402 3 ) 


SimB-RT 


1.5 


H, He, H 2 


Yes 


No 


1.26 


X 


10 7 


24013 


6.54 


X 


10 7 (403 3 ) 


SimB-SN 


1.5 


H, He, H 2 


Yes 


Yes 


1.26 


X 


10 7 


24996 


6.39 


X 


10 7 (400 3 ) 



Note. — Col. (1): Simulation name. Col. (2): Box size. Col. (3): Cooling model. 
Col. (4): Star formation. Col. (5): Supernova feedback. Col. (6): Number of dark 
matter particles. Col. (7): Number of AMR grids. Col. (8): Number of unique grid 
cells. 
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These calculations are initialized at redshift z = 130 (120 )Q when the intergalactic 
medium has a temperature of 325 (280) K in box sizes 1 comoving Mpc (1.5 Mpc) 
for Sim A (B). We use the cosmological parameters of (fish 2 , Qm, h, a 8 , n) = 
(0.024, 0.27, 0.72, 0.9, 1) from first y ear WMAP results, where the constants have 



the usual mean i ng (jSpergel et al 



2003). The changes in the third year WMAP results 



(jSpergel et al.l . 120061 ) does not affect the evol ution of individual ha los studied here 
but only delays structure formation by ~40% (jAlvarez et al.l . l2006fi ). The adiabatic 



simulations as well as the a tomic hydrogen and helium cooling only calculations are 
described in 



Wise fc Abel 



(l2007al ). The new models presented here have the exact 
same setup and random phases in the initial density perturbation and only differ in 
that they include star formation as well as follow the full radiation hydrodynamical 
evolution of the H II regions and supernova feedback in Sim B. We use the designations 
RT and SN to distinguish cases in which only star formation and radiation transport 
were included (RT) and the one model which also includes supernovae (SN) in Sim 
B. We use the same refinement criteria as in our previous work, where we refine if 
the DM (gas) density becomes three times greater than the mean DM (gas) density 
times a factor of 2 l , where I is the AMR refinement level. We also refine to resolve 
the local Jeans length by at least 16 cells. Cells are refined to a maximum AMR level 
of 12 that translates to a spatial resolution of 1.9 (2.9) comoving parsecs. Refinement 
is restricted to the innermost initial nested grid that has a side length of 250 (300) 
comoving kpc. 



Wise fc Abel 



The star formation recipe and radiation transport are detailed in 
(l2007d ). Here we overview the b asics about our method. Star formation is modelled 
using the ICen fc Ostrikerl (jl992l ) algorithm with the additional requirement that an 
H-2 fraction of 5 x 10 -4 must exist before a star forms. We allow star formation to 
occur in the Lagrangian volume of the surrounding region out to three virial radii from 
the most massive halo at z = 10 in the dark matter only runs as discussed in Wise & 



Abel ( I2007al ). This volume that has a side length of 195 (225) comoving kpc at z = 30 
and 145 (160) comoving kpc at the end of the calculation. The calculations with SNe 



*To simplify the discussion, simulation A will always be quoted first with the value from simulation 
B in parentheses. 
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use a stellar mass M+ of 17OM , whereas the ones without SNe use a mas s of lO OM^. 
The ionizing luminosities are tak en from no mass lo s s mod els of ISchaererl (120021 ). and 
we employ the SN energies from lHeger fc Woosleyl (120021 ) . Star particles after main 
sequence are tracked but are inert. There is evid e nce o f lower mass primordia 



2005 



Yoshida et al 



stars 



2006aJ), but 



forming within relic H II regions (lO'Shea et all 
we neglect this to avoid additional uncertain parameters. This is a desired future 
improvement, however. 

We use adaptive ray tracing (I Abel fc Wandeltl . 120021 ) to calculate the photo- 
ionization and heating rates caused by stellar radiation. We consider photo-ionization 
from photons with an energy of 28.4 (29.2) eV that is the mean energy of ionizing 
radiation from a metal-free star with 100 (170) M & . We account for H 2 photo- 
dissociation with a 1/r 2 Lyman- Werner radiation field without self-shielding. We use 



a non-equilibriu m, nine-spe cies 



solver in Enzo (I Abel et al. 



H, H+, He, He+ , He++ , e", H 2 , FL+, FT) chemistry 



1997 



Anninos et al. 



19971 ) that takes into account the 



additional photo-ionization from the radiation transport. 

We present results from SimA to a redshift of 20, which we stop because of comput- 
ing constraints. In SimB, we end the simulations when the most massive halo begins 
to rapidly collapse (i.e. t coo i < td yn ) in the hydrogen and helium cooling only runs at 
redshift 16.8. The virial temperature T vir of the halo is ~ 10 4 K at this redshifts. 



7.3 Star Formation 



Here we describe the aspects of massive metal-free star formation in our simulations. 



The first star forms at redshift 29.7 (30.8) in halo typical o 
without any feedback t hat has a mass of_~ 5 x_l_O^M (cf. 



Machacek et al. 



2001 



Pop HI star formation 



Abel et al. 



2000 



2002 



Yoshida et al. 



2003 



2006al ). Afterwards there are a total 



of 6, 27, and 20 instances of star formation in SimA-RT, SimB-RT, and SimB-SN, 
respectively. 
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Fig. 7.1. — Cumulative star formation rate in units of co moving M Mpc" 3 of SimA- 
RT (black solid), SimB-RT (red dashed), and SimB-SN (green dot-dashed). The 
star formation rate of SimB-SN has been scaled by 100/170, which is the ratio of 
Pop III stellar masses used in SimB-RT and SimB-SN, in order to make a direct 
comparison between the two simulations. The brown dot- dot- dashed line represents 
the cumul ative star formation rate in atomic hydrogen cooling halos from Hernquist 



& Springel (|2odJ 



7.3.1 Star Formation Rate 

We show the cumulative star formation rate (SFR) in units of comoving M & Mpc -3 in 
Figure EH This quantity is simply calculated by taking the total mass of stars formed 
at a given redshift divided by the comoving volume where stars are allowed to form 
(see §7.21) . In this figure, we decrease the SFR of SimB-SN by a factor of 1.7 in order 
to directly compare the rates from the other two simulations. This minimizes some 
of the uncertainties entered into our calculations when we chose the free parameter 
of Pop III stellar mass. The cumulative rates are very similar in both realizations. 
The refined volume of Sim A (Sim B) has an average overdensity 5 = p/p = 1.4 (1.8). 
The more biased regions in Sim B allows for a higher density of star-forming halos 
that leads to the increased cumulative SFR. 

We also over plot the cumulative SFR in atomic hydrogen cooling halos from Hern- 
quist & Springel (120031 ) in this figure. It is up to an order of magnitude lower than 
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Redshift 



Fig. 7.2. — Comoving star formation rate in units of M yr _1 Mpc -3 . The lines 
representing the simulation data have the same meaning as in Figure ITTTl The crosses 
show at which redshifts stars form. The rates in SimB-SN are scaled for the same 
reason as in Figure 17.11 Fo r comparison, we overplot the star format ion rates from 



Hernquist fc Springell (120031 ) in atomic hydrogen line cooling halos and lYoshida et al. 
(j2003j) for 100M© Pop III stars. 



the rates seen in our calculations up to redshift 20. They only focused on larger mass 
halos in their simulations. The disparity between the rates is caused by our simu- 
lations only sampling a highly biased region, where we focus on a region containing 
a 3-cr density fluctuation , and from the contribution from Pop III stars. The rates 
of iHernquist fc Springell (120031 ) are calculated from an extensive suite of smoothed 



particle hydrodynamics simulations that encompasses both large and small simula- 
tion volumes and give a more representative global SFR due to their larger sampled 
volumes. However, our adaptive spatial resolution allows us to study both the small- 
and large-scale radiative feedback from Pop III stars, which is the main focus of the 
paper, in addition to the quantit ative measures such as a SFR. 

in units of comoving M yr _1 



Madau et al. 



1996 



To calculate a true SFR (i.e. 
Mpc~ 3 ) from the cumulative SFR, we first fit the cumulative SFR with a cubic spline 
with 10 times the temporal resolution. Then we smooth the data back to its original 
time resolution and evaluate its time derivative to obtain the SFR that we show in 
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Figure I7T21 We also mark the redshif ts of star formation wi t h cros ses. We again com- 



pare our rates to ones c a. 



stars and 



Yoshida et al. 



Hernquist fc Springell (120031 ) for metal-enriched 



culated in 

:or Pop III stars with a mass of 100 M Q . Our rates 



are higher for reasons discussed previously. We do not advocate these SFRs as cosmic 
averages but give them as a useful diagnostic of the performed simulations. 

We see an increasing function from 4 x 10~ 4 M yr _1 Mpc -3 at redshift 30 to 
~6 x 10" 3 M Q yr" 1 Mpc" 3 at redshift 20. Here only one star per halo forms in 
objects with masses <5x 1O 6 M . Above this mass scale, star formation is no longer 
isolated in nature and can be seen by the bursting nature of the star f ormation after 
redshi ft 20, where the SFR fluctuates around 10~ 2 M yr" 1 Mpc" 3 (cf. 



Ricotti et al. 



2002bj). Since we neglect H 2 self-shielding, the strong Lyman- Werner (LW) radiation 



dissociates almost all H 2 in the host halo and surrounding regions. Thus we rarely see 
simultaneous instances of star formation. However, the regions that were beginning 
to collapse when a nearby star ignites form a star 3-10 million years after the 
nearby star dies. This only results in a minor change in the timing of star formation. 
Furthermore this delay is minimal compared to the Hubble time and does not affect 
SFRs. 



7.3.2 Star Forming Halo Masses 

We show the star formation history versus the host halo DM masses as a function of 
redshift in Figure 17.31 T he DM halo masses are calculated with the HOP algorithm 



(lEisenstein fc Hut 



1998|) . First we focus on star formation in the largest halo. Around 



redshift 30, the first star forms in all three simulations within a halo with a mass 
~5 x 10 5 M Q . The stellar radiation drives a ~30 km s _1 shock wave that removes 
almost all of the gas from the shallow potential well. It takes approximately 40 million 
years for gas to reincorporate into the potential well from smooth IGM accretion and 
mergers. At z ~ 24, the second star forms in the most massive progenitor that now 
has a mass of ~3 x 1O 6 M . Yet again, the stellar feedback expels most of the gas 
from its host. For Sim A (Sim B), another 50 (30) million years passes before the next 
star forms in this halo. Now it has a mass of 10 7 M Q , which is a sufficient amount 
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Fig. 7.3. — Star formation history versus host halo DM mass for SimA-RT (black cir- 
cles), SimB-RT (red squares), and SimB-SN (green triangles). One symbol represents 
one star. The numbers correspond to the halo numbers listed in Table I7.21 



of potential energy to confine most of the stellar and SNe outflows. In SimA-RT and 
SimB-RT, the halo now hosts multiple sites of star formation that is seen in the nearly 
continuous bursts of star formation in the most massive halo. However in SimB-SN 
at z — 20.8, three stars form in succession in the most massive halo. Their aggregate 
stellar and SNe feedback expels the gas from its halo one more time. 

Most of the stars form in low-mass halos with masses ~10 6 M that are forming 
its first star between redshifts 18 - 25 in our calculations. A slight increase in host 
halo masses with respect to redshift occurs because of the negative feedback from 
ionization, ultraviolet heating, and H 2 dissociation from previ ous stars that increases 
the critical ha l o mass in which gas can coo l and condense (e.g. 



Yoshida et al 



2003 



Machacek et al 



2001 



Mesigner et all 12009 ). 



One interesting difference in SimB-SN from the other calculations is that it forms 
stars in halos with masses with <, 5 x 1O 5 M when stars are mainly forming in more 
massive halos. In these cases, the SN shell expands into the ambient medium and 
impacts the surrounding satellite halos. The blast wave in duces star form ation in 
low-mass halos that otherwise would not have formed a star (IFerraral . Il998l ). 
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Radius [pc] Radius [pc] 

Fig. 7.4. — Radial profiles of number density (left column) and temperature (right column) for 
selected star forming halos inside the virial radius. These data represent the state of the region 
immediately before star formation. Notice the added complexity (range) in the density and temper- 
ature with increasing host halo mass, especially if the region has been affected by stellar radiation, 
as in Halos 3, 4, 5, 10, 11, and 12. The discontinuities in density in the inner parsec arise from our 
star formation recipe when we remove half the mass in a sphere containing twice the stellar mass. 
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Table 7.2: Selected Star Forming Halo Parameters 



# 


Sim 


z 


M vir 


fb 


Pc 


T c 








[M Q ] 




[cm -3 ] 


[K] 


1 


SimB-RT 


30.8 


4.7 x 10 5 


0.089 


3000 


330 


2 


SimA-RT 


29.7 


4.8 x 10 5 


0.094 


3000 


310 


3 


SimB-RT 


23.8 


4.7 x 10 6 


0.036 


1400 


310 


4 


SimB-SN 


20.9 


1.1 x 10 7 


0.051 


350 


460 


5 


SimB-SN 


19.5 


4.3 x 10 5 


0.017 


470 


170 


6 


SimB-RT 


19.1 


2.3 x 10 6 


0.13 


1500 


360 


7 


SimB-SN 


17.8 


1.0 x 10 6 


0.18 


1100 


390 


8 


SimB-RT 


17.0 


3.1 x 10 7 


0.10 


440 


1000 



Note. — Col. (1): Halo number. Col. (2): Simulation source. Col. (3): Redshift. 
Col. (4): Virial mass. Col. (5): Baryon mass fraction. Col. (6): Central number 
density. Col. (7): Central temperature. 



7.3.3 Star Formation Environments 

We further study the nature of high-redshift star formation by selecting eight star 
forming regions and studying the surrounding interstellar medium (ISM) prior to 
star formation. The ISM in the 10 4 K halos are described in more detail in Wise & 



Abel ( 12007d ). The sample of regions are chosen in order to compare different star 
formation environments. These regions can be categorized into (1) first star inside 
an undisturbed halo, (2) first star that is delayed by LW radiation, (3) induced star 
formation by positive feedback, (4) star formation after gas reincorporation, and (5) 
star formation in a halo with a virial temperature over 10 4 K. The represented halos 
and their parameters are listed in Table 17.21 and annotated in Figure 17.31 

We plot the mass- weighted radial profiles of number density (left columns) and 
temperature (right columns) within the virial radius for these eight halos in Figure 
17.41 and describe them below. 

1. First star (Halo 1, 2) — These stars are the first to form in the simulation 
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volume. The structure of the host halos within our resolution limit exhibit similar 
characteristics, e.g., a self-similar collapse a n d central temperatures of 300 K, as 



in pre vious studies (lAbel et al. 



2000 



2002 



Bromm et al. 



2002 



Yoshida et al. 



2006bl ). The halo masses are 4.8(4.7) x 10 5 M Q . Heating from virialization raises 



gas temperatures to 3000 K, and in the central parsec, H2 cooling becomes effective 
and cools the gas down to 100 K that drives the free-fall collapse. The central gas 
densities and temperatures are approximately 3000 cm -3 and 320 K, respectively. 

2. Delayed first star (Halo 6, 7) — The host halos have similar radial profiles 
as the halos that hosted the first stars but with masses of 1 — 3 x 10 6 M Q . Here 
the H 2 cooling has been stifled by the LW radiation from nearby star formation. 
Only when th e halo mass passes a c r itical mass, the core can cool and condense by 



H2 formation ( Machacek et al. 



2001 



Yoshida et al. 



20031 ). The central densities are 



slightly lower than the first stars with 1500 and 1100 cm 3 in SimB-RT and SimB-SN, 
respectively. The central temperatures are marginally higher at 360 and 390 K. 

3. Induced star formation (Halo 5) — At z — 19.61, a massive star explodes in a 
SN, whose shell initially propagates outward at 4000 km s _1 . After two million years, 
the shell passes a satellite halo with 4 x 1O 5 M that is 480 pc from the origin of the 



SN. The combination of the shock passage and e xcess fre e electrons in the re 
catalyze H.? formation in this low-mass halo (e.g. 



Ferrara 



199 



O'Shea et al. 



ic H II 



2005; 



Mesigner et al.l . 120061 ). The SN blast wave heats the gas over 10 4 K to radii as low 



as five parsecs. In the density profile, both low and high density gas exists at similar 
radii. Here the shock passage creates a tail of gas streaming from the central core, 
whose asymmetries can be seen in the density profile. However, the core survives and 
benefits from the excess electrons created during this event. The central temperature 
is interestingly a factor of two lower than the previous cases at 170 K. The H2 criterion 
for star formation is reached faster because of the excess electrons, which creates a 
star particle at a lower density (470 cm -3 ). 

4. Star formation after reincorporation (Halo 3, 4) — After a sufficient amount of 
gas that was expelled by dynamical feedback of the first star is reincorporated into 
the halo, star formation is initiated again. Here virial temperatures of the halos are 
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under 10 4 K. Halo 3 is the second instance of star formation in this halo, whereas 
the other halos are forming their third star. These halos have a larger spread in gas 
densities and temperatures than the halos forming their first star. Gas is heated by 
virialization and prior stars to over 10 4 K outside 10 pc. The central quantities in halo 
3 are similar to the regions described in the delayed star formation section. Halos 4 
shows a more diffuse and warmer core with densities of 350 cm -3 and temperatures 
of 460 K. 

5. Star formation in 10 4 K halos (Halo 8) — In this halo, H 2 formation is aided 
by atomic hydrogen cooling. The ISM becomes increasingly complex as more stars 
form in the halo. The temperatures range from 100 K to 20,000 K throughout the 
halo. It has hosted eight massive stars since it started to continually form stars at 
redshift 21. The densities are similar to the other regions that have been affected by 
other stars. 

7.4 Starting Cosmological Reionization 

In this section, we first describe the ionizing radiation from massive stars that starts 
cosmological reionization. Then we discuss the effects of recombinations in the inho- 
mogeneous IGM and kinetic energy feedback from Pop III stars. Lastly the evolution 
of the average IGM thermal energy is examined. 

To illustratively demonstrate radiative feedback from massive stars on the host 
halos and IGM, we show projections of gas density and temperature that are density- 
squared weighted in Figures 17.51 and 17.61 for all of the simulations at redshift 20 and 
18, respectively. These projections have the same field of view of 8.5 proper kpc and 
the same color maps. The large-scale density structure is largely unchanged by the 
stellar feedback, and the adjacent filaments remain cool since they are optically thick 
to the incident radiation. H 2 cooling produces more centrally concentrated objects, 
and the dynamical stellar feedback destroys the baryonic structure in ~1O 6 M halos. 
Kinematic feedback from SNe has an even larger effect on the surrounding gas. In 
SimB-SN, this effect is seen in the reduced small-scale structure and low-mass halos 
with no gas counterparts. However, the most apparent difference in the radiative 
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Fig. 7.5. — Density- squared weighted projections of gas density (left) and temperature 
(right) of Sim A. The field of view is 8.5 proper kpc (1/216 of the simulation volume) 
and the color scale is the same for all simulations. 
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Fig. 7.6. — Same as Figure [731 but for Sim B. 
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Fig. 7.7. — (a) Averaged emissivity in units of ionizing photons per baryon per Hubble 
time that is calculated from the star formation rate in Figure I7.21 (b) Mass-averaged 
ionization fraction of the inner 250 (300) comoving kpc for SimA (SimB). (c) Volume- 
averaged ionization fraction for the same runs. 



simulations is the IGM heating by Pop III stars, especially in SimB-SN. 
7.4.1 UV Emissivity 

A key quantity in reionization models is volume-averaged emissivity of ionizing radi- 
ation. We utilize the comoving SFR p\ to calculate the proper volume-averaged UV 
emissivity 

e = (7.1) 

Pb 
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in units of ionizing photons per baryon per Hubble time. Here Qm is the number 
of ionizing photons emitted in the lifetime of a star per solar mass, ~ 2 x 10~ 7 
cm -3 is the comoving mean number density, and 

is the Hubble time in a Einstein de-Sitter universe, which is valid for ACDM cosmology 
at z > 1. For Pop III stellar masses greater than 100 M , Qhi ~ 10 62 ph otons per 



solar mass, corresponding to 84000 ionizing photons per stellar proton (ISchaerer 



20021 ). We plot the emissivity e in Figure 17.7a . It follows the same behavior as 
the SFR, but now can be directly used in semi-analytic reionization models. The 
emissivity increases from unity at redshift 30 to ~100 at the end of our simulations. 
Our results agree with the emissivity calcula t ed in semi-analytic models that include 



Pop III stars (e.g. lOnken fc Miralda-Escuda . 12004 ). 



7.4.2 Effective Number of Ionizations per UV Photon 

Although there are approximately 50 photons emitted per baryon at the end of the 
RT simulations, the simulation volumes remain are approximately 25% ionized. We 
show the mass-averaged and volume-averaged ionization fraction within the innermost 
initial grid in Figures [7.7b and 17.7b . At z > 20, the ionization fraction is ~10% with 
occasional sharp increases that happen when a star ignites. In the star formation only 
runs, the volume only becomes slightly more ionized even though the emissivity is 
increasing at a faster rate. This happens because of the strong recombinations in the 
inhomogeneous IGM and th e partial containment o f H II regions in host halos with 



masses greater than 10 7 M . iKitayama et al.l (120041 ) provided a useful approximation 
of the critical halo mass 

/ M \ 3/4 /l 4- z\~ 3 / 2 

AC? ~ 2.5 x 10 6 ±— — — ) M , (7.3) 

cnt V2OOM / V 20 J ° K J 

in which an ionization front (I-front) cannot escape. This approximation is valid for 
stellar masses between 80 and 500 M , redshifts between 10 and 30, and singular 
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Redshift 

Fig. 7.8. — Top panels: Total number of ionizing photons emitted (thick lines) and 
total number of electrons (thin lines) for simulations with cooling only (dotted blue), 
star formation only (solid black), and supernovae (dashed red) in the inner 250 and 
300 comoving kpc for SimA (left) and SimB (right). The H II regions are completely 
contained in these volumes. Bottom panels: The ratio of total number of electrons to 
the total number of ionized photons emitted. 

isothermal spheres. Our simulations exhibit this same trait in which I-fronts only 
partially breakout from the host halo above this mass scale. 

In the SN runs, the mass- and volume-averaged ionization fractions dramatically 
increase to 0.2 and 0.75 between z = 21 and 18. At this time, three stars form in 
succession in the most massive halo. After the first star goes SN, a diffuse and hot 
medium is left behind, but the blastwave has not completely disrupted two other 
nearby condensing clumps. The radiation from the second star now does not have to 
ionize its host halo and has an escape fraction of near unity. The same happens for 
the third star in this halo. The combination of the radiation and SN explosions from 
this stars create a sharp IGM ionization transition that is three times more ionized 
than before this event. 

To examine the strength of recombinations, we compare the total number of elec- 
trons to the total number of ionizing photons emitted in Figure 17.81 The ratio of 
these two quantities is the number of UV photons needed for one effective ionization. 
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Redshift 



Fig. 7.9. — Clumping factor C = (p 2 )/(p) 2 for SimA (left) and SimB (right), com- 
paring the cases of the adiabatic equation of state (dot- dashed), atomic hydrogen and 
helium cooling (dotted), star formation only (solid), and supernovae (dashed). 



This ratio is approximately two after the first star dies. The total number of electrons 
remains basically constant with the increasing SFR that drives this ratio to ~50 at 
redshifts less than 20. The effects of SNe as previously discussed increases the number 
of electrons by a factor of 3, but effective ionizations per UV photons is still quite 
low ~1/10. 

7.4.3 Clumping Factor Evolution 

Volume averaged recombination rates in an inhomogeneous IGM scale with the clump- 
ing factor C = (p 2 )/{p) 2 , where the angled brackets denote volume averaged quanti- 
ties. The recombination rate for hydrogen, e.g., is simply 

= Ck TCC f e p b (l + z) 3 , (7.4) 

where k rec is the case B recombination rate for hydrogen at T pa 10 4 K. Both the 
increased recombinations in overdense regions and photon escape fractions lower than 
unity result in the high number of UV photons needed for one effective ionization that 
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we see in our simulations. 

Figure 17.91 compares the clumping factor in the adiabatic, cooling only, star for- 
mation, and supernovae calculations. Since we resolve the local Jeans length by at 
least 4 cells in all simulations, the clumping factor is not underestimated, given our 
assumptions about gas cooling in each model. The RT and SN calculations capture 
the full evolution of the clumping factor since gas can fully condense by H 2 cooling 
in the pristine gas, accurately following the small-scale structure at low metallicities 
and high redshifts. 

The clumping factor in the adiabatic case smoothly increases to ~40 at z = 17 
from unity at z > 30 because of the increase in number density of halos with masses 
above the cosmological Jeans mass. The cooling run only deviates from the adiabatic 
case when the most massive halo can start cooling by Lya cooling, and the center 
begins a free-fall collapse, which causes the rapid increase in C. The clumping factor 
in the star formation only simulations become larger than the other simulations as 
several halos start to condense by H 2 cooling. The clumping decreases as these central 
concentrations are disbanded by stellar radiation. The combination of collapsing halos 
and stellar radiation generates fluctuations in the clumping factor around twice the 
value in the adiabatic case. SN explosions disperse gas more effectively than radiative 
feedback alone in larger halos and can have a bigger impact on the clumping factor. 
At redshift 20, the three stars and their SNe energy in the most massive halo destroy 
the surrounding baryonic structures and reduce the clumping back to the values seen 
in non-radiative cases. 

We show the clumping factor C- loIl in ionized regions above f e > 10~ 3 in Figure 
17.101 It fluctuates around and slightly below the values found in adiabatic simulations. 
When an H II is still confined within its parent halo, the ionized material is still at 
high densities that causes the spikes in C lon . As the shock wave caused by the stellar 
radiation propagates into the IGM, baryon expulsion and photo-evaporation of small 
gas clumps in the H II regions cause C- mri to decrease. This repeats as star formation 
ensues and causes the fluctuations in C lon . 
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Fig. 7.10. — Clumping factor in ionized regions with f e > 10 3 for SimA (left) and 
SimB (right). The line styles are the same as in Figure U~M 



7.4.4 Kinetic Energy Feedback 



SN explosion energy and kinetic energy generated in D-type I-front play a key role in 
star formatio n in low-mass halos, which are easily a f fected due to their sh allow poten- 
ti al well (e.g. 



al. 



2004 



Haehnelt 



1995 



Bro mm fe Loebl. 



2003 



Whalen et al. 



2004; Kitayama et 



Kitayama fe Yoshidal . 120051 ). The kinetic energy created by SNe is sufficient 
to expel the gas from these low-mass halos. For example, the binding energy of a 
1O 6 M halo is only 2.8 x 10 50 erg at z = 20, which is t wo orders of magnitude sm aller 



than a typical energy output of a pair instability SN (jHeger fe Woosleyl . 120021 ). For 
a T vir > 10 4 K halo at the same redshift, it is 9.4 x 10 52 erg. With our chosen stellar 
mass of 170 M , it takes 3-4 SNe to overcome this potential energy. 

The shock wave created by the D-type I-front travels at a velocity v s = 25 - 35 km 
s" 1 for density gradients (i.e. p(r) oc r~ w ) with slopes between 1.5 and 2.25 f Shu et 



al., 



200 



2: 



Whalen et al 



s 


(i.e. o\ 


• ) 


2004 





velocity for halos with masses greater than 3 x 1O 8 M at z = 15, which is an order of 
magnitude greater than the most massive halos studied here. However less massive 
halos can contain these I-fronts because pressure forces slow the I-front after the star 
dies. 
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Using the position of the shock wave when the star dies (eq. 17. 6j) and energy 
arguments, we can estimate the critical halo mass where the material in the D-type 
I-front can escape from the halo by comparing the binding energy of the halo and 
kinetic energy in the shell. For most massive stars, the shock wave never reaches the 
final Stromgren radius, 



R 



str 



150 



iVi 



1/3 



HI 



10 50 ph s 



-i 



1 cm 



-3 



-2/3 



pc, 



(7.5) 



before the star dies. Here Nm is the ionizing photon rate of the star, and n/ is the 
number density contained in this radius. After the lifetime of the star, the shock 
reaches a radius 



-R, — 83 



30 km s" 1 / \2.7Myr J 



pc 



(7.6) 



where £* is the stellar lifetime (see also iKitayama et all [200J). We can neglect 
isolated, lower mass (M <, 30M Q ) Pop III stars whose shock wave reaches R str within 
its lifetime. In this case, the I-front stops at R s t T , and the shock wave beco mes a 



press ure wave that has no associated density contrast in the neutral medium (jShul . 
19921 ). Thus we can safely ignore these stars in this estimate. 

Assume that the source is embedded in a single isothermal sphere. The mass 
contained in the shell is 



{n b /n M ) M vir r s 



- V s pi 



(7.7) 



that is the mass enclosed in the radius R s in an isothermal sphere, corrected for the 
warm, ionized medium behind the I-front. Here V s is the volume contained in a sphere 



density is 1 cm 3 for stellar feedback from a massive primordial star 


Whalen et al.. 


2004; 


Kitavama et al.. 


2004; 


Yoshida et al.. 


2006a: 


Abel et all 


2007 


). For massive 



stars (M* > 3OM ), the mass of the central homogeneous medium is small (i.e. 10%) 
compared to the shell. We compensate for this interior mass by introducing the 
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fraction T], so the shell mass is simply 

M sw = r] . (7.8) 

For these outflows to escape from the halo, the kinetic energy contained in the shell 
must be larger than the binding energy, which is 

W > 9Mk. (7. 9) 

vir 

Using equations (17.61) and (17.81) in this condition, we obtain the maximum mass 



Mnax ~ 



r s v 2 s Q h 



M max ~ 3.20 x 10 



lOOpc/ V30 km s- 1 
7] \ f tt b /tt M x 



0.9/ V 0.17 



M (7.10) 



of a halo where the material in the shock wave becomes unbound, expelling the 
majority of the gas from the halo. 



In Figure IT. 11[ we use the stellar lifetimes and ionizing luminosities from 



Schaerer 



( 120021 ) to calculate the critical halo mass for outflows for stellar masses 5 - 5OOM and 
for shock velocities of 20, 25, 30, and 35 km s _1 with rj = 0.9. For stellar masses 
smaller than 3OM , the D-type I-front reaches the final Stromgren sphere and cannot 
expel any material from the host. Hence they are not plotted in this figure. For the 
more massive stars, the star dies before the D-type I-front can reach the Stromgren 
radius, thus being limited by t*. This maximum halo mass is in good agreement with 
our simulations as we see halos with masses greater than 5 x 10 6 M Q retaining most of 
their gas in the star formation only cases. However in larger halos, stellar sources still 
generate champagne flows, but this material is still bound to the halo and returns in 
tens of million years. 
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Fig. 7.11. — Maximum halo mass in which a D-type ionization front can create 
outflows as a function of primordial stellar mass for shock velocities v s of 20, 25, 30, 
and 35 km s _1 . Here the fraction r\ of mass contained in the shell is 0.9. 



7.4.5 Thermal Energy 

Thermal feedback is yet another mechanism by which Pop III stars leave their imprint 
on the universe. The initial h eating of the IGM will c ontinue and intensify from higher 



2003 



Qnken fc Miralda-Escude 



SFRs at lower redshifts (e.g. iHernquist fc Springe! . 
20041 ). It is possible to constrain the reionization hi story by compa r ing te mperatures 
in the Lya forest to different reionization scenarios (IHui fc Haimanl. I2003T). Tempera 
tures in the Lyq 



brest arc approximately 20.000 K at z = 3 — 5 (Schaye et al. 



2000 



Zaldarriaga et all |2001| ). Although our focus was not on redshifts below 15 due to 
the uncertainty of the transition to the first low-mass metal-enriched (Pop II) stars, 
we can utilize the thermal data in our radiation hydrodynamical simulations to infer 
the thermal history of the IGM at lower redshifts. 

The excess energy from hydrogen ionizing photons over 13.6 eV photo-heat the 
gas in the H II region. The mean temperature within H II regions in our calculations 
is ~30,000 K. When the short lifetime of a Pop III star is over, the H II region cools 
mainly through Compton cooling off the cosmic microwave background. The same 
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Fig. 7.12. — Evolution of the volume-averaged temperature in the inner 250 and 300 
comoving kpc for Sim A (left) and Sim B (right), respectively. The simulations for the 
adiabatic (green dot- dashed), cooling only (blue dotted), star formation only (black 
solid), and supernovae (red dashed) simulations are plotted. 



framework applies to SNe remnants as well. The timescale for Compton cooling is 

*c = 1-4 x 10 7 f^yv. (7.11) 

This process continues until the gas recombines, and Compton cooling is no longer 
efficient because of its dependence on electron fraction. Radiation preferentially prop- 
agates into the voids and leaves the adjacent filaments and its embedded halos vir- 
tually untouched. Hence we can restrict the importance of Compton cooling to the 
diffuse IGM since Compton cooling cools the gas to low temperatures without being 
impeded by recombinations that are proportional to n 2 e . This causes the relic H II 
region to cool to temperatures down to 300 K. The temperature e yolution in our 
radia tive calculations agrees with the analytic models of relic H II ( lOh &: Haimanl . 
2003( 1 . 

We plot the volume-averaged temperature (T) v and mass-averaged temperature 
(T) m in the volume where we allow star formation, i.e. the inner 250 (300) comoving 
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kpc, in Figures 17.121 and 17. 131 The first star in the calculations raises the volume av- 
eraged temperatures to ~100 K. The mass-averaged temperatures are slightly higher 
at ~125 K since the star has heated a larger fraction of mass, its host halo, when com- 
pared to the volume of the H II region. The supernovae calculations are even higher 
due to the hot SN bubble that has an initial temperature of 10 s K. The high initial 
temperature causes the mass-averaged temperature in the SN simulations to spike 
when SNe occur to several times higher than the RT simulations. Afterwards the 
remnant cools from Compton and adiabatic processes as it expands to temperatures 
similar to the RT simulations. 

Because photo-heating is confined to the H II regions, the trends seen in average 
temperatures follows the same behavior as the ionization fraction with the excep- 
tion of the spikes associated with SNe. In the RT simulations, the volume-averaged 
temperature rises gradually from 60 K to ~200 K from redshifts 25 to 15. The mass- 
averaged temperature increases more than (T) v because of the photo- heating of the 
host halo and virial heating of the halos, which is the cause of the increase in the 
simulations without star formation. Without SNe, (T) m is only up to two times the 
temperatures in the no star formation runs. Both (T) v and (T) m in the SN calcu- 
lations exhibit a sharp transition to higher temperatures around 4000 K at z = 21, 
corresponding to the same transition to a more ionized state of f e = 0.75. 

The photo-heating is better represented by the average temperature (T)^ on in 
ionized regions, which is plotted in Figure 17.14b . The first few stars heat the gas up 
to 20,000 K that then cool by adiabatic expansion and Compton cooling. When star 
formation occurs in several halos and the ionized filling fraction increases, the average 
temperature fluctuates around 4000 K because there are both active and relic H II 
in the simulation, causing (T)^ on to be lower than 20,000 K that happens during the 
formation of the first few H II regions. The increased temperatures cause the photo- 
evaporated and Jeans smoothing of the gas in the relic H II regions. We discuss these 
effects in the next section. 
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Fig. 7.13. — Same as Figure I7TT21 but for the mass-averaged temperature. 



7.5 Discussion 

We have studied the details of massive metal-free star formation and its role in the 
start of cosmological reionization. We have treated star formation and radiation in 
a self-consistent manner, allowing for an accurate investigation of the evolution of 
cosmic structure under the influence of early Pop III stars. Stellar radiation from 
these stars provides thermal, dynamical, and ionizing feedback to the host halos and 
IGM. Although Pop III stars do not provide the majority of ionizing photons needed 
for cosmological reionization, they play a key role in the early universe because early 
galaxies that form in these relic H II regions are significantly affected by Pop III 
feedback. Hence it is important to consider primordial stellar feedback while studying 
early galaxy formation. In this section, we compare our results to previous numerical 
simulations and semi-analytic models of reionization and then discuss any potential 
caveats of our methods and possible future directions of this line of research. 
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Fig. 7.14. — (a) The Jeans mass Mj and filtering mass Mp that can form bound 
objects. The squares denote the total mass of star forming halos in all three simu- 
lations, (b) Volume-averaged temperature in the ionized regions (f e > 10~ 3 ) that is 
used in computing the filtering mass. 



7.5.1 Comparison to Previous Models 

Filtering Mass 

One source of negative feedback is the suppression of gas accretion into potential wells 
when the IGM is preheated. The lower limit of the mass of a star forming halo is the 
Jeans filtering mass 



M 



2/3, 



3 
a Jo 



da'MT(a') 



1 



a 
a 



(7.12) 



wiieie u duu ivi 

(Gnedin & Hui, 


1 I' 

1998[ 


Gnedin, 


2000b) 



Gnedinl . l2000bl ). Additionally, the virial shocks are weakened if 
the accreting gas is preheated and will reduce the collisional ionization in halos with 
T vir > 10 4 K. To illustrate the effect of Jeans smoothing, we take the large H II region 
of SimB-SN because it has the largest ionized filling fraction, which is constantly 
being heated after z = 21. Temperatures in this region fluctuates between 1,000 K 
and 30,000 K, depending on the proximity of the currently living stars. In Figure 
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17.141 we show the volume-averaged temperature and the resulting filtering mass of 
regions with an ionization fraction greater than 10~ 3 along with the total mass of star 
forming halos. 



Gnedin ( I2000bl ) found the minimum mass of a star forming halo is better described 
by Mp instead of Mj. Our simulations are in excellent agreement for halos that are 
experiencing star formation after reincorporation of their previously expelled gas. 
The filtering mass is the appropriate choice for a minimum mass in this the 
halo forms from preheated gas. However for halos that have already assembled before 
they become embedded in a relic H II region, t he appropriate minimum mass M m \ v 



is on e that is regulated by the LW background (IMachacek et al. 



2001 



Wise fc Abel 



20051 ). This is evident in the multitude of star forming halos below Mp. With the 



exception of star formation induced by SN blast waves or I-fronts, this verifies the 
justification of using M min and Mp for Pop III and galaxy formation, respectively, as 
a criterion for star forming halos in semi-analytic models. 



Star Formation Efficiency 

Semi-analytic models rely on a star formation efficiency which is the fraction of 
collapsed gas that forms stars, to calculate quantities such as emissivities, chemical 
enrichment, and IGM temperatures. Low- mass halos that form a central star have 
~ 10~ 3 whose value originates from a single 100 M^ star f o rming in a dark matte r 



halo of mass 10 6 M & (lAbel et al. 



2002 



Bromm et al. 



2002 



Yoshida et al. 



2006bJ). 



Pop II star forming halos are usually calibrated with star formation efficiencies from 
local dwarf a nd high-redshift starburst galaxies and are usually on the order of a few 



Taylor et al 



1999 



Gnedin 



200(1 ) . 



percent (e.g. 

This leads to the question: how efficient is star formation in these high-redshift 
halos while explicitly considering feedback? This is especially important when halos 
start to form multiple massive stars and when metallicities are not sufficient to induce 
Pop II star form ation. The cr i tical metallicity for a transition to Pop II is still 



unclear. Recently. IJappsen et al. 



J2OO7I ) showed that metal line cooling is dynamically 
unimportant until metallicities of 10~ 2 Z Q . On the other hand, dust that is produced 



in SNe can generate efficient cooling down in gas with 10 6 Z & ( [Schneider et all 
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20061 ) . If the progenitors of the more massive halos did not result in a pair- instability 
SN, massive star formation can continue until it becomes sufficiently enriched. Hence 
our simulations can probe the efficiency of this scenario of massive metal-free star 
formation. 

We calculate /* with the ratio of the sum of the stellar masses to the total gas mass 
of unique star-forming halos. For example at the final redshift of 15.9 in SimA-RT, the 
most massive halo and its progenitors had hosted 14 stars and the gas mass of this halo 
is 2.6 x 10 6 M Q , which results in /* = 5.4 x 10~ 4 for this particular halo. Expanding 
this quantity to all star forming halos, /^/10~ 4 = 5.0, 4.1, 6.3 for SimA-RT, SimB-RT, 
and SimB-SN, respectively. Our efficiencies are smaller than the isolated Pop III case 
because halos cannot form any stars after the first star expels the gas, and 30 - 60 
million years must pass until stars can form again when the gas is reincorporated into 
the halo. /* is larger in the SN case because more stars form in lower mass halos. 
There are two reasons for this occurring. First, the positive feedback happens when 
SN blast waves induces star formation in low-mass satellite halos. Second, the local 
LW radiation field originating from the most massive halos has been reduced since 
star formation is suppressed from the SNe kinetic energy feedback. 

A better comparison can be made by using the same techniques used in semi- 
analytic models. Most models calculate the SFR by taking the product of /* and 
the collapsed mass fraction tp in halos above some minimum mass. We can calculate 
/* by taking the same approach but the inverse: determine /* from the SFRs in 
our calculations and by assuming a critical star-forming halo mass. We take the 
cumulative SFR p* ot (Fig. 17.1ft to calculate 

tot / \ 

/*(*) = l( u \ > ( 7 - 13 ) 
ip{z, M min ) p b 

where p& is the comoving mean gas density. As a simple example of a fixed minimum 
mass of a star forming halo, the collapsed mass fraction ip = 0.07 in 10 6 M & halos at 
redshift 15, usin g WM AP first year parameters and Press- Schetc her formalism f Press 



1974 



Sheth fc Tormen 



200J ). This results in /* = 1.5 x 10~ 3 and 



& Schechter, 

2.6 x 10~ 3 for the RT and SN calculations, respectively. The difference between the 
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two fractions merely comes from the different choices of primordial stellar masses. 
The efficiencies are lower than the explicitly calculated values because of our fiducial 
choice of the minimum mass of a star forming halo, which should be ~3 x 1O 5 M 
when the U V background is insignificant and increasin g with redshift by an order of 



magnitude (IMachacek et al. 



2001 



Wise fe Abel 



20051 ). It should be noted that this 



approach is sensitive to the choice of minimum mass, arising from the exponential 
nature of the collapsed mass fraction of high-a peaks in Press-Schetcher formalism. 

By regarding the feedback created by Pop III stars and associated complexities 
during the assembly of these halos, the /* values of ~5 x 10 -4 that are explicitly 
determined from our radiation hydrodynamical simulations provide a more accurate 
estimate on the star formation efficiencies. 



Intermittent & Anisotropic Sources 

Our treatment of star formation and feedback produces intermittent star formation, 
especially in low-mass halos. If one does not account for this, star formation rates 
might be overestimated in this phase of star formation. Kinetic energy feedback is 
the main cause of this behavior. As discussed in sections 17.3.21 and 17.4.41 shock waves 
created by D-type I-fronts and SN explosions expel most of the gas in halos with 
masses <, 10 7 M Q . A period of quiescence follows these instances of star formation. 
Then stars are able to form after enough material has accreted back into the halo. 
Only when the halo becomes massive enough to retain most of the outflows and cool 
efficiently through Lya and H2 radiative processes does star formation becomes more 
regular with successive stars forming. 

The central gas structures in the host halo are usually anisotropic as it is acquiring 
material through smooth IGM accretion and mergers. At scales smaller than 10 
pc, the most optically thick regions produce shadows where the gas radially behind 
the dense clump is not photo-ionized or photo-heated by the source. This produces 
cometary and so-called elephant trunk structures tha t are also seen in local star 
forming regions and have been discussed in detail since iPottaschl (119581 ) . At a larger 
distance, the surrounding cosmic structure is composed of intersecting or adjacent 
filaments and satellite halos that break spherical symmetry. The filaments and nearby 
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z = 19.4, M hd0 = 1.2x10 7 M s 
SimB-RT 




Fig. 7.15. — Density (left) and temperature (right) slices of an anisotropic H II region 
in the most massive halo of SimB-RT. The star has lived for 2.5 Myr out of its 2.7 
Myr lifetime. The field of view is 900 proper parsecs. 



halos are optically thick and remain cool and thus the density structures are largely 
unchanged. The entropy of dense regions is not increased by stellar radiation and will 
feel little negative f eedba ck from an entropy floor that only exists in the ionized IGM 
(cf. 



Oh fc Haiman. 



20031 ). Ray-tracing allows for accurate tracking of I-fronts in this 



inhomogeneous medium. Radiation propagates through the least optically thick path 
and generates champagne flow s that have been studied extensively i n the context of 
present day star f orma tion (e.g. 



Franco et al. 



1990 



Churchwell . 



2002 



Shu et al. 



2002; 



Arthur fc Hoare. 



20061 ). In the context of massive primordial stars, these champagne 



flows spread into the voids and are impeded by the inflow i ng fil a ment s . The resulting 



H II regions have "butterfly" morphologies (lAbel et al. 



2006a 



Mellema et al. 



2006 



Yoshida et al. 



1999, 



20071 : 



Alvarez et al. 



2006al ). We also point out that sources 



embedded in relic H II largely maintain or increase the ionization fraction, depending 
on the overdensities in the nearby IGM. Here the already low optical depth of the 
recently ionized medium (within a recombination time) allows the radiation to travel 
to greater distances than a halo embedded in a completely neutral IGM. The H II 
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regions become increasingly anisotropic in higher mass halos. We show an example 
of an H II region near the end of the star's lifetime in a dark matter halo with mass 
1.2 x 1O 7 M in Figure [713 



7.5.2 Potential Caveats and Future Directions 



Although we have simulated the first generations of stars with radiation hydrodynamic 
simulations, our methods have neglected some potentially important processes and 
made an assumption about the Pop III stellar masses. 

One clear shortcoming of our simulations is the small volume and limited statistics 
of the objects studied here. However, it was our intention to focus on the effects of 
Pop III star formation on cosmological reionization and on the formation of an early 
dwarf galaxy instead of global statistics. We have verified even in a 3-0 peak that 
Pop III stars cannot fully reionize the universe, which verified previous conclusions 
that low-luminosity galaxies provide the majority of ionizing photons. Furthermore, 
it is beneficial to study Pop III stellar feedback because it regulates the nature of 
star formation in these galaxies that form from pre-heated material. Further radia- 
tion hydrodynamics simulations of primordial star and galaxy formation with larger 
volumes while still resolving the first star forming halos of mass ~3 x 10 5 M Q will 
improve the statistics of early star formation, especially in more typical overdensities, 
i.e. 1-cr peaks that may be survive to become dwarf spheroidal galaxies at z — 0. 

In this work, we treated the LW radiation field as optically thin, but in reality, 
H 2 prod uces a non-zero optical depth above column densities of 10 14 cm" 2 f Draine & 



Bertoldi. Il996l ). Conversely, Doppler shifts of the LW lines arising from large velocity 
anisotropies and gradient ma y render self-shield ing unimportant up to column 
densities of 10 20 — 10 21 cm" " 2 JGlover & Brand! boOlk If self- shielding is important, 
it will lead to increased star formation in low-mass halos even when a nearby source 
is shi ning. Moreover. H9 production can also be catalyzed ahead of I-fronts f Ricotti 



et al., 



2001 



; lAhn &: Shapiro 



20071 ). In these halos, LW radiation will be absorbed 



before it can dissociate the central H 2 core. On the same topic, we neglect any type of 
soft UV or LW background that is created by sources that are cosmologically nearby 
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(Az/z ~ 0.1). A soft U V background either c reates positive or negative feedback 



depending on its strength (IMesigner et al. 



minimum halo mass o f a star-forming halo (IMachacek et al. 



200 6]), and a LW background increases the 



2001 



Yoshida et al. 



2003 



Wise fe Abel 



2007b! ) . However in our calculations, the lack of self-shielding, which 



suppresses star formation in low-mass halos, and the neglect of a LW background, 
which allows star formation in these halos, virtually counterbalance each other. Hence 
we do not expect any significant deviations in the SFRs and reionization history if 
we treat these processes explicitly. 

To address the incident radiation and the resulting UV background from more 
rare density fluctuations outside of our simulation volume, it will be useful to bridge 
the gap between the start of reionization on Mpc s cales to larger s cale ( 10 - 100 
M pc) simulations of reionization. such as the work of 



Sokasian et al 



(2003), Iliev et 



al. (120061 ). IZahn et al.l (120071 ). and iKohler et al.l (120071 ). Radiation characteristics from 
a volume that has similar overdensities as our Mpc-scale simulations can be sampled 
from such larger volumes to create a radiation background that inflicts the structures 
in our Mpc scale simulations. Inversely, perhaps the small-scale evolution of the 
clumping factor, filtering mass, and average temperature and ionization states can be 
used to create an accurate subgrid model in large volume reionization simulations. 

Another potential caveat is the continued use of primordial gas chemistry in metal 
enriched regions in the SN runs. As discussed in §7.5. H metal line cooling may be 
dynamically unimportant until metallicities of 10~ 2 Z & , but dust cooling could be 
important as low as 1O _6 Z . Our simulations with SNe give excellent initial conditions 
to self-consistently treat the transition to low-mass star formation. In future work, we 
plan to introduce metal-line and dust cooling models (e.g. from lGlover fc Jappsen . 
20071 ) to study this transition. 

The one main assumption about Pop III stars in our calculations is the fixed, 
user-defined stellar mass. The initial mass function (IMF) of these stars is largely 
unknown, therefore we did not want to introduce an uncertainty by choosing a fiducial 
IMF. It is possible to calculate a rough estimate of the stellar mass by comparing the 
accre tion rates and Kelvin- Helmholtz time of the contracting molecular cloud ( Abel 



et al. 



2002 



Q'Shea et al 



20051 ). Protostellar models of primordial stars have also 
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shown that the zero- age main sequence (ZAMS) is reached at 1 00 for typical 



accretion histories a 



2003 



Yoshida et al. 



ter the star halts its adiabatic contraction (lOmukai fc Pall. 



la, 



2006b! ) . Based on accretion histories of star forming halos, one 



can estimate the ZAMS stellar mass for each halo and create a more self-consistent 
and ab initio treatment of Pop III star formation and feedback. 



7.6 Summary 



We conducted three radiation hydrodynamical, adaptive mesh refinement simulations 
that supplement our previous cosmological simulations that focused on the hydrody- 
namics and cooling during early galaxy formation. These new simulations concen- 
trated on the formation and feedback of massive, metal-free stars. We used adaptive 
ray tracing to accurate track the resulting H II regions and followed the evolution of 
the photo-ionized and photo-heated IGM. We also explored the details of early star 
formation in these simulations. Theories of early galaxy formation and reionization 
and large scale reionization simulations can benefit from the useful quantities and 
characteristics of the high redshift universe, such as SFR and IGM temperatures and 
ionization states, calculated in our simulations. The key results from this work are 
listed below. 

1. SFRs increase from 4 x 10" 4 at redshift 30 to 6 x 10~ 3 M Q yr" 1 Mpc~ 3 at 
redshift 20. Afterwards the SFR begins to have a bursting nature in halos more 
massive than 10 7 M Q and fluctu ates around 10~ 2 M^ yr -1 M pc" 3 . These rates are 
larger than the ones calculated in lHernquist fc Springell (120031 ) because our simulation 
volume samples a highly biased region that contains a 3-a density fluctuation. The 
associated emissivity from these stars increase from 1 to ~100 ionizing photons per 
baryon per Hubble time between redshifts 15 and 30. 

2. In order to provide a comparison to semi-analytic models, we calculate the star 
formation efficiency to be ~5 x 10~ 4 averaged over all redshifts and the simulation 
volume. For Pop III star formation, this is a factor of two lower than stars t 



not affected by feedback (lAbel et al. 



O'Shea fc Normanl . 



2002 



Bromm et al. 



2002 



Yoshida et al. 



rat are 



2006b 



20071 ). 
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3. Shock waves created by D-type I-fronts expel most of the gas in the host halos 
below ~5 x 10 6 M Q . Above this mass, significant outflows that are still bound to the 
halo are generated. This feedback creates a dynamical picture of early structure for- 
mation, where star formation is suppressed in halos because of this baryon depletion, 
which is more effective than UV heating or the radiative dissociation of H2. 

4. We see two instances of induced star formation in low-mass (~5 x 1O 5 M ) 
satellite halos that recently had a SN blastwave overtake it. Central temperatures 
in these halos are half the central temperatures of star forming halos with similar 
masses. 

5. Although the volume-averaged emissivities are high, only 1 in 50 UV photons 
result in a sustainable ionization in the RT simulations. Interestingly, the SN cal- 
culations contain a sharp transition where the volume filling fraction increases by a 
factor of three in a mere 25 million years. Multiple star formation in a single halo and 
their SNe increase the photon escape fraction to nearly unity after the first star dies, 
which leads to the dramatic increase in ionized IGM. In this simulation, the effective 
number of ionizations per UV photon is 1 in 10, which is still small but significantly 
higher than its star formation only counterpart. 

6. Our simulations that include star formation and H 2 formation capture the entire 
evolution of the clumping factor that is used in semi-analytic models to calculate the 
effective enhancement of recombinations in the IGM. We showed that clumping factors 
in the ionized medium fluctuate around the values found in adiabatic simulations. 
They evolve from unity at high redshifts and steadily increase to ~100 at redshift 15. 
Dynamical stellar feedback causes the fluctuations of the clumping factor. 

7. We calculated the Jeans filtering mass with the volume-averaged tempera- 
ture only in fully and partially ionized regions, which yields a better estimate than 
the temperature averaged over both ionized and neutral regions. The filtering mass 
depends on the thermal history of the IGM, which mainly cools through Compton 
cooling. It increases by two orders of magnitude to ~3 x 10 7 M Q at z ~ 15. It de- 
scribes the minimum mass a halo requires to collapse after hosting a Pop HI star. F or 



halos forming their first star, the minimum mass found in iMachacek et al.l (j200ll ) is 
appropriate, which is regulated by a LW background. 
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Pop III stellar feedback plays a key role in early star formation and the beginning of 
cosmological reionization. The shallow potential wells of their host halos only amplify 
their radiative feedback. Our understanding of the formation of the oldest galaxies 
and the characteristics of isolated dwarf galaxies may benefit from including the 
earliest stars and their feedback in galaxy formation models. Although these massive 
stars only partially reionized the universe, their feedback on the IGM and galaxies 
is crucial to include since it affects the characteristics of low-mass galaxies that are 
primarily responsible for cosmological reionization. Harnessing observational clues 
about reionization, observations of local dwarf spheroidal galaxies, and numerical 
simulations that accurately handle star formation and feedback may provide great 
insight on the formation of the first galaxies, their properties, and how they completed 
cosmological reionization. 



Chapter 8 



Conclusions and Future Work 



The first stars in the universe form in isolation in their parent dark matter halos with 
m asses ~10 6 M^. starting as early as 100 million years after the Big Bang f Tegmark et 
al.. 



1997:lAbel et al. 



2002 



Yoshida et al 



2006bl ). Because big bang nucleosynthesis 



does not create anything heavier than lithium, the first stars are mainly composed of 
hydrogen and helium. The most efficient coolant in this pristine gas is H2, forming 
in the gas-phase. Because of the differences in radiative cooling of metal-free gas, the 
first stars are approximately 100 times more massive than the Sun (lAbel et all |2002| ) 
and have a large impact on their surroundings and future structure formation. 

The purpose of this thesis has been to assess this impact on early galaxies. We 
have methodically approached this problem by introducing each piece of the puzzle 
progressively. In general, this allows one to judge the relevance of each physical 
process; in our case, we have learnt about the importance of turbulence, radiative 
feedback, H2 formation, and Pop III stars in the early universe and how they affect 
the first galaxies. Low- l uminosity galax ies have been known to be responsible to 
reionize the universe (e.g. IShapirol . Il986l ). Thus their properties and formation have 
been of great interest for the past few decades. Only in the last decade has it been 
possible to study these galaxies in numerical simulatio ns with adequate resolution. 



The cosmological simulations of 



Abel et al 



(120001 . |2002| ) first resolved the formation 



of the first protostar with AMR calculations that covered 10 12 orders of magnitude in 
length scale. Star formation and feedback in galaxies before reionization (z > 6) have 
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been explored by iGnedin fc Ostrikerl (119971 ) 



Ricotti et al. 



(12002 



Furthermore, some have argued that cooling is unimportant (jOh fc Haiman 



j), and many others . 



2002 



Ciardi fc Ferrara 



2005 



Haiman fc Bryanl . 120061 ) in early structure formation as it can 



be dissociated from large distances and have thus ignored the effects of primordial 
stellar feedback. This thesis attempts to bridge the gap in between these calculations 
of the first stars and early galaxies and how the isolated mode of primordial star 
formation transitions to dwarf galaxy formation. Additionally, we have explored the 
validity of neglecting H2 formation and the ensuing scenario of galaxy formation 
without H2 chemistry, which has been frequently used in galaxy formation models in 
the early universe. 



8.1 Supernovae from Primordial Stars 



We developed a semi-analytical method that calculates the abundances of primordial 
stars and the observed SNe rates. This method uses results from AMR simulations 
that determines the minimum halo ma ss of an object t h at ca n host a cool, dense 
core, which then forms a Pop III star (IMachacek et al.l . 120011 ). We find that star 
formation in early galaxies contri bute the most to cosmological reionization, which is 



in ag reement with other studies (ICen 



2003al : 



Somerville fc Livio 



2003 



Ciardi et al 



20031 ). The main conclusions of this study are: 



Radiation from star formation in protogalaxies suppresses primordial star for- 
mation. We expect ~0.34 primordial SNe per square degree per year. These 
rates can vary from 0.1 to >1.5 deg -2 yr _1 depending on the choice of primor- 
dial stellar mass and protogalaxy parameters while still constrained by WMAP 
results. The peak of SNe rates occurs earlier with increasing primordial stellar 
masses. These results are upper limits since the rate of visible primordial SNe 
depends on the IMF because only a fraction will lie in the pair instability SNe 
mass range. The other massive primordial stars might result in jet-driven SNe 
or long duration GRBs. 



• Stellar metal abundances and star formation rates in local dwarf galaxies aid 
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in estimating the protogalaxy properties. Our best models find that 4% of the 
gas form stars and 5% of their radiation escapes into and reionizes the IGM. 

• Primordial stars enrich the IGM to a maximum volume-averaged [Fe/H] ~ -4.1 
if the IMF is skewed toward the pair-instability mass range. A proper IMF will 
lessen this metallicity since only a fraction of stars will exist in this mass range. 

• The entire error bar in the first year WMAP measurement of the optical depth 
to electron scattering can be explained by a higher/lower star formation effi- 
ciency and photon escape fraction. Massive primordial stars provides ~10% of 
the necessary ionizing photons to achieve cosmological reionization. No exotic 
processes or objects are necessary. 

• Only the upper mass range of pair-instability SNe will be observable by JWST 
since the low mass counterparts do not produce enough 56 Ni to be very luminous. 



8.2 Galaxy Formation without Molecular Hydro- 
gen 

Our first cosmological simulations in this thesis involved the scenario of galaxy for- 

temperature of 



orm have a viria' 



mation without H 2 cooling. The first objects to 
10 4 K, which translates to 1O 8 M at redshift 10 (jRees fc Ostriker . 



19771 ) . Previous 



works concluded that the angular momentum acq uired from tidal torques induces disc 
formation in the initial col 



1998 



1980 



Mo et al. 



apse of the gas cloud (IFall fc Efstathioul . 
Begelman et al.l . l2006l ). We investigate this scenario with AMR simulations that 
first focus on the virialization of such objects and then the central gaseous collapse. 
Our main results are as follows: 

• Baryons cannot virialize through heating alone but must gain kinetic energy 
that manifests in a faster bulk inflow and, in the case of efficient gas cooling, 
supersonic turbulent motions up to Mach numbers of three. We expect turbu- 
lence in larger galaxies, up to 1O 12 M , to be even more supersonic. 
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• Baryonic velocity distributions are Maxwellian, which shows violent relaxation 
occurs for gas as well as dark matter. Turbulent velocities exceed typical rota- 
tional speeds, and these halos are only poorly modeled as solid body rotators. 

• Turbulence generated during virialization mixes angular momentum so that it 
redistributes to a radially increasing function. This allows the gas with the 
lowest specific angular momentum to infall and form a ~1O 5 M central dense 
object within the central five parsecs. It forms before any multiple fragmenta- 
tion occurs in the global disc. 

• The final characteristics of the central object depend on the merger history of 
the parent halo because these mergers influence the amount of turbulence and 
morphologies in the halo. 

• Our simulations of the central collapse highlight the relevance of secular bar-like 
instabilities in galaxy formation, as well as star formation. Similar bar struc- 
tures are witnessed in primordial star formation simulations. These structures 
transport angular momentum outwards, so the collapse can continue. Smaller 
scale bars form within the larger bars, which shows the "bars within bars" sce- 
nario is also applicable to a gaseous collapse. We follow the collapse to length 
scales smaller than a solar radius and show that it follows a self-similar collapse 
with p oc r -12 / 5 . 

However, we do not advocate that these objects form in this way because we have 
neglected H2 cooling and primordial stellar feedback. We focused next on the key 
role of H 2 cooling in early galaxy formation. 

8.3 Importance of Molecular Hydrogen 



We conducted a suite of fourteen simulations that focused on the importance of 
H? cooling with variou s degrees of negative feedback. Our work is an extension of 
Machacek et al.l (120011 ). who showed that a LW radiation background only increases 
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the minimum mass a halo must obtain before forming stars but never fully suppressing 
primordial star formation. We made the following conclusions in these calculations. 

Our simul ations with an UVB of F LW = (0, 10" 22 , 1(T 21 ) agree with previous 



results of 



Machacek et al 



(|2001f ). Above F LW = 1(T 21 , it had been argued 
that a LW background would inhibit any H 2 formation until the halo could 
cool through atomic transitions. We showed t hat central shocks proy ide suffi- 
cient free electrons from collisional ionization (IShapiro fc Kangi . 119871 ) to drive 
H 2 formation faster than dissociation rates even in a Flw = 10~ 20 background. 

• We investigated at what halo mass collisional ionization becomes conducive for 
H 2 formation. This occurs at a virial temperature ~4000 K. Here we remove 
all residual free electrons from recombination, in which H 2 formation can only 
occur once collisional ionizations induce H 2 cooling. 

• Recent major mergers above this mass scale create complex cooling structures, 
unlike the non-fragmented central cores in smaller halos. 

• Even our most extreme assumptions of a large radiation background (-FLw = 
10~ 20 ) and no residual free electrons cannot defeat the importance of H 2 cooling 
in the early universe. 

Molecular hydrogen cooling triggers collapses in halos with virial temperatures 
well below 10 4 K. This increases the mass fraction contained in these halos by three 
times at redshift 20 and the abundance of high-redshift star fo rming halos by a n order 



Machacek et al. 



of magnitude! This chapter has strengthened the results of 
that H 2 cooling plays a key role in high-redshift structure formation. 



(2001) 



8.4 Primordial Stellar Feedback and the First Galax- 



ies 



The last iteration of the simulations pres ented in this thesi s inclu de accurate radia- 
tive transfer, using adaptive ray tracing (lAbel fc Wandeltl . |2002| ). We include self- 
consistent star formation and feedback in our simulations and use the same initial 
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conditions as before but only including these additional processes. We also track the 
SNe ejecta in one simulation and the propagation of the first metals in the universe. 
We find that primordial stars have a large impact on future galaxy formation and 
conclude with the following key points: 

• Dynamical feedback from Pop III stars expel nearly all of the baryons from 
low-mass host halos. The baryon fractions in star forming halos never fully 
recover even when it reaches a virial temperature of 10 4 K. The baryon fraction 
is reduced as low as ~0.05 with SNe feedback, three times lower than the cases 
without stellar feedback. 

• The expelled gas gains angular momentum by tidal torques as it exists at large 
radii. When it is reincorporated into the halo, it increases the spin parameter 
by a factor of 2-5 without SNe and up to 10 with SNe. 

• Radiative and SNe feedback produces a complex, multi-phase interstellar medium 
that resembles the conditions in larger galaxies. It is clear that the first and 
earliest galaxies are complex entities, contrary to their generally assumed sim- 
plicity due to their low masses. 

• Pair-instability SNe preferentially enrich the IGM to a metallicity an order of 
magnitude higher than the surrounding halos and filaments. 

• Once a SN explosion cannot totally disrupt its host halo, the mean metallicity 
fluctuates around a mean value as there may be a balance between SN outflows, 
cold inflows, and contained SN ejecta. 

8.5 Starting Cosmological Reionization 

We then addressed the impact of Pop III stellar radiation on cosmological reionization. 
Previous studies have shown that low-luminosity galaxies are mainly responsible for 
this, but the first stars must have at least started reionization. Our main conclusions 
about reionization by Pop III stars are listed below. 
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The comoving star formation rates (SFR) increase from 4x10 4 at redshift 30 to 
6 x 10" 3 M yr" 1 Mpc~ 3 at redshift 20. When halos become more massive than 
1O 7 M , stars form in a more bursting nature, whe re the SFR fluctuates a round 
10~ 2 M Q yr -1 Mpc~ 3 . These rates are larger than iHernquist Springell (120031 ) 
because our simulation volume samples a highly biased region that contains a 
3a density fluctuation. 

In order to provide a comparison to semi-analytic models, we calculate the 
star formation efficiency to be ~5 x 10~ 4 averaged over all redshifts and the 
simulation volume. For Pop III star formation, this is a factor of two lower 
than stars that are not affected by feedback. 

We see two instances of induced star formation in low-mass (~5 x 1O 5 M ) satel- 
lite halos that recently had a SN blastwave overtake it. Central temperatures in 
these halos are half the central temperatures of star forming halos with similar 
masses. 

Only 1 in 50 UV photons result in a sustainable ionization in our simulations 
without SNe. This ratio interestingly increases to 1 in 10 when we consider 
SNe. Here multiple star formation and their SNe increase the photon escape 
fraction to nearly unity after the first star dies, which allows later stars to more 
effectively ionize the IGM. 



We showed that the Jeans filtering mass (IGnedin fc Huil . Il998l ) is in excellent 
agreement with the star forming halos that are forming from reincorporated gas 
that was previously expelled by stellar and SNe feedback. This increases by two 
orders of magnitude to ~3 x 10 7 M^ at redshift 15. For h alos forming their first 
star, the minimum mass found in 



Machacek et al. 



(1200 ll ) is appropriate. 



8.6 Future Work 

We have included an accurate treatment of the formation and feedback of the first 
stars in the universe; however, there are still several important processes that we 
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have neglected and will include in future studies. In this thesis, we have treated the 
H 2 dissociating radiation as optically thin, but in realit y, H?. produces a non-zer o 
optical depth above column densities above 10 14 cm -2 (IDraine fc Bertoldil . Il996l ). 
Currently it is computationally prohibitive to ray-trace optically thin radiation, even 
with adaptive techniques, in cosmological simulations. This will undoubtedly im- 
prove as computational power relentlessly increases. However, this does not preclude 
us from devising an ingenious scheme to treat small- and large-scale radiation scales 
accurately and efficiently This will allow the study of many radiation sources in a 
cosmological or galactic setting. Perhaps this new method will be abstractly compa- 
rable to the adaptive P 3 M algorithm that efficiently computes the gravitational field 
at all length scales. 

Besides considering larger volumes with the same resolution, it will be useful to 
connect our simulations on Mpc-scales to larger volume simulations (10 - 100 Mpc) 
that focus on cosmological reionization. The properties of the radiation field in large- 
scale calculations can be sampled to a radiation background in our simulations. One 
must ensure that the sampled region in the large-scale calculations has similar over- 
densities as the Mpc-scale ones. We can also regard the inverse process of composing 
an accurate sub-grid model with the clumping factor, filtering mass, and average 
temperatures from our simulations to reionization simulations. 

Another necessary improvement to our simulations is the inclusion of metal-line 
and dust cooling. We already have the appropriate "initial conditions" for this as 
we track the heavy elements from SNe of massive, metal-free stars. Perhaps it will 
be possible to follow the transition from a top-heavy IMF of Pop III to a more 
regular Salpeter IMF, associated with metal-enriched Pop II stars. This requires the 
introducti on of metal-enriched cooling models, such as the ones described in Glover 



& Jappsen (120071 ) and lSmith fc Sigurdssonl (120071 1 

We note one last possible improvement in our simulations of removing the as- 
sumption of a fixed Pop III stellar mass. We c an estimate the stellar mass from th e 



accretion rates and the Kelvin-Helmholtz time (lAbel et al. 



2002 



Q'Shea et al. 



2005|) 



Alternatively, we could follow the collapse to stellar scales and include protostellar 
models to calculate where its radiation effectively suppresses further accretion, thus 
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giving an accurate estimate of the stellar mass. 

Even after centuries of development, there are still many unanswered questions in 
galaxy formation. In this thesis, we have demonstrated the importance of H 2 cooling 
and primordial star formation and feedback in early galaxy formation. Models of the 
first galaxies are necessary to interpret future observations of the earliest galaxies 
that should be available within the next decade. With the observations in hand, both 
theorists and observers will benefit from the wealth of knowledge contained in these 
data and their comparisons to accurate models of early galaxy formation. 
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